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Formation of Supermassive Black Hole Seeds in
the First Galaxies

Abstract

Frontier observations of quasars at redshifts z ≳ 6 suggest the existence of super-

massive black holes of masses ≃ 109 M⊙ when the Universe was less than a billion

years old. These objects most likely grew from smaller black hole seeds, although the

origin of these seeds still remains unclear. We investigate the process of formation and

evolution of supermassive black hole seeds in the first galaxies. First, we perform the

highest-resolution hydrodynamical simulation to date to analyze the formation of a

supermassive protostar of ≃ 0.1M⊙ at the center of an atomic cooling halo. We show

that, although the gas fragments and forms a protostellar system, the system still ac-

cretes mass at rates high enough to become a massive black hole seed within a few

hundred thousand years. Unfortunately, due to the high resolution achieved, these

simulations become prohibitively expensive after ≃ 20 yr and we are not able to follow

its development at later times. Instead, we describe the subsequent evolution using

analytical methods and a one-zone model. We deduce a mass-radius relation for the

growth of the protostar and utilize such relation to derive a sub-grid recipe for the ac-

cretion radius of sink particles in numerical simulations. Then, we use this sub-grid
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model in cosmological simulations where the maximum resolution has been limited

in order to follow the growth of the protostar for a longer time. We present a suite

of six simulations using three different thresholds for the resolution and two methods

to model the central object. Using this approach, we describe the early, intermedi-

ate, and late stages of the buildup of black hole seeds, from its formation as a massive

protostar of ≃ 10M⊙ and until it becomes a massive black hole seed of ≃ 105 M⊙. Fi-

nally, we complement this picture by adding the effect of radiative feedback from the

central source in the surrounding gas. We outline the implementation of the radiative

transfer equations in our hydrodynamical simulations and show preliminary results

of our calculations. Fully coupled radiation-hydrodynamical simulations will give us

a complete description of the assembly of supermassive black hole seeds in the early

Universe.
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1
Introduction

1.1 The first billion years

Reconstructing the whole history of the Universe is an extremely challenging task.

Hints provided by powerful ground- and space-based telescopes have shed light into

the early moments, allowing scientists to come up with a rough picture of the Uni-

verse from the Big Bang to the present day, depicted in Figure 1.1. The earliest ob-
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servational signature detected so far is located about 300000 years after the Big Bang

and is known as the cosmic microwave background (CMB, Spergel et al. 2003; Planck

Collaboration et al. 2014, 2016). Before that, the cosmic hydrogen was fully ionized

and the Universe was opaque to scattering by free electrons. Around that time the

temperature dropped below a few thousand degrees Kelvin, under which conditions

electrons and protons moved more slowly and attracted each other to form hydrogen,

a process known as recombination. As a consequence, scattering of energetic photons

was highly reduced and photons decoupled from baryonic matter. The photons that

were last scattered continued traveling in a straight line, only affected by cosmic ex-

pansion. As a result, their wavelength shifted to the microwave regime, leaving the

CMB as a relic signature of the epoch of last scattering at redshift z ≃ 1100.

The next set of deep observations of distant galaxies (Lehnert et al. 2010; Oesch

et al. 2016), quasars (Fan et al. 2006; Mortlock et al. 2011; Bañados et al. 2018), and

gamma-ray bursts (Tanvir et al. 2009; Salvaterra et al. 2009) takes us to when the

Universe was less than a billion years old . At that moment the Universe is composed

by stars, galaxies, and even supermassive black holes. This epoch is characterized by

strong radiative and mechanical feedback from the first objects that reionize the Uni-

verse, known as the epoch of reionization (EoR). The current constraints locate the

EoR within the redshift range z ≃ 6 − 15. Initially during the EoR, the intergalactic

medium (IGM) is neutral everywhere, except in the regions around the first objects.

As reionization progresses, an evolving patchwork of neutral (Hi) and ionized (Hii)

3



hydrogen unfolds, and, once a sufficient number of radiation sources form, the ionized

regions permeate to fill the whole Universe. This process provides an important mile-

stone: it marks the transition to an era in which the role of baryonic matter in the

formation and evolution of structures becomes prominent.

Between the CMB and the beginning of the EoR, the Universe enters a period

where it is completely dark to the human eye, the so-called dark ages. Very little

is known about this gap of several hundred thousand years, except by the fact that

this is when the first stars form, and the first generation of galaxies and supermassive

black holes (SMBHs) are assembled. The anisotropies of the CMB provide essential

information about the initial conditions for the formation of all these cosmic struc-

tures. In the current standard model of cosmology, so-called Lambda Cold Dark Mat-

ter (ΛCDM), structures form hierarchically through mergers of smaller DM halos into

increasing larger ones. The first “dark” objects are defined as halos with no star for-

mation and of very small masses, set by the initial thermal motion of DM particles.

The formation of the first luminous objects is much more complicated and requires a

variety of physical processes in addition to gravity. In particular, the first generation

of stars formed out of pristine gas constituted only by hydrogen and helium. These

objects completely transformed the early Universe through strong radiative and su-

pernova (SN) feedback: the buildup of Hii regions around stars initiate the process

of cosmic reionization, while explosions of SNe disperse heavy elements into the IGM.

Both reionization and the enrichment of primordial gas with metals play a crucial role

4



in the assembly of the first galaxies and the later evolution of the Universe. Therefore,

the properties of the subsequent generation of stars, the first galaxies, as well as the

first SMBHs are likely to be shape in large part by the first generation of stars.

1.2 The first stars

On large scales the Universe appears nearly uniform and isotropic, but stars and

galaxies suggest that they grew from deviations from its uniformity. The first stars

are expected to be formed in halos where the primordial density field was randomly

enhanced over the surrounding matter. These perturbations were amplified by grav-

ity and, once overdensities become large enough, they decoupled from the background

and collapsed under its own gravity. The collapse occurred in many dimensions, lead-

ing to the formation of sheets in one dimension, filaments when two sheets collapsed,

and DM halos at the intersection of filaments. The first stars are expected to form in

so-called minihalos – halos of masses ≃ 106 M⊙ that collapsed at redshifts z ≃ 20− 30.

In those halos gas is entrained with the dynamically dominant DM component and

reaches a state of ‘virial equilibrium’, characterized by the balance of gravitational

potential and kinetic energy:

GMvir

Rvir
∼ v2vir, (1.1)

5



where Mvir is the mass of the halo, vvir the virial velocity, and Rvir the virial radius

given by

Rvir ≃ 100 pc

(
Mvir

106 M⊙

)1/3(1 + z

20

)−1

. (1.2)

As a consequence of the collapse, the gas heats up to the virial temperature Tvir ∼

mHvvir/kB, where mH is the mass of the hydrogen atom and kB the Boltzmann con-

stant. Following Equations 1.1 and 1.2, this can be rewritten as

Tvir ≃ 2× 103K

(
Mvir

106 M⊙

)2/3(1 + z

20

)
. (1.3)

For a typical minihalo, gas temperatures are below the threshold ≃ 104K for efficient

cooling due to atomic hydrogen. Hence, in order to collapse and form a hydrostatic

object, the gas needs to rely in a different cooling mechanism to radiate away its ther-

mal energy. As suggested by Saslaw & Zipoy (1967), such coolant may be molecular

hydrogen (H2). In primordial star formation, the most important H2 formation chan-

nel is via the intermediary reaction of radiative association of free electrons with neu-

tral hydrogen atoms (McDowell 1961; Peebles & Dicke 1968)

H+ e− → H− + γ, (1.4)

followed by the associative detachment of the H− atoms with neutral hydrogen atoms:

6



H+H− → H2 + e−. (1.5)

The process of primordial star formation begins with an initial collapse where gas

is heated via adiabatic compression until it reaches a density nH ≃ 1 cm−3, achieving

temperatures T ≃ 1000 K, which are of the order of the virial value. The gas then

cools through H2 ro-vibrationals transitions to a minimum temperature T ≃ 200K

at densities nH ≃ 104 cm−3. At this point, the Jeans mass can be estimated as MJ ∼

c3sG
−2/3ρ−1/2 with cs the baryonic sound speed and ρ the total gas density, or, analo-

gously, as:

MJ ≃ 500M⊙

(
T

200K

)3/2 ( nH

104 cm−3

)−1/2
, (1.6)

which sets the mass scale of a Pop III-equivalent to a pre-stellar core. Once this mass

is accreted, the cloud collapses under its own gravity and gas temperature increases

due to compressional heating until nH ≃ 108 cm−2. At that point three-body processes

become important, converting most atomic gas to molecular hydrogen. H2 cooling,

first as line emission up to nH ≃ 1010 cm−3 and then as collision induced emission for

nH ≳ 1014 cm−3, allows the gas to reach temperatures ≳ 2000K at nH ≃ 1016 cm−3.

Then, collisional dissociation of H2 reverts the previous three-body formation process

and the temperature rises steeply with increasing density. At nH ≃ 1020 cm−3, col-

lapse stalls and an accretion shock forms that heats up the gas to ≳ 104 K (Omukai

& Nishi 1998; Yoshida et al. 2008), marking the formation of a protostar with initial
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mass of ≃ 10−2 M⊙ at the center of the cloud.

One of the main parameters that govern the final masses of the first stars is the ac-

cretion rate. The growth of the protostar can be estimated by assuming that a Jeans

mass worth of gas collapses on its free-fall timescale (Shu 1977):

Ṁ ∼ MJ

tff
∼ c3s

G
∝ T 3/2. (1.7)

Evaluating this expression when the gas first becomes gravitationally unstable, i.e.

when T ≃ 200 K and nH ≃ 104 cm−3, gives an estimated accretion rate of Ṁ ≃

10−3 M⊙ yr−1, which is roughly 100 times higher than the values in present-day star-

forming regions. Omukai & Nishi (1998) estimated the final mass using the self-similar

solution for a spherically symmetric infall problem, obtaining M⋆ ≃ 500M⊙ after

105 yrs. However, stellar radiation can influence this evolution by dissociating H2

and heating up the surrounding gas. When accounting for those effects, the resulting

masses are in the range 10 − 1000M⊙ (Hirano et al. 2014; Susa et al. 2014). Further-

more, secondary protostars created by fragmentation shortly after the formation of

the first protostar may accrete material in the surrounding envelope before they reach

the cloud center and reduce even more the mass of the central protostar. In that case,

after a few hundred years, the final masses of the protostars range from ≃ 0.02 to

≃ 10M⊙, and are characterized by a flat initial mass function, implying that most of

the mass is locked up in high-mass protostars (Clark et al. 2008; Greif et al. 2011).

8



1.3 The first galaxies

Before studying the first galaxies, we need to define what a ‘first galaxy’ is, but there

is currently no agreement on that topic (Bromm & Yoshida 2011). From an obser-

vational perspective, the first galaxy might imply a search for galaxies either with

zero metallicity or hosting predominantly primordial stars; however, most first galax-

ies could be already metal-enriched by SNe triggered by the first stars. From a the-

oretical point of view, to define a galaxy we require some ingredients: the presence

of a DM halo hosting a long-lived stellar system, gas, and a DM potential well deep

enough to retain gas that was heated to temperatures ≳ 104 K. Some models have

proposed that minihalos hosting the first stars can be considered the first galaxies,

which would require the initial mass function of primordial stars to be similar to

the locally observed one in order to sustain star formation and effectively self-enrich.

However, as discussed in the previous section, Pop III stars were predominantly mas-

sive and hence feedback from them is likely to shut off the potential for subsequent

star formation.

Another theories suggest that DM halos with virial temperatures ≳ 104 K might

be able to revirialize the gas affected by stellar feedback. At those temperatures, the

onset of atomic hydrogen cooling occurs and hence these halos do not depend on the

presence of molecular hydrogen to cool gas. In addition, these so-called atomic cooling

halos have sufficiently deep potential wells to retain photoheated gas and allow the
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existence of a self-sustained cycle of star formation and feedback. Using Equation 1.3,

the corresponding relation between virial mass and temperature can be written as

Mvir ≃ 5× 107 M⊙

(
Tvir

104K

)3/2(1 + z

10

)−3/2

, (1.8)

from which the characteristic virial mass of these halos is Mvir ≃ 107 − 108 M⊙, with a

typical formation redshift ≃ 10−15. This is the definition adopted in this dissertation,

and hence the terms ‘first galaxies’ and ‘atomic cooling halos’ will refer indistinctly to

the same objects in the following chapters.

1.4 The first supermassive black holes

The evidence suggesting that SMBHs play a crucial role in the formation and evo-

lution of galaxies is overwhelming. Dynamical measurements indicate that SMBHs

reside in the center of almost every massive galaxy (e.g., Kormendy & Ho 2013), and

that there is a tight correlation between the mass of the central back hole (BH) and

the stellar velocity dispersion in galaxy bulges in the local Universe (Ferrarese & Mer-

ritt 2000; Gebhardt et al. 2000). These observations favor a picture where BHs and

their host galaxies co-exist and co-evolve. Although the masses of these BHs are less

than 1% of the baryonic mass in the galaxy (Magorrian et al. 1998; Marconi & Hunt

2003; Häring & Rix 2004), they are a powerful source of feedback that suppresses star

formation and contributes to the reionization of the Universe. Furthermore, recent
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observations of quasars at redshift z ≳ 6 powered by SMBHs with masses ≳ 109 M⊙

(e.g., Fan et al. 2003, 2006; Mortlock et al. 2011; Wu et al. 2015; Bañados et al. 2018)

reveal that this has been the case since when the Universe was less than one billion

years old. Therefore, understanding the physical processes governing the formation

and growth of SMBHs is essential to answer fundamental questions about the forma-

tion and evolution of galaxies in the Universe.

The presence of SMBHs so early in the evolution of the Universe suggests that they

most likely grew from smaller seed BHs formed at redshifts ≳ 15. The mass scale

of these seeds can vary between 10 and 105 M⊙, depending on the formation mecha-

nism and environment in which they were born. Their growth rate is mainly deter-

mined by intense accretion and merging until they reach a few billion solar masses.

Although most BH seeds are expected grow at relatively modest rates, some of them

may quickly grow due to accretion flows that feed material onto the seed. For exam-

ple, to form a ≃ 109 M⊙ SMBH at z ≃ 7, a seed of a few hundred solar masses should

continuously accrete at the Eddington rate throughout its lifetime. Therefore, the ex-

istence of quasars at z ≳ 6 could be explained by the presence of massive seed BHs at

z ≳ 15.

Many pathways have been proposed to explain the formation of these seeds in the

literature, but their origin still remains unclear (Haiman 2006, 2009, 2013; Volonteri

2012; Volonteri & Bellovary 2012; Latif & Ferrara 2016). Figure 1.2 illustrates three

of the most popular BH seeds formation scenarios: (i) the remnant of the first genera-
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Figure 1.2: Pathways of massive black hole seeds formation. The threemain theories concerning the formation

MBH seeds in the early Universe are: remnants of Pop III stars (left), dynamical processes in stellar clusters

(middle), and direct collapse of gas in atomic cooling halos (right). In the first case, the collapse of primordial

stars in minihalos of masses≃ 108 M⊙ at redshifts z ≃ 20 can lead to the formation of stellar mass BHs of

M⋆ ≃ 102 M⊙. In moremassive, metal-enriched halos of≃ 108 M⊙ at z ≃ 15, dense stellar clusters can
dynamically collapse to form BH seeds ofM⋆ ≃ 103 M⊙. Finally, if molecular hydrogen is dissociated in a

108 M⊙ halo, gas can directly collapse and form a supermassive star, which then becoemes amassive BH seeds of

M⋆ ≃ 105 M⊙. (Credits: Simulation images adapted from Springel et al. (2005); Greif et al. (2011); Becerra et al.

(2015).)
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tion (Pop III) stars (Madau & Rees 2001; Li et al. 2007; Johnson et al. 2012), (ii) the

dynamical evolution of dense nuclear stellar clusters (Omukai et al. 2008; Devecchi

& Volonteri 2009), and (iii) the direct collapse of metal-free gas in halos with virial

temperatures Tvir ≳ 104 K, the so-called atomic cooling halos (Bromm & Loeb 2003;

Begelman et al. 2006; Spaans & Silk 2006).

1.4.1 Origin of SMBH seeds

Remnants of Pop III stars

It seems intuitive to think that SMBHs grow from remnants of the first stars. The

final fate of low-metallicity, non-rotating Pop III stars will primarily depend on its

mass: between 40 − 140M⊙ they are expected to directly collapse into BHs to simi-

lar masses, below ≃ 40M⊙ a SN partially disrupts the star and a fraction of the star

collapses into a BH, and for masses ≳ 260M⊙ the star directly collapses to a BH with-

out any significant explosion (Heger et al. 2003). In order to reach the mass of the

SMBH seeds at z ≃ 7, these BH seeds of a few hundred solar masses formed at red-

shifts z ≃ 20− 30 should continuously grow at or above the Eddington limit. However,

three-dimensional numerical simulations have shown that feedback from the progen-

itor star photo-evaporates the surrounding gas, thus halting accretion onto the star

(Johnson & Bromm 2007; Alvarez et al. 2009). As a result, accretion rates are several

orders of magnitude below the Eddington value, which makes their growth extremely
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difficult and poses a serious complication of the Pop III stellar remnant scenario.

Stellar clusters

An additional route for the formation of massive seeds is given by self-gravitating stel-

lar systems with negative heat capacity. Those systems are susceptible to gravita-

tional collapse when the core collapse timescale (tcc) is comparable to the two-body

relaxation time (Binney & Tremaine 1987). An additional requirement is that the tcc

has to be shorter than the typical timescales for massive stars to reach the main se-

quence, otherwise mass loss from supernova may halt the collapse. The more compact

the cluster, the shorter the core collapse timescale, implying that clusters with size ≲

1 pc are the ideal places for this mechanism to occur. In the context of high-redshift

BH formation, these dense stellar clusters are expected to form at z ≃ 10− 15 in halos

of masses ≃ 108 M⊙ enriched by trace amount of metals (Omukai et al. 2008; Devec-

chi & Volonteri 2009). If core collapse proceeds unimpeded, higher stellar density at

the center leads to runaway stellar collisions and the formation of a very massive star

(VMS), which later may evolve via mergers or accretion to form a massive BH seed of

≲ 1000M⊙.

Direct collapse scenario

Another theory postulates that massive BH seeds of 105 − 106 M⊙ form as a result

of large inflows of dense gas that collapses directly into a single massive object (Rees
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1984; Loeb & Rasio 1994; Eisenstein & Loeb 1995; Bromm & Loeb 2003; Koushiap-

pas et al. 2004; Begelman et al. 2006; Lodato & Natarajan 2006). A prerequisite is

that gas should efficiently shed angular momentum and collapse rapidly to prevent

fragmentation into stars. Additionally, large mass accretion rates of ≳ 0.1M⊙ yr−1

are required for this formation mechanism to work (Begelman 2010; Hosokawa et al.

2013; Schleicher et al. 2013). Since the accretion rate scales as Ṁ ∝ T 3/2, both of

these requirements (avoiding fragmentation and large accretion rates) can be achieved

in a high-temperature environment where cooling has been inhibited, either by requir-

ing no metals or preventing H2 formation (Bromm & Loeb 2003; Volonteri et al. 2008;

Regan & Haehnelt 2009).

In particular, this process can occur in massive metal-free halos with virial tem-

peratures ≳ 104 K exposed to a substantial Lyman-Werner (LW) background that

photo-dissociates H2 (Omukai 2001; Bromm & Loeb 2003; Volonteri & Rees 2005;

Spaans & Silk 2006; Schleicher et al. 2010), also known as atomic cooling halos. The

destruction channel for molecular hydrogen can occur through the Salomon process,

which involves absorption of photons with energies between 11.2− 13.6 eV that photo-

dissociates H2 shortly after putting it into an excited state:

H2 + γLW → H+H. (1.9)

In particular, massive stars with a hard spectrum of characteristic temperature Trad =
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105 K are more efficient at photo-dissociating H2 via this process. The complete quench-

ing of H2 requires a critical value of UV flux (Jcrit21 ) that might vary between Jcrit21 ≃

30 − 105, depending on the shape of the radiation spectrum, mode of star formation,

and metallicity of stars (e.g. Omukai 2001; Johnson et al. 2013; Shang et al. 2010;

Van Borm & Spaans 2013; Sugimura et al. 2014; Agarwal & Khochfar 2015). An in-

tense background of UV radiation like that one could be supplied in a small subset of

halos by a neighboring star-forming galaxy (e.g. Dijkstra et al. 2008; Agarwal et al.

2012).

In the absence of H2 the gas is expected to undergo an isothermal monolithic col-

lapse until it becomes optically thick to radiative cooling, from where it evolves adia-

batically. If radiation pressure is strong enough to temporarily counteract gravity, a

supermassive protostar forms at the center of the atomic cooling halo. From estima-

tions using Equation 1.7, the expected accretion rate lies between 0.1 − 1M⊙ yr−1,

which is a few orders of magnitude higher than in the case of gas in halos with ef-

ficient H2 cooling (see Section 1.2). The outcome is a supermassive star (SMS) of

≃ 105 M⊙ within 1 Myr after its birth, which can then collapse directly into a seed

BH of similar mass by post-Newtonian instabilities, a so-called direct collapse black

hole (DCBH).
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1.4.2 Growth of SMBH seeds

Once a massive BH seed has formed it needs to grow rapidly to match the observa-

tions of high-redshift quasars. Accretion of mass at the Eddington rate causes a black

hole mass to increase in time as

MBH(t) = MBH(0) exp

(
1− ϵ

ϵ

t

tEdd

)
, (1.10)

where tEdd = 0.45 Gyr and ϵ is the radiative efficiency. For a standard radiative ef-

ficiency ϵ ∼ 0.1 and a seed mass MBH(0) ≃ 102 − 105 M⊙, it takes at least 0.5 Gyr

to grow to ≃ 109 M⊙. Unfortunately, black holes are unlikely to accrete at the Ed-

dington rate throughout its life; instead, its accretion rate is limited by both external

and internal factors. For instance, external conditions determine how much gas is ini-

tially available to be accreted by the BH (Wise et al. 2008; Greif et al. 2008), while

internal radiative feedback from the newly-born star itself can inhibit accretion (Pelu-

pessy et al. 2007; Johnson & Bromm 2007). Given the limited amount of time that

BH seeds have to grow to match the requirements set by z ≃ 6 observations, some

authors have also explored early phases of super-critical accretion growth (e.g. Volon-

teri & Rees 2005). In general, there is encouraging consistency between the models of

BH seed formation and growth, and the observational data from high-redshift quasars.

Large scale cosmological simulations strengthen this picture: the masses of BH seeds
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adopted in relatively low-resolution simulations are often consistent with the masses

expected for seeds formed from the collapse of SMSs in the direct collapse model.

1.5 This dissertation

In this dissertation we study the process of formation and evolution of supermassive

black hole seeds in the first galaxies, with a focus on the direct collapse scenario. In

particular, we investigate the collapse of gas in atomic cooling halos in which forma-

tion of H2 has been suppressed by a strong LW background radiation field. We use

two methods to explore the stages in the evolution of these seeds: high-resolution

three-dimensional numerical simulations and analytical models. Both approaches com-

plement each other: the former provide a self-consistent picture of the assembly of

SMBH seeds starting from cosmological initial conditions, while the latter can model

processes that are not resolved by simulations. In this way we can get a full picture

of how SMBH seeds formed and evolved in the early Universe. Each chapter of this

dissertation is dedicated to different stages in the evolution of the seeds: formation of

a massive protostar, properties of the protostar during its early growth, intermediate

and late stages in the assembly of SMBH seeds, and the effect of radiative feedback in

its evolution.

Chapter 2 explores the formation of a supermassive protostar at the center of an

atomic cooling halo. For that, we use the highest-resolution three-dimensional sim-
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ulation to date of the collapse of one of such halos. A key ingredient to model the

different cooling processes involved in the assembly of these objects is the primordial

chemistry network, which is evolved with a newly-introduced module in the moving-

mesh code arepo. Additionally, a strong LW background radiation field is introduced

to suppress molecular hydrogen cooling. With this setup, we report the formation of

a massive protostar at the center of the halo, with an initial mass of ≃ 0.1M⊙ and

surrounded by a gas disk. The high resolution achieved by the simulations reveal for

the first time the process of fragmentation of the disk and the formation of a proto-

stellar system at small scales. After ≃ 17 yrs, the central protostar maintains a high

accretion rate, suggesting that fragmentation is not a significant barrier for forming a

massive black hole seed.

Following the evolution of the protostar for a longer period of time becomes pro-

hibitively expensive due to the resolution achieved by such simulations. A comple-

mentary strategy to describe the early stages of these objects is to derive its prop-

erties using a theoretical approach. In Chapter 3 we develop an analytical model

to characterize the early growth of supermassive protostars since their formation at

M⋆ ≃ 0.1M⊙ until they reach M⋆ ≃ 105 M⊙. For that purpose, first, we calculate the

properties of the object at the moment of creation, when the gas becomes optically

thick to H− cooling, based on idealized thermodynamic considerations and a detailed

one-zone model. The subsequent evolution of the protostar is mainly determined by

accretion onto the object and can be describe by the relation R⋆ ∝ M
1/3
⋆ during the
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early stages, and R⋆ ∝ M
1/2
⋆ once internal luminosity becomes dominant. We then

employ this model to construct a sub-grid recipe for sink particles that can be used in

future simulations that lack the power to resolve the central protostar.

In Chapter 4, we use the sub-grid recipe previously developed to study the interme-

diate and late stages of the assembly of SMBH seeds. For that purpose, we perform

cosmological simulations of gas collapsing in atomic cooling halos with an improved

primordial chemistry network. In order to follow the central object for a longer time,

the simulations should not become too computationally expensive. One way to over-

come this issue is to truncate the evolution of the gas above a certain threshold den-

sity, nth. We use two techniques to model the central object above such threshold:

sink particles and an artificially-stiffened equation of state (EOS). We present a suite

of six simulations using both approaches and three different values for nth to explore

the initial, intermediate, and late stages in the assembly of SMBH seeds. We report

the growth of the central protostar from masses ≃ 10M⊙ to ≃ 105 M⊙, with an aver-

age accretion rate of ⟨Ṁ⋆⟩ ≃ 2M⊙ yr−1 for sink particles, and ≃ 0.8 − 1.4M⊙ yr−1 for

the stiff EOS. We further estimate how the emission coming from the central object,

and subsequent development of an Hii region, might affection its evolution. At the

end of the runs, the Hii region has long detached from the protostellar photosphere,

but the ionizing radiation remains trapped in the inner host halo and has thus not yet

escaped into the intergalactic medium.

A self-consistent description of how ionizing radiation might influence the growth
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of the central object requires fully coupled radiation-hydrodynamics (RHD) simula-

tions. We present the current implementation of RHD simulations of the formation

of SMBH seeds in Chapter 5. In particular, we delineate the numerical methods em-

ployed to couple the radiative transfer equations to the hydrodynamics of the gas. We

further describe how photons emitted by the central source are injected and trans-

ported in the surrounding gas, and how the absorption of such photons influence the

chemical composition of the cells. Additionally, we show preliminary results of adding

radiation to one of the sink particle simulations used for the previous chapter.

Finally, in Chapter 6, we draw conclusions from the work presented in this disser-

tation, and discuss what should be done in the future to get a full description of the

formation and evolution of SMBH seeds in the early Universe.
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“El día en que lo iban a matar, Santiago Nasar

se levantó a las 5.30 de la mañana para esperar

el buque en que llegaba el obispo.”

Gabriel García Márquez

2
Formation of massive protostars

in atomic cooling haloes

This chapter has been published as

Becerra, F., Greif, T. H., Springel, V., & Hernquist, L. E. (2015). Formation of mas-

sive protostars in atomic cooling haloes. MNRAS, 446, 2380–2393.
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abstract

We present the highest-resolution three-dimensional simulation to date of the collapse

of an atomic cooling halo in the early Universe. We use the moving-mesh code arepo

with the primordial chemistry module introduced in Greif (2014), which evolves the

chemical and thermal rate equations for over more than 20 orders of magnitude in

density. Molecular hydrogen cooling is suppressed by a strong Lyman-Werner back-

ground, which facilitates the near-isothermal collapse of the gas at a temperature of

about 104 K. Once the central gas cloud becomes optically thick to continuum emis-

sion, it settles into a Keplerian disc around the primary protostar. The initial mass

of the protostar is about 0.1M⊙, which is an order of magnitude higher than in mini-

haloes that cool via molecular hydrogen. The high accretion rate and efficient cooling

of the gas catalyse the fragmentation of the disc into a small protostellar system with

5 − 10 members. After about 12 yr, strong gravitational interactions disrupt the disc

and temporarily eject the primary protostar from the centre of the cloud. By the end

of the simulation, a secondary clump has collapsed at a distance of ≃ 150 au from the

primary clump. If this clump undergoes a similar evolution as the first, the central

gas cloud may evolve into a wide binary system. High accretion rates of both the pri-

mary and secondary clumps suggest that fragmentation is not a significant barrier for

forming at least one massive black hole seed.
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2.1 Introduction

Black holes (BHs) are a key ingredient in the formation and evolution of galaxies. In

the local Universe, the stellar velocity dispersion in galaxy bulges is correlated with

the mass of the BH at their centre (Ferrarese & Merritt 2000; Gebhardt et al. 2000).

BHs also power luminous quasars by accreting gas from their host galaxies. Recent

observations suggest that quasars powered by BHs with masses ≳ 109 M⊙ were al-

ready present when the Universe was less than one billion year old (Fan et al. 2003,

2006). These supermassive black holes most likely grew from smaller seed BHs that

formed earlier, but the origin of these seeds remains unclear (Haiman 2006, 2009;

Greene 2012; Volonteri 2012; Volonteri & Bellovary 2012). One possible candidate

are the remnants of massive Population III stars (Madau & Rees 2001; Li et al. 2007;

Johnson et al. 2012), or the direct collapse of primordial gas in haloes with virial tem-

peratures Tvir ≳ 104 K, so-called atomic cooling haloes (Bromm & Loeb 2003; Bromm

& Yoshida 2011). In the former case, the seeds have initial masses of the order of

100M⊙, and grow at or above the Eddington limit for the remaining ≃ 500Myr be-

tween seed formation and z ≃ 6. However, numerical simulations have shown that

accretion on to early BHs is inefficient, due to the low density of the gas surround-

ing the BH remnant, which is caused by photoionization heating from the progenitor

star (Johnson & Bromm 2007; Alvarez et al. 2009). Accretion rates are thus not high

enough to allow efficient growth of the seed, which poses a serious complication for
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the Population III stellar remnant scenario.

In the direct collapse scenario, haloes with virial temperatures ≳ 104 K may host

seed BHs that are substantially more massive. A prerequisite is that the accretion

rate on to the central object is high enough that radiative feedback does not severely

impede the accretion flow (Johnson et al. 2011, 2012; Hosokawa et al. 2012, 2013). In

this case, a supermassive star or ‘quasi-star’ forms, which may collapse into a BH of

mass ∼ 105 − 106 M⊙ (Heger et al. 2003; Begelman et al. 2006, 2008; Begelman 2010;

Volonteri & Begelman 2010; Montero et al. 2012; Volonteri 2012; Inayoshi et al. 2013;

Schleicher et al. 2013; Chen et al. 2014). Since the accretion rate in a Jeans-unstable

cloud scales as Ṁ ∝ T 3/2, molecular hydrogen cooling must be suppressed until the

virial temperature of the halo is high enough that Lyα cooling becomes important.

This may be achieved by a Lyman-Werner (LW) radiation background (Omukai 2001;

Bromm & Loeb 2003; Volonteri & Rees 2005; Spaans & Silk 2006; Schleicher et al.

2010; Johnson et al. 2013). Simple one-zone models have found that the critical flux

is of the order of J21,crit = 105 in units of J21 = 10−21 erg s−1 cm−2Hz−1 sr−1 for

a blackbody spectrum with 105 K (Omukai 2001). For Population I/II stars, recent

studies have found that the critical flux may be somewhat lower (Shang et al. 2010;

Wolcott-Green & Haiman 2012; Van Borm & Spaans 2013; Agarwal & Khochfar 2015;

Latif et al. 2014a, 2015; Regan et al. 2014b; Sugimura et al. 2014). Even though the

LW flux on cosmological scales is well below this value, local star formation may raise

the flux to supercritical levels (Dijkstra et al. 2008, 2014; Agarwal et al. 2012, 2014;
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Visbal et al. 2014).

If the LW flux is high enough, the halo gas collapses nearly isothermally at ≃ 104 K

up to a density of nH ≃ 106 cm−3, where the gas becomes optically thick to Lyα emis-

sion (Omukai 2001). At this point, continuum cooling via free-bound emission of H−

takes over, and allows the gas to again contract nearly isothermally up to a density

of nH ≃ 1016 cm−3. Once the continuum emission becomes trapped, the gas evolves

nearly adiabatically and a protostar forms at the centre of the halo. During the initial

collapse, the angular momentum is constantly redistributed by turbulence and bar-

like instabilities, such that the cloud contracts nearly unhindered (Oh & Haiman 2002;

Koushiappas et al. 2004; Begelman et al. 2006; Lodato & Natarajan 2006; Wise et al.

2008; Begelman & Shlosman 2009; Choi et al. 2013; Latif et al. 2013a; Prieto et al.

2013).

The subsequent accretion phase was investigated by Regan & Haehnelt (2009) and

Latif et al. (2013a,b). They found that a Keplerian disc forms around the primary

protostar, which becomes gravitationally unstable and fragments into a small system

of protostars. The secondary protostars merge on a short time-scale and do not pre-

vent the growth of the primary protostar. These studies employed a pressure floor

beyond a certain refinement level, such that the maximum density was limited to

nH ∼ 106 − 109 cm−3. The simulations of Regan et al. (2014a) also displayed the

formation of a disc-like object at the centre of the halo, which in some cases frag-

mented on a scale of 100 au. However, these simulations also suffered from limited
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resolution, and did not include the relevant H2 cooling and chemistry. Recently, In-

ayoshi et al. (2014) used the most detailed chemical and thermal model to date, but

stopped the simulation once the primary protostar had formed. In addition, they did

not use cosmological initial conditions. We here attempt to improve upon these stud-

ies by carrying out a simulation that starts from cosmological initial conditions and

is not resolution-limited. We use a slightly less sophisticated chemical model as In-

ayoshi et al. (2014), but evolve the simulation well beyond the formation of the first

protostar at the centre of the halo.

This chapter is organized as follows. In Section 2.2, we describe the simulation

setup and the chemistry and cooling network. In Section 2.3, we analyse the simu-

lation and discuss the collapse of the central gas cloud, the formation and fragmen-

tation of the disc, the development of the protostellar system, and the collapse of a

secondary clump towards the end of the simulation. Finally, in Section 2.4 we sum-

marize and draw conclusions. All distances are quoted in proper units, unless noted

otherwise.

2.2 Simulations

We perform three-dimensional, cosmological hydrodynamical simulations to investi-

gate the collapse of gas in atomic cooling haloes in which the formation of H2 has

been suppressed by a LW background. For this purpose we employ the moving-mesh
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code arepo (Springel 2010). We also include the recently developed primordial chem-

istry and cooling network of Greif (2014). In the following, we briefly describe the

initialization of the simulations, the extraction procedure and refinement criteria used

to achieve densities nH ≳ 1021 cm−3, and the chemistry and cooling network.

2.2.1 Dark matter simulations

We first initialize a dark matter (DM)-only simulation at a redshift of z = 99 in a

standard Λ cold dark matter (ΛCDM) cosmology. We adopt cosmological parameters

based on the Wilkinson Microwave Anisotropy Probe results (Komatsu et al. 2009).

We use a matter density Ωm = 1 − ΩΛ = 0.27, baryon density Ωb = 0.046, Hubble

parameter h = H0/100 km s−1 Mpc−1 = 0.7 (where H0 is the present Hubble expan-

sion rate), spectral index ns = 0.96, and normalization σ8 = 0.81. The simulation is

initialized in a box of side length 2Mpc (comoving) with a total of 5123 DM particles

of mass ≃ 2.2× 103 M⊙. The gravitational softening length is set to ≃ 195 pc (comov-

ing), which corresponds to 5% of the initial mean inter-particle separation. We stop

the simulation when the first halo with virial mass exceeding 108 M⊙ collapses. This

occurs at zcoll ≃ 12.4, when the first halo reaches Mvir ≃ 1.7 × 108 M⊙. At this point

the halo has a virial radius of Rvir ≃ 1.4 kpc and a spin parameter λ ≃ 0.05.

28



2.2.2 Resimulations

The second step is to locate the target halo and flag it for further refinement. We

select the particles belonging to that halo and a sufficiently large boundary region

around it, and trace them back to their initial conditions. Once the particle locations

have been determined, we reinitialize the simulation centred on the target halo. In or-

der to acquire higher resolution we replace each DM particle by 64 less-massive DM

particles and 64 mesh-generating points. The resolution is gradually decreased as the

distance from the high-resolution region increases, replacing cells and DM particles by

higher-mass particles outside the target region. The resimulation has lower resolution

towards the edges of the box than the original DM-only simulation, but the accuracy

of the gravitational tidal field around the target halo is preserved. The refined DM

particle mass is given by Mdm,ref = (1 − Ωb/Ωm)Mdm/64 ≃ 28 M⊙, and the gravita-

tional softening length is set to ≃ 49pc (comoving). The refined mass of each cell is

given by Mgas,ref = (Ωb/Ωm)Mdm/64 ≃ 6M⊙.

We stop the resimulation once the first cell has exceeded a density of nH ≃ 109 cm−3.

We then proceed to extract the particles in the central 3pc and reinitialize the simula-

tion with reflective boundary conditions. Hence, the central region of the final output

in the first resimulation becomes the initial condition for a second resimulation with a

box size of 3pc. Furthermore, at those densities the gas component is already well de-

coupled from the DM component (Greif et al. 2011), so we discard the DM and keep
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only the gas particles. We evolve the second resimulation until it exceeds a density of

nH ≃ 1019 cm−3, after which we conduct a second extraction similar in nature to the

first, but cut out the central 5 × 10−3 pc of the second resimulation. We then use this

as the side length for the third resimulation. This approach has the risk that pertur-

bations from the edges of the box might influence the central regions. However, we

explicitly avoid this issue by assuring that the sound crossing time through the box is

much longer than the free-fall time of the central high-density cloud.

2.2.3 Refinement

An essential refinement criterion that grid codes have to fulfill to resolve gravita-

tional instability and avoid artificial fragmentation is the so-called Truelove crite-

rion (Truelove et al. 1997). This criterion states that the local Jeans length needs

to be resolved by at least four cells, where the cell size is approximately given by

h = (3V/4π)1/3, and V is the volume of the cell. In order to adequately resolve

turbulence, recent studies using grid codes with a fixed mesh have found that the

Jeans length must be resolved by at least 32 cells (Federrath et al. 2011; Turk et al.

2012; Latif et al. 2013a). A disadvantage of using refinement based on the Jeans

length is that shock-heated regions may be much less resolved than adjacent cold re-

gions. In order to avoid this problem, we follow the refinement criterion proposed by

Turk et al. (2010), who suggest using the minimum temperature of the gas to evalu-

ate the Jeans length. We slightly modify this criterion by using Tmin = 5000K for
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cells with T ≤ Tmin, but the correct temperature for cells with T > Tmin. This en-

sures that the initial collapse phase is adequately resolved, while at high densities the

resolution does not become excessively high and slows down the calculation. Below

nH = 1015 cm−3, we employ 64 cells per Jeans length, which is degraded to 8 cells

above nH = 1018 cm−3. We use a linear extrapolation between these densities. The

maximum spatial resolution achieved with this refinement strategy is ≃ 6.6 × 10−4 au.

Next to the Jeans refinement, we refine a cell if its mass increases to more than twice

its initial mass.

2.2.4 Chemistry and cooling

A detailed description of the chemical and thermal model used here can be found

in Greif (2014) (see also the Section 2.5). Here, we only briefly describe the most

important reactions and cooling processes. The chemical network employs a non-

equilibrium solver at low densities and an equilibrium solver at high densities for the

species H, H2, H−, H+, and e−. The transition from non-equilibrium to equilibrium

H2 chemistry occurs at nH2,eq = 1015 cm−3, since three-body reactions depend on

the cube of the density and would otherwise prohibitively decrease the time-step of

the non-equilibrium solver. For densities above nH+,eq = 1018 cm−3, the electron and

H+ abundances are also considered to be in equilibrium. The main reactions include

the formation of H2 via associative detachment as well as three-body reactions, the

destruction of H2 via collisions and photodissociation, and the formation and destruc-
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tion of H+ by collisional ionizations and recombinations.

The relevant cooling processes are H2 line cooling, H2 collision-induced emission,

Lyα cooling, and inverse Compton cooling. H2 cooling plays a substantial role up

to nH ≃ 1015 cm−3, where the gas becomes optically thick to the H2 line emission,

while collision-induced emission becomes important at nH ≳ 1014 cm−3 and pro-

vides the last radiative cooling channel (Omukai & Nishi 1998; Ripamonti & Abel

2004). Although we include molecular hydrogen cooling, its effect does not become

important during the evolution of the simulation due to the presence of a strong LW

background that dissociates H2 via the Solomon process (Abel et al. 1997). Previous

studies found that a strong LW flux with J21 ≳ 103 is required to dissociate molec-

ular hydrogen in the progenitors of an atomic cooling halo (Omukai 2001; Johnson

& Bromm 2007; Dijkstra et al. 2008; Latif et al. 2013b; Wolcott-Green et al. 2011).

Here, we assume a constant LW flux of J21 = 105 for a blackbody spectrum with

Trad = 105K, which is commonly used to estimate the spectra of Population III stars.

In this case, the H− photodissociation rate is much smaller than the H2 photodissocia-

tion rate (Sugimura et al. 2014). We approximate the combined effects of Lyα cooling

and continuum cooling by assuming that Lyα cooling remains optically thin up to

densities nH ≃ 1016 cm−3. The cooling rate is exponentially suppressed at densities

nH ≃ 1016 cm−3 to approximately reproduce the density-temperature relation found in

Omukai (2001). Due to this simplification, we may somewhat underestimate the true

cooling rate.
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2.3 Results

2.3.1 Collapse of central gas cloud

A number of studies have discussed the properties of the collapse of primordial gas

clouds in atomic cooling haloes (e.g., Bromm & Loeb 2003; Regan & Haehnelt 2009;

Choi et al. 2013; Latif et al. 2013a; Inayoshi et al. 2014; Regan et al. 2014a). Here,

we investigate the collapse of the gas over an unprecedented range in scale, as shown

in Figure 2.1. The six panels show a zoom-in on the central gas cloud, ranging from

10pc down to scales of 10 au. The panel on the bottom-left side of the figure shows

the primary protostar surrounded by an accretion disc. The cloud shows an irregular

morphology and changes shape as it collapses. Its filamentary structure is indicative

of turbulence, which is especially pronounced during the later stages of the collapse.

On the largest scales, the cloud shows less substructure and is more spherically sym-

metric.

Figure 2.2 shows various physical quantities as a function of distance from the dens-

est cell in the halo. The radial profiles are constructed from data of the three resim-

ulations. We proceed by extracting the inner ≃ 300 au from the last resimulation,

while the range between ≃ 300 and ≃ 105 au is taken from the second resimulation.

To complete the profiles, the outer region corresponds to data from the first resimula-

tion up to ≃ 1010 au. Due to the self-similarity of the collapse, moving from large to
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Figure 2.1: Zoom-in on the gas cloud that forms at the centre of the atomic cooling halo. The number density

of hydrogen nuclei is weighted with the square of the density along the line of sight, which is perpendicular

to the plane of the disc. Clockwise from the top left, the width of the individual cubes are 10 pc, 1 pc, 0.1 pc,
1000 au, 100 au, and 10 au. The cloud has an irregular morphology that continues to change shape and orienta-

tion throughout the collapse. The filamentary structure indicates that turbulence is present on all scales.
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Figure 2.2: Radial profiles for themass-weighted number density of hydrogen nuclei, enclosed gasmass, tem-

perature, and H2, H
−, and Hii abundances between about 0.01 au and∼ 100 kpc. The various line styles and

colours denote different epochs of the evolution of the halo, labelled by their lookback time asmeasured from

the end of the run according to the legend. The blue dashed line corresponds to redshift≃ 26, the green dash-
dotted line to z ≃ 15, the red dotted line to when the number density first exceeds 109 cm−3, the cyan dashed

line to≃ 9× 103 yr after that, the purple dash-dotted line to when the number density first exceeds 1019 cm−3,

the yellow dotted line to≃ 6 yr after the formation of first protostar, and the black solid line to the end of the

simulation after approximately 18 yr. The halo follows several evolutionary stages from large to small scales:

shock-heating to the virial temperature, onset of cooling, Jeans instability, isothermal contraction, formation of

the primary protostar and disc, and fragmentation of the disc (see Section 2.3 for details).
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small radii is equivalent to moving from early to late times. Properties plotted in the

figure are the number density of hydrogen nuclei, enclosed gas mass, temperature, H2

abundance, H− abundance, and Hii abundance. These profiles have been calculated

using mass-weighted averages of the cells contributing to the radial bins. Colours and

line styles represent different evolutionary stages of the gas cloud as described in the

legend and the caption of the figure.

As the gas collapses into the DM halo, it is shock-heated to the virial temperature.

In the central parts of the halo, Lyα cooling becomes important and keeps the gas

nearly isothermal at ≃ 104 K (Wise & Abel 2007). During this period, the H2 abun-

dance builds up from ≃ 10−16 to ≃ 10−8, with small spikes due to the existence of

shocks in the outer regions of the halo. The Hii abundance increases by about one

order of magnitude. The collapse then approximately follows the Larson-Penston solu-

tion for an isothermal, self-gravitating gas cloud (Larson 1969; Penston 1969), which

is described by a density profile following ρ ∝ r−2. The strong LW background sup-

presses the formation of H2 and maintains an abundance of ≃ 10−8 down to scales

of ≃ 103 au. This prevents H2 cooling, which in turn leads to a roughly isothermal

collapse between ≃ 108 and ≃ 1 au. Over these scales, the H− and Hii abundances

drop by many orders of magnitude due to recombination. On a scale of ≃ 103 au, the

H2 fraction increases due to three-body reactions. Up to this point, the radial pro-

files agree well with those of previous studies (Wise et al. 2008; Latif et al. 2013a;

Regan et al. 2014a; Inayoshi et al. 2014). In the final stage of the collapse, when
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the primary protostar forms, the gas becomes optically thick to continuum cooling

at ≃ 1 au, which results in a rise in temperature of more than two orders of magni-

tude to ≳ 106 K. This is accompanied by a drop in the H2 abundance and an increase

in both the H− and Hii abundances. At the end of the simulation, two pronounced

spikes in the density profile are clearly visible in the central ≃ 100 au. These cor-

respond to secondary protostars that have formed due to fragmentation in the disc.

This will be discussed in detail in Section 2.3.2.

In Figure 2.3, we show the temperature-density distribution of the gas at the end

of the simulation, next to those of the H2, H−, and Hii abundances. At low densities,

the temperature distribution spans almost six orders of magnitude, reaching as high

as ≃ 104 K. A similarly high scatter is present in the H2 and H− abundances, while

the Hii abundance varies only by two orders of magnitude. Up to nH ≃ 1015 cm−3, the

temperature distribution becomes much narrower, showing the near-isothermal col-

lapse of the gas. Once three-body reactions become important, the distribution of the

H2 fraction widens for densities in the range 105 − 1015 cm−3, with particles reaching

abundances as high as yH2 ≃ 0.1. The resulting temperature dispersion leads to an in-

creasing dispersion in the H− and Hii abundances, while their average values continue

to decrease due to recombinations. The values of the H2 abundance are somewhat

smaller than those found in Inayoshi et al. (2014), but agree with Latif et al. (2013a).

We therefore do not distinguish between two thermal phases of the gas as in Inayoshi

et al. (2014). For densities ≳ 1018 cm−3, the formation of the primary and secondary
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Figure 2.3: Clockwise from the top left panel: distribution of the gas in temperature, H2, Hii, and H− abundances

versus number density of hydrogen nuclei at the end of the simulation. Themass per bin over the total mass in

the computational domain is colour-coded from blue (lowest) to red (highest). The solid black lines show the

mass-weighted average values. After shock-heating to the virial temperature of≃ 104 K, the gas collapses
nearly isothermally to densities ofn ≃ 1016 cm−3. The gas then becomes optically thick to continuum emission

and evolves nearly adiabatically. At this point, the Hii abundance dramatically increases from∼ 10−14 to unity.

The H2 abundance stays below≃ 10−7 due to the LWbackground, but then increase to≃ 10−4 as three-body

reactions set in. However, the H2 abundance never becomes high enough for H2 cooling to become important.

The ‘fingers’ visible in the various distributions show the evolutionary paths of individual protostars.
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protostars can be recognized as ‘fingers’ of gas in the individual panels, which evolve

nearly adiabatically. The high temperatures in the interior of the protostars results

in a decrease of the H2 and H− abundances, and an increase of the Hii abundance to

unity.

The radial profiles of the magnitude of the radial velocity, rotational velocity, Ke-

plerian velocity, turbulent velocity, and sound speed at the end of the simulation are

shown in the left-hand panel of Figure 2.4. In addition, the right-hand panel shows

the Mach numbers of each velocity component. The turbulent Mach number is given

by

M2
turbc

2
s =

∑
i

mi

M
(vi − vrad

i − vrot
i )2, (2.1)

where cs denotes the sound speed of the radial bin, M the total mass, i the index of

a cell contributing to the bin, mi its mass, vi the velocity, vrad
i the radial velocity

vector, and vrot
i the rotational velocity vector. During the initial free-fall phase, the

turbulent component is supersonic with M ≃ 3. In contrast, the Mach number of

the rotational velocity remains below unity, indicating the poor rotational support of

the cloud at that stage. The trend for each component is roughly maintained once the

halo has entered the isothermal collapse phase, with the exception of the Mach num-

ber of the radial velocity, which briefly drops to below unity. Down to ≃ 100 au, the

rotational velocity oscillates between 0.2 and 0.5 of the Keplerian velocity, indicating

a substantial degree of rotational support. It reaches its peak at the edge of the disc
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on scales ≃ 1 au, where vrot ≃ vkep. On smaller scales, the primary protostar is char-

acterized by an increase in temperature and thus sound speed, such that all velocity

components become subsonic. In addition, vrad drops precipitously, which shows that

the infall rate decreases rapidly within the primary protostar. Similar values for the

velocity have been found in previous studies (e.g. Regan et al. 2014a).

Overall, we find good agreement between our results and previous work. However,

some differences exist. The morphology of the halo between ≃ 10 au and ≃ 10 pc is

similar to that of Inayoshi et al. (2014), but we do not find clumps on larger scales

as pointed out by Regan & Haehnelt (2009), Latif et al. (2013a), and Regan et al.

(2014a). However, this is not surprising, since in our case the gas has not yet had time

to settle into a disc on these scales. The radial profiles resemble those of Latif et al.

(2013a) quite well, while Inayoshi et al. (2014) found a slightly higher H2 abundance,

which is also reflected in lower temperatures during the isothermal collapse phase.

These differences may be caused by the different chemical networks used in our study

(see Section 2.3.6).

2.3.2 Disc formation and fragmentation

After the formation of the first protostar, the gas becomes fully rotationally supported

in a Keplerian disc. We study its stability by computing Toomre’s parameter (Toomre

1964):

Q =
csκ

πGΣ
, (2.2)
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where cs is the sound speed of the gas, κ the epicyclic frequency of the disc, G the

gravitational constant, and Σ the surface density of the gas. For the case of a Keple-

rian disc, the epicyclic frequency may be replaced by the orbital frequency Ω. The Q

parameter was originally proposed to determine whether perturbations can grow in

an infinitely thin, isothermal disc. Later studies have extended this criterion for thick

discs, finding that it only deviates by a factor of order unity from the above equation

(Wang et al. 2010). For values greater than Qcrit = 1, the system is stable due to gas

pressure and shear by the differential rotation of the disc, while for lower values the

system is unstable and hence susceptible to the growth of perturbations. These lead

to the formation of spiral arms that transport mass inwards and angular momentum

outwards.

Radial profiles for the gas surface density, sound speed, orbital frequency, and

Toomre parameter are shown in the left-hand panel of Figure 2.5. We compute the

profiles using mass-weighted spherical shells centred on the densest cell in the halo of

the final resimulation. The surface density increases as Σ ∝ r in the interior of the

protostar, where the density is almost constant. On larger scales, the radial depen-

dence changes to Σ ∝ r−1, as deduced from the relation ρ ∝ r−2 for isothermal col-

lapse, while the orbital frequency roughly follows Ω ∝ r−1. On scales between 0.1 and

100 au, the radial dependence of Σ and Ω thus cancel each other, such that Q remains

roughly constant around unity. In the interior of the protostar, Q increases due to the

increase in the sound speed and the different radial scaling between Σ and Ω. Since
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the value of Q is roughly equal to the critical value, the disc is prone to perturbation

growth.

Further properties at the time when the primary protostar has just formed and is

surrounded by a disc that has not yet fragmented are shown in the right-hand panel

of Figure 2.5. From the top left to the bottom right, the panels show the effective

equation of state, root-mean-squared density contrast, cooling time over free-fall time,

and free-fall time over sound-crossing time. In the outer region of the disc, on scales

≳ 1 au, the equation of state is characterized by γeff ≃ 1, as expected for isothermal

collapse. The density contrast is roughly constant around unity, while the interior

of the primary protostar is characterized by values close to 0.1. Here, γeff increases

to ≃ 1.2 − 1.5 as a reflection of the temperature increase by almost two orders of

magnitude in the central ≃ 1 au. The cooling time remains well above the free-fall

time in the inner 100 au of the halo and down to ≃ 1 au, the scale at which the gas

becomes optically thick to continuum cooling. The free-fall time remains below the

sound-crossing time down to ≃ 0.1 au, showing the gravitational instability of the

cloud down to this scale.

2.3.3 Minimum fragment mass

Further evidence for the gravitational instability of the gas is presented in Figure 2.6,

where we plot the enclosed gas mass over the locally estimated Bonnor-Ebert (BE;

Ebert 1955; Bonnor 1956) mass as a function of enclosed gas mass. Colours and line
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Figure 2.6: Enclosed gasmass over themass-weighted average BEmass as a function of enclosed gasmass.

Colours and line styles are the same as in Figure 2.2. As the halo grows inmass, the BEmass increases due to

the rise in the virial temperature, which reducesMenc/MBE. Once the atomic cooling halo is assembled, this

ratio exceeds unity on a scale of≃ 108 M⊙. Following the onset of runaway cooling due to Lyα emission, the

central 106 M⊙ become Jeans-unstable (red dotted line). Theminimum Jeansmass of the cloud is indicated by

the purple dash-dotted line as≃ 0.1M⊙, which coincides with the initial mass of the primary protostar.
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styles are the same as in Figure 2.2. The profiles have been computed using spheri-

cal shells centred on the densest cell, where the BE mass is calculated as the mass-

weighted average among cells within a given radius according to:

MBE ≃ 15M⊙

( nH

cm−3

)−1/2
(
T

K

)3/2

µ−3/2γ2. (2.3)

During the initial collapse, the ratio of enclosed gas mass to BE mass decreases as

a consequence of the rise in temperature as the gas is shock-heated. The enclosed

gas mass surpasses MBE at Menc ≃ 108 M⊙, which is in agreement with the mass of

the halo. As the halo keeps accreting, another region where the ratio exceeds unity

emerges at about ≃ 106 M⊙. This marks the initial Jeans instability of the cloud.

From ≃ 106 M⊙, the point where Menc surpasses MBE moves down to ≃ 0.1M⊙ when

the densest cell first reaches 1019 cm−3. This is the minimum fragment mass and co-

incides with the initial mass of the protostar formed at the centre of the halo. From

then on the temperature of the central object increases, which is translated into an in-

crease of the BE mass, and hence a decrease of the Menc/MBE ratio. As a result, the

point at which this ratio equals unity briefly moves up to ≃ 10M⊙ and always stays

above ≃ 1M⊙.
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2.3.4 Protostellar system

The fragmentation of the disc into a small protostellar system is shown in Figure 2.7.

The top three rows show cubes of side length 20 au centred on the position of the pri-

mary protostar, while the cubes of the last row are 50 au wide with the centre fixed

on the position of the primary protostar after ≃ 12 yr. In total, we present 16 dif-

ferent output times, which are measured with respect to the point in time at which

the densest cell first exceeds 1019 cm−3. During the first ≃ 6 yr, perturbations grow

between 1 and 10 au in the form of spiral arms. After ≃ 7 yr, they become gravitation-

ally unstable and the first secondary protostar forms. In the next ≃ 2 yr, the efficient

cooling of the gas results in the formation of additional protostars, and after ≃ 12 yr

a small protostellar system with six members has emerged. Shortly thereafter, three-

body interactions and strong tidal forces during a close passage of a secondary proto-

star and the primary results in the disruption of the disc. Both protostars are ejected

from the centre of the cloud. The sequence in the bottom row of Figure 2.7 shows the

evolution of this interaction and how both protostars move away from each other.

To quantify the interaction between both protostars, Figure 2.8 shows the relative

distance and velocity between the protostars over time. For comparison, we also in-

clude the escape velocity of both protostars, using the enclosed mass in a spherical

region around their respective centres, with radii equal to their separation. Once

the secondary protostar forms, it orbits at a roughly constant distance of ≃ 4 au
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Figure 2.7: Evolution of the protostellar system that forms at the centre of the atomic cooling halo. The number

density of hydrogen nuclei is weighted with the square of the density along the line of sight, which is perpendic-

ular to the plane of the disc. The top three rows show cubes with a side length of 20 au, centred on the position
of the first protostar. The bottom row shows the later evolution of the protostellar system on a somewhat larger

scale of 50 au, where the centre has been fixed on the position of the primary protostar after≃ 12 yr. The time is

measured from the instant when the density first exceeds 1019 cm−3. The formation of a Keplerian disc around

the primary protostar is clearly visible. Shortly thereafter, the disc becomes Toomre-unstable and spiral arms

form that transport mass inwards and angular momentum outwards. After≃ 6 yr, the disc becomes gravitation-

ally unstable and fragments due to the highmass accretion rate from the surrounding cloud on to the disc, and

the efficient cooling of the disc by continuum emission. Over the next≃ 7 yr, an additional five protostars form
before three-body interactions lead to the temporary ejection of the primary protostar from the cloud, which

disrupts the disc.
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from the primary protostar, but they soon move together and their separation de-

creases to ≃ 1 au. Shortly thereafter, three-body interactions eject both protostars

from the centre of the halo. This is reflected by a high relative velocity with a peak

value of ≃ 100 km s−1, which is followed by a gradual drop in the relative velocity.

The parabolic shape of the relative distance suggests that it may reach a point of

turnaround and the protostars will begin to re-collapse towards the centre. This trend

is supported by the declining profile of the relative velocity and the fact that it has

fallen well below the escape velocity by the end of the simulation.

In Figure 2.9, we show the mass, radius, and accretion rate of all protostars over

time. The solid lines correspond to individual protostars, while the black dashed lines

denote the total mass and accretion rate, respectively. The radius of a protostar is

calculated as the distance at which the Rosseland mean opacity reaches its maximum

value (Stacy et al. 2013). The protostellar mass is given by the mass enclosed within

that radius, and the accretion rate by the time derivative of the enclosed mass. A to-

tal of eight secondary protostars form during the evolution and fragmentation of the

disc. Out of these, four survive until the end of the simulation. The rest merge with

other protostars or are tidally disrupted. During the first ≃ 6 yr after the formation of

the primary protostar, its mass builds up from ≃ 0.1 to ≃ 6.4M⊙ at a rate of roughly

1M⊙ yr−1, in agreement with previous work (Latif et al. 2013a; Inayoshi et al. 2014).

Its radius increases from ≃ 32 to ≃ 136R⊙. The second protostar forms after ≃ 7 yr

with an initial mass of ≃ 0.02M⊙ and a radius of ≃ 22R⊙. Most of the gas is ac-
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Figure 2.9: Stellar mass, radius, and accretion rate of all protostars formed in the simulation. Each line corre-

sponds to an individual protostar, and the black dashed lines shows the total mass and accretion rate, respec-

tively. Initially, themass budget is entirely dominated by the primary protostar (blue line), which grows from

≃ 0.1 to≃ 15M⊙ at a rate of≃ 1M⊙ yr−1, while its radius swells to well over 100 au. Once the primary

protostar is expelled from the centre, its accretion rate and size drop significantly. The protostar formed in the

secondary clump (red line) grows to about 5M⊙ at a rate of≳ 1M⊙ yr−1. The other protostars stay below

≃ 2M⊙, and thus do not contribute significantly to the total protostellar mass.
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creted by the primary protostar, while the second protostar only accretes at a rate of

≃ 0.3M⊙ yr−1 before it is tidally disrupted.

Shortly thereafter, the disc fragments vigorously and gives rise to a protostellar

system characterized by a massive primary protostar with ≃ 9.2M⊙ and a radius

of ≃ 160R⊙, while the secondary protostars only have masses between ≃ 0.06 and

≃ 0.6M⊙, and radii in the range ≃ 26− 41R⊙. The accretion on to the secondary pro-

tostars results in a slight decrease of the accretion rate on to the primary protostar of

≃ 0.5M⊙ yr−1, while the total accretion rate remains roughly constant at 1.5M⊙ yr−1.

After ≃ 13 yr, the primary protostar is expelled from the centre of the halo and the

disc is disrupted (see bottom row of Figure 2.7). As the primary protostar is deprived

of gas, its accretion rate drops to ≲ 0.3M⊙ yr−1, and its radius decreases from ≃ 160

to ≃ 56R⊙. Its final mass is ≃ 15M⊙.

The formation of a protostellar system has recently been reported in studies of

minihaloes that cool via H2 lines (Clark et al. 2008, 2011; Greif et al. 2011). Initial

masses of protostars in atomic cooling haloes are an order of magnitude higher, while

the accretion rates exceed those in minihaloes by about three orders of magnitude.

Other studies have found similar values for the initial protostellar masses and accre-

tion rates (Regan & Haehnelt 2009; Latif et al. 2013a; Regan et al. 2014a; Inayoshi

et al. 2014).
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2.3.5 Secondary clump

About 13 yr into the evolution of the protostellar system, a second clump collapses at

a distance of about 150 au from the primary clump. Figure 2.10 shows both clumps

in a cube with a side length of 300 au at the end of the simulation, with smaller cubes

showing zoom-ins on to the individual clumps. The zoom-in of the secondary clump

shows a protostar with a disc and spiral arms similar to the early evolutionary stages

of the primary clump. The protostar in the secondary clump is denoted by the red

line in Figure 2.9. Its mass quickly grows from ≃ 0.2 to ≃ 4.9M⊙, and its radius in-

creases from ≃ 42 to ≃ 116R⊙. Despite its later formation, it accretes more rapidly

than the first protostar. Ultimately, both clumps may evolve into a wide binary sys-

tem.

2.3.6 Caveats

Previous studies that investigated the collapse and fragmentation of gas in atomic

cooling haloes did not have sufficiently high resolution to self-consistently follow the

formation of protostars at the centre of the cloud. We have attempted to address this

shortcoming by performing a simulation that is not resolution-limited. Nevertheless,

we have neglected some physical processes that might affect the fragmentation of the

cloud. In particular, we have assumed that the optically thin regime for atomic hydro-

gen cooling extends up to densities ≃ 1016 cm−3. In reality, the gas becomes optically

53



Figure 2.10: Simultaneous collapse of a secondary gas clump at a distance of 150 au from the primary clump in

the atomic cooling halo. The number density of hydrogen nuclei is weighted with the square of the density along

the line of sight in a cubewith a side length of 300 au. The panels on the right show zoom-ins on the primary

and secondary clumps with a side length of 60 and 20 au, respectively. While strong interactions occur in the

central protostellar system, a second clump has collapsed and is in the early stages of its evolution. Ultimately,

the clumpsmay evolve into a wide binary system.
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thick to Lyα radiation at densities of ≃ 106 cm−3, and then free-bound continuum

emission of H− becomes the main cooling agent. Previous studies have found that

this kind of cooling may lower the temperature by up to a factor of 2 in the range

n ≃ 1015 − 1020 cm−3 compared to our study (Omukai 2001; Inayoshi et al. 2014). A

lower temperature should translate into a lower Toomre parameter, which would en-

hance the fragmentation seen in our simulation. In addition, at nH ≳ 1016 cm−3 we

have introduced an artificial cut-off for continuum cooling in order to approximately

reproduce the density-temperature relation found in Omukai (2001). This simplifica-

tion may also affect the thermal and gravitational stability of the gas.

Another factor that might influence the temperature of the disc is the heating from

the accretion luminosity of the primary protostar. The accretion luminosity is given

by

Γacc = κP

(
Lacc

4πr2

)
, (2.4)

where κP is the Planck mean opacity, r the distance from the source, and Lacc =

GM⋆Ṁ⋆/R⋆ the accretion luminosity. The effects of the accretion luminosity have

been discussed in similar studies that focused on minihaloes (Greif et al. 2011; Smith

et al. 2011). They found that the additional heating of the gas may slightly delay

fragmentation, but does not prevent it. The photospheric temperature of the proto-

star of ≃ 8000K during the early stages of the collapse is too low to produce signif-

icant amounts of ionizing radiation. Latif et al. (2013a) investigated the influence of
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accretion luminosity in atomic cooling haloes. Assuming a power-law relation between

the mass and the radius of the star, and an accretion rate of ≃ 1M⊙ yr−1, they com-

puted an accretion luminosity of ≃ 2 × 10−4 erg cm−3 s−1 for a 500M⊙ clump with

a size of ≃ 100 au and a temperature of ≃ 8000K. This value is comparable to the

energy emitted by Lyα cooling, and may exceed it once the mass of the clump reaches

≃ 1000M⊙. However, Latif et al. (2013a) found that this difference only translates

into an increase of the temperature by ≃ 500K. Since we investigate the evolution of

the protostellar system at even earlier times, when the mass of the protostar is much

lower, the effects of the accretion luminosity are expected to be even smaller.

Next to the aforementioned cooling and heating processes, we do not include the

effects of magnetic fields. These are expected to become dynamically important in

minihaloes as well as atomic cooling haloes (e.g. Xu et al. 2008; Schleicher et al. 2010;

Sur et al. 2010; Peters et al. 2012, 2014; Schober et al. 2012; Turk et al. 2012; Latif

et al. 2013c). Indeed, Latif et al. (2014b) found that the magnetic pressure provides

additional support against gravity and delays or suppresses fragmentation. Future

simulations should therefore include magnetic fields as well as a more detailed chemi-

cal and thermal model.
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2.4 Summary and Conclusions

We have performed the highest-resolution cosmological simulation to date of the for-

mation and evolution of a protostellar system in an atomic cooling halo. We follow

the collapse of the gas from a few Mpc down to ≲ 0.01 au, spanning almost 13 orders

of magnitude in scale, and reaching densities as high as nH ≃ 1022 cm−3. The simula-

tion includes an equilibrium/non-equilibrium primordial chemistry solver that evolves

five species (H, H2, H−, H+, and e−), and includes H2 line emission, H2 collision-

induced emission, Lyα cooling, and inverse Compton cooling. Additionally, we have

included a uniform LW background of strength J21 = 105 to prevent star formation in

progenitor haloes.

During the initial collapse, the gas is shock-heated to the virial temperature of

about 104 K. The molecular hydrogen abundance briefly increases due to the pres-

ence of supersonic shocks, but the external radiation background photodissociates

H2 to a level of yH2 ∼ 10−7 within the halo. As a result, runaway collapse due to

Lyα cooling ensues once the virial mass has risen to ≃ 5 × 107 M⊙. The central gas

cloud becomes Jeans-unstable with a mass of ≃ 106 M⊙ and collapses nearly isother-

mally over many orders of magnitude in density, characterized by a profile of the form

ρ ∝ r−2. At densities nH ∼ 106 cm−3, the gas becomes optically thick to Lyα emis-

sion and effectively cools via free-bound continuum emission of H− up to a density

of nH ∼ 1016 cm−3, where the continuum emission is trapped. The average H2 abun-
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dance increases to yH2 ∼ 10−4 at nH ≳ 1010 cm−3 due to three-body reactions, but

never becomes high enough for H2 line emission to become important. The H+ abun-

dance declines to ≃ 10−8 due to recombinations before increasing to unity for densi-

ties ≳ 1016 cm−3, where the gas evolves nearly adiabatically and a protostar with an

initial mass of ≃ 0.1M⊙ is formed.

Following the formation of the primary protostar, the gas settles into a Keplerian

disc. The Toomre parameter within the disc is close to unity, such that perturbations

can grow. The emerging spiral arms feed gas on to the primary protostar at a rate of

≃ 1M⊙ yr−1. However, this is not sufficient to process the mass that accretes from

the surrounding cloud on to the disc. In combinations with the efficient cooling of

the gas via continuum emission, the disc becomes gravitationally unstable and a sec-

ondary protostar forms after only ≃ 7 yr. The disc continues to fragment, such that

after ≃ 18 yr a total of eight secondary protostars have formed. By the end of the

simulation, four of these have survived, while the rest have merged away or are tidally

disrupted. The primary protostar has grown to a mass of ≃ 15M⊙, while all other

secondary protostars have masses ≲ 2M⊙. Three-body interactions lead to the tempo-

rary ejection of the primary protostar from the disc after ≃ 12 yr, which is disrupted

in the process. However, an analysis of the relative velocity of the protostars shows

that it is well below the escape velocity. It will therefore likely return to the centre

of the cloud. After ≃ 13 yr, a second clumps collapses at a distance of ≃ 150 au from

the primary clump. It has not yet fragmented and contains a single protostar that
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rapidly grows to ≃ 5M⊙. If this clump show a similar pattern of rapid migration and

merging, the cloud may evolve into a wide binary system.

Despite the temporary ejection of the primary protostar from the centre of the

cloud, subfragmentation likely does not substantially impede its growth. Once it

returns to the centre of the cloud, its accretion rate will likely again increase to ≃

1M⊙ yr−1. In addition, the secondary protostars formed in the disc quickly migrate

to the centre of the cloud, where they merge with the primary protostar. They are

also typically 10 times less massive than the primary protostar, which has accreted

≃ 15M⊙ by the end of the simulation, while the most massive secondary protostar

has only grown to ≃ 1.5M⊙. Most of the accreted material thus does not stem from

other protostars, but from the bar-like instabilities in the disc. The secondary clump

may be a much more potent candidate for accreting mass that may have otherwise

been accreted by the primary clump, but even in this case the growth of the most

massive protostar would be reduced by at most a factor of 2. It thus appears that

fragmentation is not a significant barrier for forming at least one massive BH seed

per atomic cooling halo, assuming that the LW background is high enough to prevent

H2 cooling. Recent simulations have shown that this may indeed be the much more

limiting factor (Latif et al. 2014a, 2015; Regan et al. 2014b).

One of the main caveats of this study is the simplified chemistry and cooling net-

work. Future work should include a more detailed chemical model, such as that used

in Inayoshi et al. (2014). It may also become possible to treat the radiative transfer
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of the various line and continuum processes (e.g. Greif 2014). Finally, the influence

of magnetic fields may be investigated with modules that have already been imple-

mented in arepo (Pakmor et al. 2011). The influence of the radiation may not be

that strong, since it is difficult to heat the gas above ≃ 104 K, while magnetic fields

may have a substantial effect on the thermal and gravitational stability of the cloud

(e.g. Latif et al. 2013c, 2014b). The additional support provided by magnetic fields

may reduce the ability of the gas to fragment, and further increase the accretion rate

of the primary protostar.

2.5 Appendix: Chemical solver

We here describe a new solver implemented in arepo that combines a non-equilibrium

solver for low densities with an equilibrium solver for high densities. This tiered ap-

proach allows us to seamlessly model the extremely large dynamic range of more than

20 orders of magnitude in density that builds up in self-gravitating, primordial gas

clouds.

2.5.1 Methodology

We use an operator-split approach to solve for the coupled evolution of the chemical

abundances and internal energy of the gas, represented by a system of first-order dif-
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ferential equations:

ẏ = F(t,y), (2.5)

where y denotes the chemical species and internal energy, F is a function that incor-

porates the rate equations, and t denotes the time. The time dependency implicitly

includes all external dependencies, such as on density and redshift. For a given hydro-

dynamic time step ∆t, the above differential equation is integrated using the publicly

available solver sundials cvode, which employs a variable order, variable step mul-

tistep backward differencing scheme (Hindmarsh et al. 2005). We model three inde-

pendent chemical species: H−, H2, and H+. The abundance of H− may be trivially

derived from that of H+, such that only the abundances of H2 and H+ are included in

y. The electron abundance is trivially given by ye = yH+ , and that of neutral hydro-

gen by yH i = 1 − 2yH2 − yH+ , where yX = nX/nH denotes the ratio of the number

density of chemical species X to the number density of hydrogen nuclei. The latter

is given by nH = XHρ/mH, where XH = 0.76 is the cosmological mass fraction of

hydrogen, ρ the volumetric mass density, and mH the mass of the hydrogen atom.

Since reactions involving helium are comparatively unimportant at the densities and

temperatures modelled here, we assume that it remains chemically inert and is in the

ground electronic state. Because of the tight coupling of some of the chemical rates

to the internal energy, a relative accuracy of facc,neq = 10−4 is necessary to avoid sig-

nificant spurious oscillations. Below yabs = 10−20, the chemical species are no longer
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No. Process Rate coefficient Units Reference
1 H + e− → H− + γ 1.4 × 10−18T0.928

K exp (−TK/1.62 × 104) cm3 s−1 Galli & Palla (1998)
2 H+H− → H2 +e− 1.35 × 10−9(T0.098493

K + 0.32852T0.5561
K cm3 s−1 Kreckel et al. (2010)

+2.771 × 10−7T2.1826
K )/(1 + 6.191 × 10−3T1.0461

K
+8.9712 × 10−11T3.0424

K + 3.2576 × 10−14T3.7741
K )

3 3H → H + H2 6 × 10−32T−0.25
K + 2 × 10−31T−0.5

K cm6 s−1 Forrey (2013)
4 2H + H2 → 2H2 k3/8 cm6 s−1 Jacobs et al. (1967)
5 H + H2 → 3H qH2

k3 cm3 s−1 Detailed balance with (3)

6 2H2 → 2H + H2 qH2
k4 cm3 s−1 Detailed balance with (4)

7 H2 + γ → 2H 1.38 × 10−12 s−1 Abel et al. (1997)
8 H+e− → H++2e− exp[−32.71396786 + 13.536556 lnTeV cm3 s−1 Janev et al. (1987)

−5.73932875(lnTeV)2 + 1.56315498(lnTeV)3

−0.2877056(lnTeV)4 + 0.0348255977(lnTeV)5

−2.63197617 × 10−3(lnTeV)6

+1.11954395 × 10−4(lnTeV)7

−2.03914985 × 10−6(lnTeV)8]

9 H+ + e− → H + γ 2.753 × 10−14(3.15614 × 105/TK)1.5 cm3 s−1 Ferland et al. (1992)
×(1 + (1.15188 × 105/TK)0.407)−2.242

10 H+ + e− → H + γ k8/qH cm6 s−1 Detailed balance with (8)
11 H2 line cooling dex[−103 + 97.59logTK − 48.05(logTK)2 erg cm3 s−1 Galli & Palla (1998)

+10.8(logTK)3 − 0.9032(logTK)4]

12 H2 CIE 5.3 × 10−49T4
K erg cm3 s−1 Ripamonti & Abel (2004)

13 Lyα cooling 7.5 × 10−19 exp (−1.18348 × 105/TK) erg cm3 s−1 Cen (1992)
/
[
1 + (TK/105)0.5

]
14 IC cooling 5.65 × 10−36T4

CMB,K(TK − TCMB,K) erg s−1 Peebles (1971)

Table 2.1: Chemistry and cooling network, and the corresponding rate coefficients. TK denotes the temperature

in units of K,TeV the temperature in units of eV, andTCMB,K = 2.725(1 + z)4 the temperature of the CMB in

units of K. The equilibrium constants qH2
and qH are introduced in Section 2.5.2.

evolved accurately, which avoids an unnecessary computational overhead.

2.5.2 Chemistry

The chemical and thermal processes included in our reaction network are shown in

Table 2.1, together with the corresponding rate coefficients and references. To enable

fast look-up, the rates are linearly interpolated from a table with 5000 logarithmically

spaced temperature bins between 10 and 108K. Because of the comparatively large

reaction rates, we assume that H− is in chemical equilibrium:

yH− =
k1
k2

yH+ , (2.6)
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where k1 denotes the rate coefficient for the formation of H− via radiative association

of H i and free electrons, and k2 the rate coefficient for the destruction of H− by asso-

ciative detachment with H i. The latter reaction results in the formation of H2. Molec-

ular hydrogen may also be formed by three-body reactions involving three hydrogen

atoms or two hydrogen atoms and one hydrogen molecule, while it is destroyed by col-

lisions with hydrogen atoms and molecules, as well as radiation in the Lyman–Werner

(LW) bands:

ẏH2 = k2yH−yH inH + (k3y
3
H i + k4yH2y

2
H i)n

2
H

− k5yH2yH inH − k6y
2
H2

nH − k7J21fshyH2 , (2.7)

where J21 denotes the specific intensity in units of 10−21 erg s−1 cm−2Hz−1 sr−1 in the

LW bands. We use the recently updated rate coefficients for associative detachment

and three-body H2 formation of Kreckel et al. (2010) and Forrey (2013), respectively.

The shielding factor for incident LW radiation is given by

fsh =
0.965

(1 + x/b5)1.1
+

0.035

(1 + x)0.5
× exp [−8.5× 10−4(1 + x)0.5], (2.8)
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where x = NH2,eff/5 × 1014 cm−2, NH2,eff is the effective H2 column density (see Sec-

tion ??), b5 = vth/
(
km s−1

)
, and vth the thermal velocity of the H2 molecules:

vth =
√
2kBT/mH2 . (2.9)

Here, mH2 denotes the mass of the H2 molecule, kB Boltzmann’s constant, and T the

temperature of the gas (Draine & Bertoldi 1996; Wolcott-Green et al. 2011).

The collisional dissociation rates are obtained from the three-body formation rates

by applying the principle of detailed balance:

kdiss = qH2k3b, (2.10)

where qH2 is the equilibrium constant:

qH2 =
n2
H i

nH2

=
Z2
H

ZH2

(
πmHkBT

h2p

)3/2

exp (−χH2/kBT ), (2.11)

and hp denotes Planck’s constant, χH2 = 4.48 eV the binding energy of H2, and ZH

and ZH2 the partition functions of atomic and molecular hydrogen, respectively:

Z =
∑
i

gi exp

(
− Ei

kBT

)
, (2.12)

where gi is the degeneracy of state i with energy Ei. In the case of atomic hydrogen,
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gi = 2i2, Ei = χH/i
2, and χH = 13.6 eV denote the ionization energy of atomic hy-

drogen, and the sum is truncated at i = 5. In the case of H2, only the ro-vibrational

transitions of the electronic ground state are modelled, such that gi = 2Ji + 1, where

J denotes the rotational quantum number. The energy levels are taken from Borysow

et al. (1989), using vibrational quantum numbers 0 ≤ v ≤ 2 and rotational quan-

tum numbers 0 ≤ J < 20, which is sufficient for the regime in which H2 cooling is

important.

The formation and destruction of ionized hydrogen is governed by collisional ion-

ization with electrons and the inverse process, recombinations. The recombination

rate at high densities is obtained by applying the principle of detailed balance to the

collisional ionization rate of Janev et al. (1987) :

krec = kcoll/qH, (2.13)

where

qH =
n2
H+

nH i
=

2

ZH

(
2πmekBT

h2p

)1.5

exp (−χH/kBT ), (2.14)

and me is the mass of the electron. At low densities, the case B recombination rate

of Ferland et al. (1992) is used, which includes recombinations to all levels except the

ground state. The two regimes are smoothly adjoined by a transition function, such
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that the net H+ formation rate is given by

ẏH+ = k8yH+yH inH − (k9y
2
H+nH)

d(k10y
3
H+n

2
H)

1−d, (2.15)

where

d =
1

1 + nH/nH,trans
, (2.16)

and nH,trans = 1017 cm−3. This ensures that the H+ abundance approaches the ther-

mal equilibrium abundance at high densities, since we do not include the inverse reac-

tions for recombinations to all hydrogen levels (reaction 9 in Table 2.1).

2.5.3 Heating and cooling

The rate of change of the volumetric internal energy density u is given by

u̇ = Γchem − Λcool, (2.17)

where Γchem denotes heating due to chemical processes, and Λcool cooling due to ra-

diative processes. We only include the chemical heating and cooling of the gas due to

the formation and destruction of H2, since significant amounts of H+ are formed only

at very high densities, where the abundances become inaccurate due to various non-

ideal gas effects (Ripamonti et al. 2002). The chemical heating rate may therefore be
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conveniently written as

Γchem = χH2 ẏH2nH. (2.18)

The radiative cooling rate is given by

Λcool = Λline + ΛCIE + ΛLyα + ΛIC, (2.19)

and includes H2 line cooling, H2 collision-induced emission, Lyα cooling, and inverse

Compton scattering of electrons with cosmic microwave background (CMB) photons.

The H2 line cooling rate is discussed in detail in Section 2.5.4. The cooling rate due

to collision-induced emission is given by

ΛCIE = k12yH2n
2
Hfesc, (2.20)

where k12 and the escape fraction are taken from Ripamonti & Abel (2004). The lat-

ter is given by

fesc =
1− exp (−τcont)

τcont
, (2.21)

where

τcont =

(
nH

nH,cont

)2.8

(2.22)
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and nH,cont = 1.5× 1016 cm−3. The Lyα cooling rate is given by:

ΛLyα = k13yH+yH in
2
Hfesc, (2.23)

where k13 is taken from Cen (1992), and

fesc = exp (−nH/nH,cont). (2.24)

The latter approximately reproduces the temperature–density relation found in the

one-zone models of Omukai (2001). Finally, the IC cooling rate is given by

ΛIC = k14yH+nH, (2.25)

where k14 is taken from Peebles (1971).

2.5.4 H2 line cooling

The H2 line cooling rate is obtained by adjoining the rate in the limit nH → 0 with

the LTE rate (Galli & Palla 1998):

Λline =
ΛLTE

1 + ΛLTE/Λn→0
. (2.26)
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In the above equation, the low-density rate is given by

Λn→0 = k11yH iyH2n
2
H, (2.27)

where k11 is taken from Galli & Palla (1998). If the gas is optically thin, the cooling

rate may be calculated directly from the Einstein coefficients corresponding to the

individual ro-vibrational transitions of H2:

ΛLTE,thin =
∑
u,l

EulAulnu (2.28)

where Eul denotes the energy emitted by the transition from the upper state u to the

lower state l, Aul the Einstein coefficient, and nu the number density of H2 molecules

in the upper state. The Einstein coefficients are taken from Turner et al. (1977). The

relative numbers of H2 molecules in the upper and lower states are given by

Bu,l =
nu,l

nH2

=
gu,l
ZH2

exp

(
−
Eu,l

kBT

)
. (2.29)

This allows the cooling rate per H2 molecule to be tabulated as a function of tempera-

ture:

ϵLTE,thin =
∑
u,l

EulAulBu. (2.30)
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Ripamonti & Abel (2004) assumed that the optically thick cooling rate can be ob-

tained from the optically thin cooling rate via

ϵLTE = fescϵLTE,thin, (2.31)

where

fesc =
bx

xb + b− 1
(2.32)

for x ≥ 1 and fesc = 1 for x < 1. The parameter x is given by

x = b1/(b−1) nH

XHnH,line
, (2.33)

where b = 1.45 and nH,line = 8 × 109 cm−3. This formula reproduces the slope of the

fit to the detailed one-dimensional calculations of Ripamonti et al. (2002), but has the

advantage of a continuous derivative at x = 1.

2.5.5 Adiabatic index

The pressure, temperature, and internal energy density of the gas are related via

P = ρ
kBT

µmH
= (γ − 1)u, (2.34)
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where µ and γ denote the mean molecular weight and adiabatic index of the gas, re-

spectively. The latter is given by

1

γ − 1
=

∑
i yi/(γi − 1)∑

i yi
, (2.35)

where the sum extends over all chemical species. In our case, the adiabatic index is

given by

1

γ − 1
=

1 + yHe − 2yH2 + yH+

yn (γm − 1)
+

yH2

yn (γH2 − 1)
, (2.36)

where yn = 1 + yHe − yH2 + yH+ and yHe = (1/XH − 1) /4. The adiabatic index for a

monatomic gas is given by γm = 5/3, and for H2 by

1

γH2 − 1
=

5

2
+

x2ex

(ex − 1)2
, (2.37)

where x = 6.1 × 103K/T . The second term in this equation accounts for the vibra-

tional degrees of freedom of H2 (Yoshida et al. 2006). In analogy to the adiabatic in-

dex, the mean molecular weight of the gas is given by

µ =

∑
imiyi

mH
∑

i yi
, (2.38)
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where mi denotes the particle mass of species i. Here, this simplifies to

µ =
1 + 4yHe

1 + yHe − yH2 + yH+

. (2.39)

2.5.6 Equilibrium chemistry

Once the density exceeds nH2,eq = 1015 cm−3, the H2 abundance may be safely as-

sumed to be in thermal equilibrium (Omukai & Nishi 1998). This simplifies the chem-

istry, since updating the H2 abundance only requires the solution of an implicit equa-

tion instead of a coupled differential equation. For a new internal energy, the updated

H2 abundance must be consistent with the chemical heating and cooling of the gas

due to the formation and dissociation of H2:

u− uinit = χH2(yH2 − yH2,init)nH, (2.40)

where uinit and yH2,init are the internal energy density and H2 abundance at the begin-

ning of the time step. According to equation 2.11, the H2 abundance is related to the

temperature via

(1− 2yH2 − yH+)2

yH2

=
qH2

nH
, (2.41)

which is solved with a bisection method that uses u = (umax − umin)/2 as an initial

guess for the internal energy. Here, umin = fbiuinit, umax = uinit/fbi, and fbi = 0.1
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gives robust minimum and maximum values.

For each new guess of the internal energy, the adiabatic index, mean molecular

weight, and temperature are updated using the H2 fraction at the beginning of the

time step. This does not result in a substantial error, since the adiabatic index and

mean molecular weight do not change much over a single time step. The updated tem-

perature is used to compute the equilibrium constant qH2 , which is then used to solve

the above equation. The physically meaningful solution is the negative branch of

yH2 =
−B ± E

2A
, (2.42)

where the coefficients are given by

A = 4, (2.43)

B = − 4 (1− yH+)− qH2/nH, (2.44)

C = (1− yH+)2 , (2.45)

D = 4AC, (2.46)

E =
(
B2 −D

)1/2
. (2.47)

A subtle problem arises if D is much smaller than B2. In this case, E may be trun-

cated due to rounding errors, which results in E = B2 and yH2 = 0. This unphysical
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solution is avoided by a Taylor expansion of E around D = 0:

E = |B| − D

2 |B|
. (2.48)

For D < 10−10B2, the H2 abundance is therefore given by

yH2 =
D

4A |B|
, (2.49)

where we have exploited the fact that B < 0. Once the new H2 abundance has been

obtained, the new internal energy density is used as a solution if (unew − uinit) /uinit <

facc,eq = 10−7. This comparatively high accuracy is necessary to obtain a self-consistent

solution at the very high densities and temperatures within metal-free protostars. Af-

ter the equilibrium step is completed, the non-equilibrium solver is used to update

the H+ abundance as well as the internal energy density, which is subject to radiative

cooling. The equilibrium and non-equilibrium steps are subcycled on a time step:

∆tsub = fsub∆t, (2.50)

where we have found that fsub = 0.2 suppresses visible fluctuations.

For nH ≳ nH+,eq = 1018 cm−3, the H+ abundance also converges to the thermal

equilibrium value (Omukai & Nishi 1998). As opposed to H2, we do not account for

the chemical heating and cooling of the gas due to changes in the H+ abundance. A
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further simplification arises due to the fact that the H2 abundance generally decreases

to well below unity as the H+ abundance increases to unity. The resulting equation is

therefore comparatively simple:

y2H+

1− yH+

=
qH
nH

. (2.51)

The root of this equation is found using the same bisection method as for the H2

abundance, but with fbi = 0.01. Since the H2 abundance may depend sensitively

on the H+ abundance, the latter is updated first.
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“Aujourd’hui, maman est morte. Ou peut-être

hier, je ne sais pas.”

Albert Camus

3
Opacity limit for supermassive

protostars

This chapter has been published as

Becerra, F., Marinacci, F., Inayoshi, K., Bromm, V., & Hernquist, L. E. (2018). Opac-

ity limit for supermassive protostars. ApJ, 857, 138.
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abstract

We present a model for the evolution of supermassive protostars from their formation

at M⋆ ≃ 0.1M⊙ until their growth to M⋆ ≃ 105 M⊙. To calculate the initial properties

of the object in the optically thick regime, we follow two approaches: one based on

idealized thermodynamic considerations, and another based on a more detailed one-

zone model. Both methods derive a similar value of nF ≃ 2×1017 cm−3 for the density

of the object when opacity becomes important, i.e. the opacity limit. The subsequent

evolution of the growing protostar is determined by the accretion of gas onto the ob-

ject and can be described by a mass-radius relation of the form R⋆ ∝ M
1/3
⋆ during the

early stages, and of the form R⋆ ∝ M
1/2
⋆ when internal luminosity becomes important.

For the case of a supermassive protostar, this implies that the radius of the star grows

from R⋆ ≃ 0.65AU to R⋆ ≃ 250AU during its evolution. Finally, we use this model

to construct a sub-grid recipe for accreting sink particles in numerical simulations. A

prime ingredient thereof is a physically motivated prescription for the accretion radius

and the effective temperature of the growing protostar embedded inside it. From the

latter, we can conclude that photo-ionization feedback can be neglected until very late

in the assembly process of the supermassive object.
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3.1 Introduction

Recent observations at redshifts z ≳ 6 suggest that quasars were already powered by

supermassive black holes (SMBHs) with masses ≳ 109 M⊙ when the Universe was less

than one billion years old (Fan et al. 2003, 2006; Mortlock et al. 2011; Wu et al. 2015).

These SMBHs most likely grew from smaller seed BHs that formed earlier, but the

origin of these seeds remains unclear (Haiman 2006, 2009; Bromm & Yoshida 2011;

Greene 2012; Volonteri 2012; Volonteri & Bellovary 2012). Furthermore, feedback and

self-regulation of the seeds make the study of their formation and growth even more

complex (Milosavljević et al. 2009). The two most promising theories concerning the

formation of seed BHs at high redshift are the remnants of massive Population III

stars (Madau & Rees 2001; Li et al. 2007; Johnson et al. 2012), and the direct col-

lapse of primordial gas in haloes with virial temperatures Tvir ≳ 104 K, the so-called

atomic cooling haloes (Bromm & Loeb 2003; Begelman et al. 2006; Spaans & Silk

2006).

In the direct collapse scenario, high temperatures are reached in haloes where cool-

ing by molecular hydrogen and metal lines to below ≃ 104 K has been suppressed,

which implies that the only coolant acting on the gas is atomic hydrogen (Omukai

2001; Oh & Haiman 2002). In the case of molecular hydrogen, which naturally forms

at the center of the halo, its photo-dissociation can be achieved by an external soft

ultraviolet (UV) background in the Lyman-Werner (LW) bands. Previous studies
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have found that this leads to a nearly isothermal collapse at Tvir ≃ 104K due to ini-

tially Lyman-α cooling, and subsequently H− bound-free and free-free emission, when

higher densities are reached (Regan & Haehnelt 2009; Latif et al. 2013b; Inayoshi

et al. 2014; Becerra et al. 2015; Chon et al. 2016). High-resolution simulations have

shown that, as the gas collapses and reaches densities of ≃ 1017cm−3, it becomes

optically thick to H− radiation, and a massive protostar with an accretion rate of

≃ 1M⊙ yr−1 forms at the center of the halo (Inayoshi et al. 2014; Van Borm et al.

2014; Becerra et al. 2015; Latif et al. 2016). Due to this high accretion rate, the cen-

tral object can easily become a supermassive star of ≃ 105 − 106 M⊙ within a million

years (Regan & Haehnelt 2009; Latif et al. 2013b), which later might collapse into an

SMBH due to relativistic instabilities (Baumgarte & Shapiro 1999; Umeda et al. 2016;

Woods et al. 2017, see also Figure 3.1).

In this work, we study the physics of the central object when it approaches the op-

tically thick regime. In particular, we investigate the properties of the emerging pro-

tostar when the optical depth due to H− emission becomes unity, thus extending the

classical theory of opacity-limited fragmentation developed for present-day star for-

mation (Low & Lynden-Bell 1976; Rees 1976). Previous studies have explored this

scenario using detailed one-zone models (e.g. Omukai 2001). Here, we present an al-

ternative approach based on both simplified dimensional arguments and a fitting for-

mula for the cooling and heating processes within the non-equilibrium chemistry of H

and H− ions. In addition, we develop an idealized model for the subsequent evolution
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of the accreting protostar, until the formation of a supermassive object. Based on this

modeling of the growing protostar, we deduce parameters for a physically motivated

sink particle algorithm, to be used as a sub-grid recipe in large-scale, hydrodynamic

simulations of the formation of SMBH seeds in a fully cosmological context. Such

simulations are needed to derive detailed diagnostics for the SMBH assembly process

at high redshifts, to be probed with next-generation observational facilities (Pacucci

et al. 2015), such as the James Webb Space Telescope (JWST), the ATHENA X-ray

mission, and the Laser Interferometer Space Antenna (LISA) gravitational-wave obser-

vatory.

3.2 Physics of the opacity limit

3.2.1 Classical picture

In the theory of star formation, it has been a long-standing quest to understand the

limits to fragmentation in a given cloud setting. An influential idea was that frag-

mentation proceeds hierarchically in a collapsing cloud, as the Jeans mass decreases

with increasing density as long as the cloud can collapse almost isothermally (Hoyle

1953). The minimum fragment mass is then set by the scale when opacity prevents

the release of the gravitational energy via radiation, such that the Jeans mass would

increase again upon further compression (Low & Lynden-Bell 1976; Rees 1976). Frag-

mentation can be seeded in a number of ways, including from non-spherical perturba-
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tions of the Larson-Penston solution (Hanawa & Matsumoto 2000; Lai 2000). We here

follow a similar reasoning, applied to the peculiar conditions of isothermally collapsing

primordial gas in atomic cooling haloes. Our goal is to robustly derive the characteris-

tic density nF, mass MF, and radius RF of the emerging protostar, when the gas first

becomes optically thick (see third panel of Figure 3.1). These values will mark the

initial stage in the build-up process of the supermassive object.

We start by considering the simple relation between these three quantities:

MF =
4π

3

mH

X
nFR

3
F , (3.1)

where we have used ρ = mHn/X, with X = 0.76 being the primordial hydrogen mass

fraction, to translate total mass density to hydrogen number density.

We furthermore assume that the optically thick cloud is gravitationally bound, such

that the characteristic mass is of the order of the Jeans mass MJ,

MF ≃ MJ =

(
πkB

GmHµ

)3/2

T 3/2n
−1/2
F , (3.2)

where µ ≃ 1.22 is the mean molecular weight for a fully-neutral primordial mixture of

atomic hydrogen and helium.

Finally, we need to account for energy equilibrium. The energy that is to be radi-

ated away originates in the gravitational collapse of the cloud. In this case, the gravi-
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tational energy is emitted in a collapse timescale tcol, as long as the gas remains opti-

cally thin to its cooling radiation. Right before the gas cloud becomes opaque, the en-

ergy is radiated from the surface as a fraction fBB of the black-body radiation. Hence,

we can equate the gravitational compressional heating rate with the radiation cooling

rate

4π

3
R3

F · nFkBT

tcol
= fBB4πR

2
FσSBT

4 , (3.3)

where σSB is the Stefan-Boltzmann constant. In a one-zone model, where the thermal

evolution of the central core of a collapsing cloud is calculated, the collapse timescale

is commonly assumed to be tcol =
√
3π/32Gρ, which is the time for the density of an

initially static cloud to reach infinity. On the other hand, the dynamical timescale in

the free-fall collapse is tcol = 1/
√
24Gρ, which is shorter by a factor of 3π/2 ≃ 4.7. In

reality, the collapse timescale can be between these values. Here, we set the collapse

timescale to tcol = fcol
√
3π/32Gρ in order to consider this uncertainty, where 0.2 ≲

fcol ≲ 1.

We then proceed to solve the system of Equations (3.1), (3.2), and (3.3), and ob-

tain analytic expressions of the characteristic density, radius, and mass

nF ≃ 4.6× 1016 f

(
T

3000 K

)5/2

cm−3, (3.4)
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RF ≃ 0.33 f−1

(
T

3000 K

)−3/4

AU (3.5)

MF ≃ 0.045 f−1/2

(
T

3000 K

)1/4

M⊙ , (3.6)

where we have normalized T to the typical value of isothermally collapsing gas in the

high density regime in an atomic cooling halo and we have used f = fcolfBB ≲ 1.

We note that this argument for the universal line in the density-temperature plane

(Equation (3.4)), on which the gas cloud becomes optically thick to any continuum

opacities (gas and dust grains) has already been discussed by Omukai et al. (2005),

and we here reproduce the key result in a simplified way to highlight the basic physics

involved.

Figure 3.2 shows the density-temperature diagram of a collapsing cloud in an atomic

cooling halo when a protostar, composed of a hydrostatic and adiabatic core, forms at

the center of the cloud (red dashed curve). The data is taken from a three-dimensional

(3D) hydrodynamical simulation by Inayoshi et al. (2014), including all relevant cool-

ing and chemical reaction networks. In this case, the gas becomes opaque at n ≃

5×1015 cm−3 (open circle), which agrees with nF = 9.2×1015 cm−3 for f = 0.2 within

a factor of two (see Equation (3.4)). Moreover, the radius and mass of the opaque

core estimated from Equations (3.5) and (3.6) are RF = 1.7 AU and MF = 0.1 M⊙

for f = 0.2, respectively. Both values also reasonably agree with the 3D simulation
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Figure 3.2: Density-temperature diagram of a collapsing cloud in an atomic cooling halo. Solid curve (black)

presents the thermal history obtained from a one-zone calculation including H− continuum cooling and opacity

effects (see Section 3.2.2). Dashed curves (red and blue, respectively) show the snapshots of a three-dimensional

(3D) simulation by Inayoshi et al. (2014) when (1) a hydrostatic protostar forms due to the opacity limit (long,

red), and (2) 1.2 years after protostellar formation (short, blue). The open circle marks the density abovewhich

the gas becomes opaque in the 3D simulation. Filled circles mark the three epochs at which we show the optical

depth due to absorption and scattering in Figure 3.3. The density at the opacity limit in the 3D simulation is lower

than that in the one-zone calculation because the collapse timescale in the 3D simulation is shorter thanwhat is

assumed in the one-zonemodel.
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results, where RF ≃ 1 AU and M⋆ ≃ 0.2 M⊙ right after protostellar formation.

3.2.2 Detailed modeling: One-zone model

Next, we gain further insight by considering the detailed physics of H− opacity, based

on the actual microphysical cross section for this process. To this extent, we re-derive

the opacity limit by using a one-zone model for the collapse of gas into an atomic

cooling halo.

Following previous works (Omukai 2001; Inayoshi et al. 2014), we implement the

cooling function due to H− free-bound (fb) and free-free (ff) emission

H+ e− → H− + γ, (3.7)

H+ e− → H+ e− + γ, (3.8)

and consider three opacity sources associated with H− bound-free, free-free transition

and H Rayleigh scattering

H− + γ → H+ e−, (3.9)

H+ e− + γ → H+ e−, (3.10)
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H+ γ → H+ γ′. (3.11)

These processes are treated in a self-consistent way with chemical reaction networks.

An updated set of chemical reaction rate coefficients and cross sections is summarized

in Inayoshi et al. (2014, 2016).

In what follows, we briefly describe the method introduced by Inayoshi et al. (2014)

to calculate the cooling function both in the optically thin and thick regimes. We

summarize specific functional forms for the cooling rates and opacities in Section 3.5.

In the optically thin limit, the H− cooling rate is estimated by integrating emissivities

over frequency as

Λthin ≡ 4π

∫
(ηfbν + ηffν )dν. (3.12)

We here divide the frequency range into two: Dl = [0, 0.75] eV and Dh = [0.75, 13.6]

eV, called “low” and “high” frequency, respectively. That is,

Λthin =

∫
Dl

+

∫
Dh

4π(ηfbν + ηffν )dν,

≡ Λ
(l)
thin + Λ

(h)
thin. (3.13)

This distinction between the two ranges is required to calculate the cooling rate in the

optically thick case. Figure 3.3 shows the optical depth at the core of the collapsing
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cloud due to the H− bound-free/free-free transition and H Rayleigh scattering for

three different densities. For the lowest density (n = 1012 cm−3, top panel), the gas

is optically thin (τν = nσνλJ < 1) to all the continuum opacities at frequencies ≲ 2

eV. As the density increases to n = 1015 cm−3 (middle panel), the optical depth at

higher frequencies (≳ 1 eV) exceeds unity, but the H− free-free emission still works

as radiation cooling. For the highest density (n = 1016 cm−3, bottom panel), the gas

core becomes completely opaque to all the continuum, and hence enters the opacity

limit.

In the optically thick limit, the cooling function is approximated as

Λthick ≃
∫
Dl

+

∫
Dh

−4π

3(κaν + κsν)

∂2Bν(T )

∂z2
dν, (3.14)

where κ
a(s)
ν is the absorption (scattering) coefficients, Bν(T ) is the Planck function,

and z is the coordinate along the temperature gradient. Here, we approximate Equa-

tion (3.14) as

Λthick ≃
∑
i=l,h

4π
∫
Di

Bν(T )dν

3κ
(i)
R ℓ2

=
∑
i=l,h

4π
∫
Di

ηνdν

3κ
(i)
R κ

(i)
P ℓ2

, (3.15)

where the partial derivative ∂/∂z is replaced with a characteristic length ℓ, and κ
l(h)
R

and κ
l(h)
P are Rosseland and Planck mean opacities in the low- and high-frequency

regimes, respectively. Note that, in this limit, the emissivity is expressed as ην =

κaνBν(T ) because the source function is given by Bν(T ).
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Finally, in order to connect both the optically thin and thick regimes, we adopt the

following functional form

Λtot ≃
∑
i=l,h

4π
∫
Di

ηνdν

1 + 3κ
(i)
R κ

(i)
P ℓ2

,

=
∑
i=l,h

Λ
(i)
thin

1 + 3κ
(i)
R κ

(i)
P ℓ2

≡ Λ(l) + Λ(h), (3.16)

where the first (second) term in the right-hand side in Equation (3.16) mainly cor-

responds to H− free-bound (free-free) emission. Figure 3.4 shows the evolution of

the cooling rates for a collapsing cloud in our one-zone calculation (see solid curve

in Figure 3.2). Each solid curve presents the total cooling rate (red), the rate of Λ(h)

(green) and Λ(l) (blue). The H− free-bound cooling saturates and decreases at n >

6 × 1015 cm−3 because of H Rayleigh scattering and H− bound-free absorption. At

9 × 1015 cm−3 ≲ n ≲ 2 × 1016 cm−3, the H− free-free emission acts as the main

cooling process instead of H− free-bound. Since the compressional heating, given by

Γcomp = nkBT/tff (dashed curve in Figure 3.4), dominates the total cooling rate dur-

ing this transition, the temperature begins to increase gradually. Eventually, the gas

becomes completely opaque at n > 2 × 1016 cm−3, where T ∝ n2/3. Note that this

density, here derived by considering the detailed microphysics involved, is very similar

to the estimate in Section 3.2.1. We can thus robustly characterize the conditions at

the onset of supermassive protostar formation.
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3.2.3 Protostellar evolution

After the collapse and formation of the optically thick object, its mass grows through

accretion of the surrounding gas and new sources of energy start becoming important

(see fourth panel of Figure 3.1). In that case, its evolution will not be determined by

the energy radiated away from the collapse, but by the interplay between internal

and accretion radiation from the protostar. During the first stage of protostellar evo-

lution, the energy powering the object will dominantly come from accretion rather

than self-gravitating collapse. At some point toward the later evolution of the system,

the accretion timescale, tacc = M⋆/Ṁ⋆, becomes larger than the Kelvin-Helmholtz

(KH) timescale, tKH = GM2
⋆ /R⋆L⋆, and hence the protostellar model needs to be

augmented by internal contributions (e.g., Omukai & Palla 2003).

Right after a protostar forms, the accretion timescale is shorter than the KH timescale.

In this accretion phase (tacc ≲ tKH), we modify the left-hand side of Equation (3.3)

and consider the accretion luminosity released at the stellar surface:

GM⋆Ṁ⋆

R⋆
≃ 4πR2

phσSBT
4
⋆ , (3.17)

where Rph is the photospheric radius. In the early stages of the accretion phase, we

assume Rph ≃ 1.4 R⋆ (Stahler et al. 1986), which is derived for a spherically symmet-

ric, quasi-steady model of an accreting protostar. Specifically, a freely-falling enve-
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lope is depositing material onto a growing hydrostatic core in an accretion shock. The

latter is surrounded by a radiative precursor, transitioning into the optically thin en-

velope at the photosphere. Here, the factor of 1.4 is determined by H− opacity, but

during later evolutionary stages, other opacity effects like electron scattering will play

a role. In accretion problems, other radii like the trapping radius, defined as the point

where the radiative diffusion and dynamical timescales are of the same order, might

be important. During the evolution of the system, the effective opacity can be written

as a function of the opacity due to absorption (τabs) and to electron scattering (τes) as

τeff =
√
τabs(τabs + τes). Inside the photosphere, the gas is ionized and hence electron

scattering dominates over absorption (τes ≫ τabs). We can then estimate the trap-

ping radius due to electron scattering as Res
tr = Ṁ⋆σT/4πmHc ≃ 4.45AU

(
Ṁ⋆

M⊙/yr

)
(Begelman 1978). For our assumed accretion rate of Ṁ⋆ ≃ 1M⊙ yr−1, the trapping

radius due to electron scattering is of the order of a few astronomical units, which is

consistent with the approximation Res
tr ≲ Rph ∼ R⋆. On the other hand, we can also

estimate the trapping radius due to H− absorption, given by equating the diffusion

timescale and the free-fall time as τH−R/c ≃
√

3π/32Gρ. To evaluate this expression,

we take the results from the one-zone model and solve for the radius. This gives us a

value of RH−
tr ≃ 4× 10−2AU, which lies inside the photospheric radius at all times. As

a result, we can adequately assume that the trapping radius might not influence the

evolution of the object throughout the protostellar assembly. Future, self-consistent

radiation-hydrodynamical simulations will provide a more complete understanding.
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With these assumptions, we then evaluate the stellar radius as a function of stellar

mass M⋆, accretion rate Ṁ⋆, and surface temperature T⋆:

R⋆ ≃ 1.1

(
M⋆

M⊙

)1/3
(

Ṁ⋆

M⊙ yr−1

)1/3(
T⋆

6000K

)−4/3

AU. (3.18)

Later in the evolution of the object, the internal luminosity from the star begins to

dominate because the opacity decreases as the temperature increases inside the star

(κ ∝ T−7/2), resulting in tacc > tKH. In a typical case for Population III star forma-

tion with a moderate accretion rate of Ṁ⋆ ≃ 10−3 M⊙ yr−1, the star contracts losing

the thermal energy via radiative diffusion and forms a main-sequence star. However,

when the accretion rate is sufficiently high, the total luminosity (i.e., the accretion

luminosity and the internal luminosity) tends to exceed the Eddington luminosity dur-

ing the KH contraction. Then, the stellar surface expands in order to regulate the

increase of the total luminosity, and the protostar evolves into a red-giant-like struc-

ture with a contracting core and an expanding envelope. The critical accretion rate to

bifurcate the protostellar evolution is estimated as Ṁ⋆ ≳ 4 × 10−3 M⊙ yr−1 (Omukai

& Palla 2003). According to stellar evolution calculations, even if tacc > tKH, the stel-

lar surface continues to expand without contraction phases when the accretion rate is

higher than Ṁ⋆ ≳ 10−2 M⊙ yr−1 (Hosokawa et al. 2012). In this case, the stellar lumi-

nosity approaches the Eddington value for the corresponding mass. Hence, the energy
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equilibrium equation can be written as

LEdd,⋆ =
4πGM⋆mHc

σT
≃ 4πR2

⋆σSBT
4
⋆ , (3.19)

from where we can derive an expression for the stellar radius during the expansion

phase, as a function of the mass of the star and the surface temperature (Hosokawa

et al. 2012, 2013):

R⋆ ≃ 0.78

(
M⋆

M⊙

)1/2( T⋆

6000K

)−2

AU. (3.20)

In Figure 3.5, we compare the stellar radius (blue solid) for T⋆ ≃ 6000K to other

important length scales in our problem. Among them, we consider the Schwarzschild

radius, RSch = 2GM⋆/c
2 (red solid), the innermost stable circular orbit (ISCO) radius,

RISCO = 6GM⋆/c
2 (green solid), and the Bondi radius, RB = GM⋆/c

2
s (purple solid).

The protostar’s radius grows from R⋆ ≃ 0.65AU at M⋆ ≃ 0.1M⊙ to R⋆ ≃ 250AU

at M⋆ ≃ 105M⊙, well below the Bondi radius, but above both the Schwarzschild and

ISCO radii for the whole range of masses. Additionally, the massive protostar does

not enter the region where it becomes GR unstable (pink shaded region) during its

evolution. This might indicate that the whole star does not collapse due to GR insta-

bility, but only its core, in agreement with Hosokawa et al. (2013).

For the Bondi radius, we here assume for simplicity a nearly-constant sound speed,

corresponding to T (r) ≃ T⋆ ≃ 6000K (black dashed line in Figure 3.6). This argument
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Figure 3.5: Characteristic scales related to the evolution of an accreting protostar: stellar radius for a typical

temperature ofT ≃ 6000K (blue), Schwarzschild radius (red), radius of the innermost stable circular orbit

(ISCO, green), and Bondi radius (purple). In addition, we have included the accretion radius as defined in Equation

(3.27) for a density threshold ofnth = 108 cm−3 (black dashed) andnth = 1010 cm−3 (black dotted). The

pink shaded area indicates the region of the parameter space where the star becomes GR unstable forn = 3
polytropic stars (Fricke 1973).
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is based on the Larson-Penston collapse (Larson 1969; Penston 1969), which approx-

imately describes the evolution of atomic cooling halos. In such a case, the density

follows a profile ρ ∝ r−2 and hence the evolution of the temperature is nearly isother-

mal, up to radii of a few parsecs. Furthermore, we have verified that our simulations

of the initial stages of collapse (see Section 3.3.2) exhibit such near-isothermality out

to ≃ 100pc, as shown by the red solid line in Figure 3.6. It is clear that we oversim-

plify the situation here. In reality, the infalling matter will heat up when transition-

ing to optically thick conditions inside the Bondi radius, and eventually follow an

adiabatic evolution. In such a case, γ = 5/3 and the temperature has a radial de-

pendency T (r) ∝ r−1 (Shapiro & Teukolsky 1983), as represented for a stellar mass

M⋆ ≃ 104 M⊙ by the black dotted line in the same figure. In general, the transonic

radius for Bondi accretion is given by Rs =
(
5−3γ
4

)
GM
c2s,∞

(Shapiro & Teukolsky 1983).

If the gas evolution is characterized by a different γ value (e.g. γ = 1.1 for classical

Population III star formation, Omukai & Nishi 1998), the Bondi radius might change

by a factor of a few. Additionally, the transition to the adiabatic stage depends on

how the diffusion and free-fall timescales compare to each other. Since the values for

the trapping and photospheric radii are similar, this implies that gas outside the pho-

tospheric radius is not affected by this increase in temperature, further validating our

assumption.
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3.2.4 Onset of radiative feedback

One factor that might dramatically influence the evolution described in this section is

the radiation emitted from the central accreting protostar. Here, we have assumed a

constant surface temperature because of strong temperature dependence of H− opac-

ity. Throughout the evolution of the central object, however, its temperature will vary

and eventually reach a point where radiative feedback becomes important. Previous

studies have analyzed the formation of primordial supermassive stars in the rapid

mass accretion regime and have found that the effective temperature of the object

remains well below 104K, for protostellar masses up to 104M⊙, or so (Hosokawa et al.

2012, 2013), suggesting that radiative feedback might not become important up to

those mass scales.

It is useful to explore the likely temperature evolution of the growing supermassive

protostar, in response to a realistic mass accretion history provided by a cosmological

simulation. To this extent, we consider the photospheric temperature, given by the

general stellar evolution calculations of Stahler et al. (1986):

T⋆ ≃ 4000K

(
M⋆

M⊙

)0.044
(

Ṁ⋆

M⊙ yr−1

)−0.055

. (3.21)

We have plotted this relation in Figure 3.7 for accretion rates of 10−2 (red), 10−1

(blue), and 1M⊙ yr−1 (green). Because this relation is only valid when tacc ≲ tKH, we
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Figure 3.7: Photospheric temperature as a function of stellar mass and accretion rate. Colors show the tem-

perature evolution for Ṁ⋆ = 10−2 (red solid), 10−1 (blue solid), and 1M⊙ yr−1 (green solid) based on Equa-

tion (23b) from Stahler et al. (1986). Solid lines represent the stage when tacc ≲ tKH, while dotted lines are

a rough extrapolation for higher masses. Additionally, we plot a time-dependent accretion rate of the form

Ṁ⋆(t) = 1M⊙ yr−1e−t/tff,0 (purple dashed-dotted), as an illustrative case, and the results fromHosokawa

et al. (2013) (orange dashed). Note that, although both curves seem to agree well, the physical reasons for the

rise in temperature are different (see the text for more details). Black dotted line represents the ionizing temper-

ature,Tion ≃ 10000K, at which the photosphere starts to emit non-negligible amounts of H ionizing radiation.

The surface temperature of the protostar does not become high enough to start emitting hard UV radiation until

quite late in themass build-up. Hence, we can safely neglect its effect on the evolution of the central object early

on.
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have used solid lines up to the mass where this inequality inverts. For higher masses,

we make a rough extrapolation based on the same expression (dotted lines), although

the evolution of the temperature for this stage is unclear. As it can be seen, the tem-

perature at which the photosphere begins to emit H-ionizing radiation, Tion ≃ 10000K

(black dotted), is not reached in the range of accretion rates explored here. For lower

values of Ṁ⋆ the stellar radius is smaller than the photospheric one, and follows the

zero-age main-sequence evolution. In such a case, the ionizing temperature can be

reached well before M⋆ ≃ 104 M⊙.

In addition to our constant accretion rate assumption, we have included a time-

dependent toy model of the form Ṁ⋆(t) = 1M⊙ yr−1e−t/tff,0 (purple dashed-dotted

line), with tff,0 = 105 yr being the free-fall time in the core of the atomic cooling halo

before the collapse (e.g. Safranek-Shrader et al. 2012) and M⋆(t = 0) = MF ≃ 0.1M⊙.

We also compare with the Hosokawa et al. (2013) results for the effective temperature

Teff at Ṁ⋆ ≃ 1M⊙ yr−1 (orange dashed line). Both models agree well, but in the for-

mer case the increase in the effective temperature is due to a drop in the accretion

rate, while in the latter case this is a result of the decrease in the opacity because of

the expansion of the stellar radius. Similar to the case of constant Ṁ⋆, none of these

models reach Tion during the evolution of the protostar up to masses of 105 M⊙. Since

the photospheric temperature at the characteristic accretion rate Ṁ⋆ ≃ 1M⊙ yr−1

never surpasses 104 K, we can safely neglect photo-ionization feedback from the cen-

tral protostar during most of its evolution. This radiation only becomes important
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for accretion rates a few orders of magnitude lower than 1M⊙ yr−1, or for masses

M⋆ ≃ 105 M⊙ in the case of our time-dependent model.

Lastly, the final mass of the protostar can be affected by continuum radiation-

driven mass loss once its total luminosity exceeds the Eddington luminosity (e.g.,

Fiacconi & Rossi 2016), or by mass loss due to pulsations (Inayoshi et al. 2013). As

previously discussed, in the early stages of the evolution, the total luminosity remains

below the Eddington value and hence it is not affected by radiation-driven mass loss.

However, as the mass of the protostar grows its luminosity increases and this scenario

changes. In such a case, the final mass of the protostar can vary significantly, as stud-

ied by Fiacconi & Rossi (2016). Furthermore, the accreting supermassive protostar

might become pulsationally unstable, but the estimated mass-loss rates are too low

to effectively prevent protostellar growth (Inayoshi et al. 2013). In summary, mass

loss, either due to continuum radiation or pulsations, should not affect the early evo-

lutionary stages, but continuum opacity might become important later on, when the

protostellar mass approaches ≃ 105 − 106 M⊙ (see the fifth panel of Figure 3.1).

3.3 Lessons for the sink algorithm

3.3.1 Accretion radius

In the case of numerical simulations, the evolution of the central protostar requires

either the implementation of sink particles (e.g. Latif et al. 2013d) or an artificially
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stiffened equation of state (e.g. Hirano & Bromm 2017). For the former, we can use

the treatment in the previous section of the protostellar evolution to construct a phys-

ically motivated sub-grid model.

The formation of the central object in the optically thick regime is characterized by

a central fragment of density nF and radius RF, and a isothermal profile of the form

n ∝ r−2 outside that scale, as represented by the dashed line in the density-radius

diagram in Figure 3.8. The Bondi radius of the object is given by

RB ≃ 17

(
M⋆

M⊙

)(
T

6000K

)−1

AU. (3.22)

As seen from Figure 3.8, RB is larger than RF, and hence the relation between both

quantities follow the isothermal profile, from which we can derive:

nB = nF

(
RF

RB

)2

≃ 4.66× 1013f−2

(
T

6000K

)3(M⋆

M⊙

)−2

cm−3 , (3.23)

where nB = n(r = RB) is defined as the density at the Bondi radius.

The solid line in Figure 3.8 corresponds to the subsequent evolution, which is char-

acterized by the growth of the stellar radius following Equation (3.20) for the stage

where tacc ≳ tKH and accretion rates Ṁ⋆ ≳ 10−2 M⊙ yr−1. Outside the Bondi radius

the evolution is still described by the isothermal profile n ∝ r−2, but inside RB mate-
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Figure 3.8: Density-radius diagram for the protostar at themoment of formation (dashed) and its subsequent

evolution (solid). When the fragment forms, its radius (RF) is related to the Bondi radius (RB) by an isothermal

profile of the formn ∝ r−2. Once protostellar evolution starts,RB increases withmass (and hence with time)

but the isothermal profile is kept outside of it, while inside the relation changes ton ∝ r−3/2 down to the stellar

radiusR⋆.
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rial falls within a free-fall time, and hence it is represented by the relation n ∝ r−3/2

in the density-radius space. This allows us to relate the stellar and the Bondi radius

as

n⋆ = nB

(
RB

R⋆

)3/2

(3.24)

≃ 5.13× 1015f−1

(
T

6000K

)9/2(M⋆

M⊙

)5/4

cm−3 , (3.25)

where n⋆ = n(r = R⋆) is defined as the density at the stellar radius.

Furthermore, inside the Bondi radius, we can estimate the accretion rate of in-

falling gas as ṀB = 4πnBmHcsR
2
B. Using Equation (3.23) for nB and Equation (3.22)

for RB, we derive

ṀB ≃ 0.78f−2

(
T

6000K

)3/2

M⊙ yr−1 , (3.26)

The framework depicted here can be used to derive a prescription for the accretion

radius of the sink particle, Racc. In the ideal case of a simulation with high enough

resolution, we would set the accretion radius to RF or R⋆. Unfortunately, this case

is not always achievable and hence we need to choose Racc ≲ RB if the simulations

resolve densities n ≳ nB, with an accretion rate estimated by Equation (3.26). On

the other hand, the scenario becomes more complex when the simulation is only able

to resolve a certain threshold density nth < nB. In such a case, the choice of accre-

tion radius should enclose the Bondi radius and, as suggested in Figure 3.8, follow the
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isothermal profile. Hence, the value of the accretion rate for a given threshold density

can be expressed as Racc = RF (nF/nth)
1/2.

In summary, we can write a formula for the accretion radius as based on the thresh-

old density as

Racc ≃


17
(

M⋆
M⊙

) (
T

6000K

)−1
AU, ifnth ≳ nB

(
1.49×1017 cm−3

nth

)1/2
f−1/2

(
T

6000K

)1/2
AU, ifnth < nB

(3.27)

For threshold densities of nth = 108 cm−3 and nth = 1010 cm−3, the initial values of

the accretion radius in the low-mass regime (where the Bondi radius is not resolved)

are given by Racc ≃ 3.8 × 104AU and Racc ≃ 3.8 × 103AU, respectively. These values

are kept until nB = nth, which occurs when the mass of the protostar is ≃ 103 M⊙ for

the former and ≃ 102 M⊙ for the latter. From then on, the accretion radius is given

by the Bondi radius and the final mass is determined by the Bondi accretion rate,

which is independent of the initial resolution of the simulation. Hence, the final mass

does not depend on the choice for the threshold density.

The two initial accretion radii for nth = 108 cm−3 and nth = 1010 cm−3 are shown in

Figure 3.5 as a black dashed line and a black dotted line respectively. In both cases,

the accretion radius is larger than the stellar radius (calculated at T = 6000K) in the

mass range 0.1−105 M⊙ once the sink is formed. As the star evolves, the Bondi radius

increases with the mass of the star, eventually reaching the point when it is resolved,
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in which case, the accretion radius should transition to Racc = RB. This method en-

sures that the central star, modeled as a sink particle, will always be enclosed by the

accretion radius during its evolution, from its formation until it becomes a supermas-

sive star.

Previous works have used different strategies to implement sink particles. For ex-

ample, Latif et al. (2013d) and Shlosman et al. (2016) assumed Racc = GM⋆/(c
2
s + v2∞)

and then estimated the accretion rate as Ṁ⋆ = 4πρ∞Racc

√
1.2544c2s + v2∞, while

Regan & Downes (2018) used a fixed accretion radius of four cells in the maximum

refinement level. We expect all of these recipes to give a similar accretion rate of

≃ 1M⊙ yr−1, which corresponds to our estimation from Equation (3.26).

3.3.2 Cosmological boundary conditions

We perform a low-resolution simulation of the collapse of an atomic cooling halo fol-

lowing a similar approach to the one described in Becerra et al. (2015). We start from

cosmological initial conditions at redshift z = 99 and box size of 2 Mpc (comoving)

in a Λ cold dark matter (ΛCDM) cosmology. We then follow the evolution of the halo

until the highest density cell reaches the threshold density nth = 108 cm−3. For that,

we have used a primordial chemistry network that includes five species (H, H2, H−,

H+, and e−) and cooling processes such as H− cooling, H2 line cooling, H2 collision-

induced emission, Ly-α cooling, and inverse Compton cooling. The refinement criteria

ensures that the Jeans length is resolved by at least 64 cells at every stage of the evo-
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lution.

We show the number density (top) and temperature (bottom) projections of the

central object at scales of 200 (left) and 5 pc (right) at that instant in time in Figure

3.9. At large scales, the cloud shows an irregular morphology, but it becomes nearly

spherical at scales of ≃ 10 pc. This implies that the object reaches spherical symmetry

at scales larger than the accretion radius at that point (Racc ≃ 0.2 pc, as calculated in

Section 3.3.1), which is plotted in black dashed lines.

Finally, we analyze the accretion rate onto the object at the moment when the sim-

ulation reaches the threshold density in Figure 3.10. The radial profile of the accre-

tion rate is shown as a red solid line, which is calculated as Ṁ = −4πr2ρvrad, where

r is the distance to the highest density cell, ρ is the mass density of hydrogen, and

vrad is the radial component of the velocity. For reference, we have also included

the Shu accretion rate for spherical collapse, ṀShu ≃ 0.975c3s/G (Shu 1977), and

the Larson-Penston accretion rate for dynamical collapse, ṀLP ≃ 46.9c3s/G (Larson

1969; Penston 1969), as blue and green dotted lines, respectively. The mass accre-

tion reaches a maximum of Ṁ ≃ 1.4M⊙ yr−1 at r ≃ 0.5 pc and then it decreases to

values Ṁ ≃ 0.1M⊙ yr−1 at larger scales, consistent with our estimation from Equa-

tion (3.26). Up to scales of ≃15 pc, its value lies in between the Shu and the Larson-

Penston accretion rates, which remain roughly constant at ṀShu ≃ 0.18M⊙ yr−1 and

ṀLP ≃ 8.5M⊙ yr−1 for the whole radial range. At the accretion radius (shown as a

vertical black dashed line), the value of the mass infall rate is Ṁ ≃ 0.6M⊙ yr−1, which
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Figure 3.9: Density (top) and temperature (bottom) projections of the central 200 (left) and 10 pc (right) for a

low-resolution simulation of an atomic-cooling halo when the highest density cell first reaches 108 cm−3. From

Equation (3.27), the accretion radius at this point isRacc ≃ 0.2 pc, which is plotted in dashed black lines in
both panels of the right column. At scales of 200 pc the cloud has an irregular morphology but it becomes nearly

spherical on the smallest scales. The presence of turbulence can be deduced from the filamentary structure in

the large-scale temperaturemap.
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Figure 3.10:Mass accretion rate as function of radius, centered on the highest density cell of the halo. Themass

accretion rate reaches amaximum of Ṁ ≃ 1.4M⊙ yr−1 at r ≃ 0.5 pc, and then it decreases to Ṁ ≃
0.1M⊙ yr−1 at a radial distance of r ≃ 100 pc. Note that the spatial non-constancy of Ṁ implies non-steady-

state conditions during the initial infall. At the accretion radius (vertical dashed line) the value of themass infall

rate is Ṁ ≃ 0.6M⊙ yr−1. For comparison, we have also plotted ṀShu ≃ 0.975c3s/G (blue dotted line), which

stays between 0.1M⊙ yr−1 and 0.2M⊙ yr−1, and ṀLP ≃ 46.9c3s/G (green dotted line), which oscillates

around 8.5M⊙ yr−1.
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is consistent with the values assumed throughout this study.

3.3.3 Disk accretion

Throughout this chapter, we discuss a sub-grid model within a sink assuming spheri-

cal symmetric accretion flows. However, gas material with angular momentum forms

an accretion disk, through which the central protostar is fed. In supermassive star for-

mation, the disk would be unstable against its self-gravity because of high accretion

rates from the parent cloud (Ṁ⋆ ∼ 1 M⊙ yr−1). In such an unstable disk, the disk

is likely to fragment into multiple clumps, which could migrate inward losing their

orbital angular momentum due to gravitational interaction with the disk and other

clumps. Angular momentum redistribution induced by the clumps can drive the evo-

lution of the disk and predict the formation of SMBHs in its nuclei as described by

Lodato & Natarajan (2006). Eventually, most of the clumps can feed the gas into the

central protostar episodically before the clumps evolve to main-sequence stars, which

could suppress the gas accretion through the disk due to ionizing radiation (Inayoshi

& Haiman 2014; Latif & Schleicher 2015). Moreover, the radius of the central proto-

star monotonically increases at M⋆ > 102 − 103 M⊙ with an almost constant effective

temperature of Teff ≃ 5000 K, resulting in weak radiation feedback. Since the average

accretion rate through the disk is as high as ∼ 0.1 M⊙ yr−1 and the duration of clump

accretion episodes is shorter than the KH timescale at the stellar surface (Sakurai

et al. 2016), the evolution of the stellar structure is not affected by details of episodic

111



accretion (Sakurai et al. 2015).

3.4 Summary and Conclusions

In this chapter, we have developed a model for the early evolution of supermassive

protostars. After the formation of the initial protostar the surrounding gas becomes

optically thick to H− radiation, at which point we can robustly calculate the proper-

ties of the object using the equations of hydrostatic and thermal equilibrium. From

that, we obtain a characteristic density, radius, and mass of nF ≃ 4.6 × 1016 cm−3,

RF ≃ 0.33AU, and MF ≃ 0.045M⊙, respectively, for a temperature T = 3000K. An

alternative approach to model the same situation is to use one-zone models. For that,

we describe in detail the methods introduced in Inayoshi et al. (2014) and provide

explicit numerical fits for the H− cooling rate and opacity. Combined with the adia-

batic heating rate, we can then calculate the critical density at which the gas becomes

optically thick, which results in ncrit ≃ 2×1016 cm−3, consistent with the previous esti-

mate. Hence we can robustly characterize the properties of the protostar in the initial

optically thick regime.

The early stages of protostellar evolution, where tacc ≲ tKH, are described by the

accretion of material onto the central object. For this case, we derive an expression

for the protostellar radius as a function of the mass and accretion rate. Using a char-

acteristic value of Ṁ⋆ ≃ 1M⊙ yr−1 for the accretion rate, we find that the protostellar
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radius grows as R⋆ ∝ M
1/4
⋆ during this phase. Once internal sources of radiation start

dominating, tKH ≲ tacc and hence the radius-mass relation changes to R⋆ ∝ M
1/2
⋆ .

For the case of a supermassive protostar, the radius varies from R⋆ ≃ 0.65AU at

M⋆ ≃ 0.1M⊙ to R⋆ ≃ 250AU at M⋆ ≃ 105M⊙. For the surface temperature of the

object, we base our analysis on the prescription of Stahler et al. (1986), deducing that

it remains well below the ionizing temperature of Tion ≃ 104K during most of its evo-

lution. We can thus safely neglect UV ionizing radiation until the late stages of the

assembly process.

In numerical simulations, supermassive protostars are commonly represented by

sink particles. Our model allows us to derive the properties of such particles and im-

plement a physically motivated sub-grid model for their evolution in hydrodynami-

cal codes. In particular, we derive an expression for the accretion radius (Racc) as a

function of the threshold density at which the sink particle is inserted (nth), relating

it to the physical conditions on the surface of the protostar. For high threshold den-

sities, our model proposes a numerical value based on the isothermal profile of the

atomic cooling halo, but this value will eventually transition to Racc = RB once the

Bondi radius is resolved further in the evolution of the protostar. We can thus verify

throughout the simulation that the accretion radius is well adjusted, in the sense that

it is larger than the stellar radius at every moment during its evolution. Our new pre-

scription for sink particles implies changes in the early stages of the evolution up to

a protostar mass of ≃ 102−3 M⊙. After that, it follows the Bondi accretion scenario,
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and hence it has an accretion rate of ≃ 1M⊙ yr−1. The final mass of the object corre-

sponds to ≃ 105−6 M⊙, similar to previous estimates in the literature. We will track

the accretion and KH timescales during the actual simulation to determine when the

accretion rate becomes low enough and the star enters the KH phase. At that point,

the radiation hydrodynamic effects from an ionizing central source would have to be

taken into account.

The ultimate goal of this line of work is to simulate the assembly process of the

first supermassive objects in the Universe in an ab-initio fashion. One key question

then is the following: When will this build-up enter a radiation-hydrodynamical phase,

where the strong radiative feedback from the growing protostar will eventually turn

the object into hyper-luminous beacons from the end of the cosmic dark ages? Those

will be probed with next-generation observational facilities, such as the JWST, to be

launched in 2018. An ideally complementary window into the formation of the first

supermassive objects is provided by the gravitational wave signal accompanying the

possible merger of binary black holes, which is a prime target for the planned Laser

Interferometer Space Antenna (LISA). In light of this suite of next-generation facili-

ties, simulations will have a key role to play in providing physically robust predictions,

based on well-motivated sub-grid prescriptions.

114



3.5 Appendix: Opacities and cooling rates

Following our discussion in Section 3.2.2, we can derive numerical fits to the H− cool-

ing rate based on the description of Equations (3.12) to (3.16) as introduced by In-

ayoshi et al. (2014). The terms in the right-hand side of Equation (3.13) can be ap-

proximated as Λ
(h)
thin = k(h)nHIne and Λ

(l)
thin = k(l)nHIne, respectively. The cooling rate

coefficients are given by

k(l) = 0.2345× T 2.265
3

1 + 0.0360T 2.149
3

× 10−28 erg cm3 s−1 (3.28)

k(h) = 10−27 T3

×
(
1.4924 + 0.07815T3 + 0.0063T 2

3

)
×
(
1− 0.1535T 0.5

3

)
erg cm3 s−1, (3.29)

where T3 = T/103K.

Additionally, we estimate the Planck mean opacity for the H− free-free emission

in both the low (κ(l)ff,P) and high (κ(h)ff,P) frequency regime, and for the H− bound-free

115



emission for the high (κ(h)bf,P) frequency regime as

κ
(l)
ff,P =

10−28

T 3
× 28.8× T−0.88

3

1 + 27.86T−2.15
3

cm−1 (3.30)

κ
(h)
ff,P =

10−29

T 2.5
exp

(
−8.761

T3

)
× 2.868T−0.3326

3

×
(
1 + 2.544T 1.1413

3 − 2.3369T 1.162
3

)
cm−1 (3.31)

κ
(h)
bf,P =

10−11

T 1.5
exp

(
−8.761

T3

)
× 5.850

×
(
1− 0.1042T 0.9419

3 + 0.0727T 1.0278
3

)
cm−1. (3.32)

Another opacity source is the Rosseland mean opacity for H− free-free emission in

the low frequency regime, which can be modeled as

κ
(l)
ff,R = 10−44 T 2 × 0.4054T−8.180

3

×
(
1 + 5.552T 5.381

3 + 1.234T 8.753
3

1 + 0.0296T 1.180
3

)
cm−1. (3.33)

Finally, we also estimate the opacity due to Rayleigh scattering for the high-frequency

regime as

κ
(h)
Ray = 10−42 exp

(
8.761

T3

)
× T 3.5 × 1.206

×
(

T 0.750
3

1 + 0.139T 1.204
3

)
cm−1 (3.34)
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The total opacities for both regimes can then be written as κ
(h)
R = κ

(h)
Ray, κ(l)R = κ

(l)
ff,R,

κ
(h)
P = κ

(h)
ff,P + κ

(h)
bf,P, and κ

(l)
P = κ

(l)
ff,P. With these approximations and Equation (3.16),

we can rewrite the total H− cooling rate as a function of the optically thin cooling

rates and the opacities:

ΛH− =
Λ
(h)
thin

1 + 3κ
(h)
R κ

(h)
P λJλJ

+
Λ
(l)
thin

1 + 3κ
(l)
R κ

(l)
P λJλJ

. (3.35)

Here the characteristic length ℓ has been set to the Jeans length ℓ = λJ ≃ cstff , with

cs =
√
γkBT/µmH being the sound speed.
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abstract

We present a suite of six fully cosmological, three-dimensional simulations of the col-

lapse of an atomic cooling halo in the early Universe. We use the moving-mesh code

arepo with an improved primordial chemistry network to evolve the hydrodynamical

and chemical equations. The addition of a strong Lyman-Werner background sup-

presses molecular hydrogen cooling and permits the gas to evolve nearly isothermally

at a temperature of about 8000 K. Strong gravitational torques effectively remove

angular momentum and lead to the central collapse of gas, forming a supermassive

protostar at the center of the halo. We model the protostar using two methods: sink

particles that grow through mergers with other sink particles, and a stiff equation of

state that leads to the formation of an adiabatic core. We impose threshold densi-

ties of 108, 1010, and 1012 cm−3 for the sink particle formation and the onset of the

stiff equation of state to study the late, intermediate, and early stages in the evo-

lution of the protostar, respectively. We follow its growth from masses ≃ 10M⊙ to

≃ 105 M⊙, with an average accretion rate of ⟨Ṁ⋆⟩ ≃ 2M⊙ yr−1 for sink particles, and

≃ 0.8 − 1.4M⊙ yr−1 for the adiabatic cores. At the end of the simulations, the Hii re-

gion generated by radiation from the central object has long detached from the proto-

stellar photosphere, but the ionizing radiation remains trapped in the inner host halo,

and has thus not yet escaped into the intergalactic medium. Fully coupled, radiation-

hydrodynamics simulations hold the key for further progress.
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4.1 Introduction

Frontier observations of quasars at redshift z ≳ 6 suggest the existence of supermas-

sive black holes (SMBHs) with masses ≳ 109 M⊙, when the Universe was less than one

billion years old (Fan et al. 2003, 2006; Mortlock et al. 2011; Wu et al. 2015; Bañados

et al. 2018). These SMBHs most likely grew from smaller seed BHs, although the ori-

gin of these seeds is still unclear (Haiman 2006, 2009; Bromm & Yoshida 2011; Greene

2012; Volonteri 2012; Volonteri & Bellovary 2012; Greif 2015; Johnson & Haardt

2016; Latif & Ferrara 2016; Smith et al. 2017b). The two most promising pathways

for the formation of BH seeds at high redshift are the remnants of massive Popula-

tion III stars (Madau & Rees 2001; Li et al. 2007; Johnson et al. 2012; Alexander &

Natarajan 2014), and the direct collapse of primordial gas in haloes with virial tem-

peratures Tvir ≳ 104 K, the so-called atomic cooling haloes (Bromm & Loeb 2003;

Begelman et al. 2006; Spaans & Silk 2006). A third formation scenario, invoking the

high-velocity mergers of massive proto-galaxies, does not require the absence of metals

or other low-temperature coolants (e.g. Mayer et al. 2010; Inayoshi et al. 2015).

In the direct collapse scenario, gas falls into the center of haloes where cooling by

molecular hydrogen and metal lines to below ≃ 104 K has been suppressed. The de-

struction of molecular hydrogen can be achieved by its photo-dissociation due to ex-

ternal soft ultraviolet (UV) background radiation in the Lyman-Werner (LW) bands

(Omukai 2001; Bromm & Loeb 2003; Volonteri & Rees 2005; Spaans & Silk 2006;
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Schleicher et al. 2010; Johnson et al. 2013; Agarwal et al. 2016; Habouzit et al. 2016;

Johnson & Dijkstra 2017). In such a case, the dominant coolant is atomic hydrogen

(Omukai 2001; Oh & Haiman 2002), and the gas follows a nearly isothermal collapse

at temperatures around the virial value Tvir ≃ 104 K: first, due to Lyman-α cooling

up to densities nH ≃ 106 cm−3, where the gas becomes optically thick to Lyα radia-

tion, and then due to H− bound-free and free-free emission (Regan & Haehnelt 2009;

Latif et al. 2013a; Inayoshi et al. 2014; Becerra et al. 2015, 2018b; Chon et al. 2016).

As the gas keeps contracting, it becomes optically thick to H− continuum emission

around nH ≃ 1017 cm−3, at which point the gas evolves adiabatically and forms a mas-

sive protostar at the center of the halo (Inayoshi et al. 2014; Van Borm et al. 2014;

Becerra et al. 2015; Latif et al. 2016). Since the accretion rate in a Jeans-unstable

cloud scales as Ṁ ∝ T 3/2 and the gas in an atomic cooling halo can reach tempera-

tures T ≃ 104 K, very high values for the accretion rate (≃ 1M⊙ yr−1) are achieved.

As a consequence, the protostar can grow to ≃ 105 − 106 M⊙ and become a supermas-

sive star in about a million years (Regan & Haehnelt 2009; Latif et al. 2013b).

Previous high-resolution studies have been able to describe in detail the initial as-

sembly of the protostar up to masses of M⋆ ≃ 0.1M⊙, but, due to the high densities

involved in this process, they only follow its evolution for a few years (Inayoshi et al.

2014; Van Borm et al. 2014; Becerra et al. 2015; Latif et al. 2016). In order to inves-

tigate the growth of such protostar for longer times, different techniques have been

adopted to avoid the creation of high-density regions that prohibitively slow down the
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simulations. For example, Regan & Haehnelt (2009); Latif et al. (2013b); Choi et al.

(2015) used a pressure floor beyond a certain resolution level, which limited the max-

imum density to nH ≃ 106 − 1012 cm−3. Similarly, Latif et al. (2013d); Shlosman

et al. (2016); Regan & Downes (2018) employed sink particles that replace gas above

a maximum density of nH ≃ 105−108 cm−3. One disadvantage of these methods is the

limited resolution in regions where density is highest, hence they only describe well

the processes on large scales.

In this work, we reconstruct the assembly process of SMBH seeds at high redshifts

from masses M⋆ ≃ 10M⊙ to M⋆ ≃ 104 − 105 M⊙. For that purpose, we perform a

series of simulations starting from cosmological initial conditions, employing both sink

particles and an artificially-stiffened equation of state to model the central object. Ad-

ditionally, we impose different maximum densities nH = 108, 1010, and 1012 cm−3 to

study the late, intermediate, and early stages of the formation of seed BHs, respec-

tively. With this approach, we describe the full picture of the assembly of SMBH

seeds. These objects will be prime targets of next-generation observational facilities

(Pacucci et al. 2015; Dayal et al. 2017; Natarajan et al. 2017), such as the James

Webb Space Telescope (JWST), the ATHENA X-ray mission (e.g. Valiante et al. 2018),

and the Laser Interferometer Space Antenna (LISA) gravitational-wave observatory

(e.g. Sesana et al. 2011).

This chapter is organized as follows. In Section 4.2, we describe the simulation

setup, the chemistry and cooling network, and the techniques used to model the cen-
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tral object. In Section 4.3, we analyze the simulation and discuss the collapse of the

central gas cloud, the formation and evolution of the central object, the redistribution

of angular momentum in the surrounding gas, and the moment when radiation break-

out occurs. We discuss the caveats of this work in Section 4.4 and, finally, in Section

4.5 we summarize and draw conclusions.

4.2 Numerical Methodology

We investigate the collapse of gas in an atomic cooling halo by performing three-

dimensional, cosmological hydrodynamical simulations. Specifically, we use the moving-

mesh code arepo (Springel 2010) with the primordial chemistry network described in

detail in Greif (2014). In the following, we briefly summarize the procedure used in

Becerra et al. (2015), and describe the modifications added in this work.

4.2.1 Simulation set-up

We initialize a dark matter (DM)-only simulation at redshift z = 99 in a Λ cold dark

matter (ΛCDM) cosmology. We place 5123 DM particles of mass ≃ 2.2 × 103 M⊙ in a

2 Mpc (comoving) box with a softening length of ≃ 195 pc (comoving). We stop the

simulation once the first halo to reach a virial mass ≃ 108 M⊙ collapses. This occurs

at zcoll ≃ 11.9, at which point the halo has a virial mass of Mvir ≃ 1.5 × 108 M⊙, a

virial radius of Rvir ≃ 1.4 kpc, a virial temperature of Tvir ≃ 3.5 × 104 K, and a spin
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parameter λ ≃ 0.04.

Once the first 108 M⊙ halo has collapsed, we identify the particles belonging to

such halo and trace them back to their initial conditions. We then increase the res-

olution of the region enclosing the halo by replacing each DM particle by 64 less-

massive DM particles and 64 mesh-generating points. With this setup we are able

to achieve a DM particle mass of Mdm,ref ≃ 28 M⊙, and a refined cell mass given by

Mgas,ref ≃ 6M⊙. We then stop the simulation once the first cell exceeds a density

of nH ≃ 108 cm−3, and proceed with a zoom-in simulation by extracting the central

20 pc of the original box. Assuming a temperature of T ≃ 104K, this box size ensures

that material on the edge of the box will not have enough time to fall to the centre of

the cut-out, t ≃ 20 pc/cs ≃ 2Myr, where cs is the sound speed. The artificial bound-

ary will thus, for the duration of the simulation, not affect the halo center, where the

protostellar object is created and evolved according to the methodology described in

Section 4.2.3.

To achieve such high densities, we enforce the Truelove criterion (Truelove et al.

1997) for refinement, which indicates that the Jeans length needs to be resolved by

at least four cells to capture gravitational instabilities. In addition, previous studies

have found that the Jeans length must be resolved by at least 32 cells in order to ad-

equately describe the effects of turbulence (Federrath et al. 2011; Safranek-Shrader

et al. 2012; Turk et al. 2012; Latif et al. 2013a). Consequently, to fulfill both require-

ments, and to be on the safe side, we employ a higher resolution of 64 cells per Jeans
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length, which is evaluated by using Tmin = 5000K for cells with T ≤ Tmin, but the

actual temperature for cells with T > Tmin. Following this strategy, the maximum

spatial resolution reached is ≃ 10−5 pc for our highest resolution simulation.

4.2.2 Chemistry

The chemical and thermal model is based on the implementation of Greif (2014) and

Becerra et al. (2015). Here, we briefly summarize the main components of the net-

work. We employ a non-equilibrium solver for five species (H, H2, H−, H+, e−), and

include reactions such as the formation of H2 via associative detachment as well as

three-body reactions, destruction of H2 via collisions and photodissociation, and the

formation and destruction of H+ by collisional ionizations and recombinations.

As in Becerra et al. (2015), the cooling processes included are H2 line cooling, H2

collision-induced emission, Ly-α cooling, and inverse Compton cooling. One limitation

of that work was the assumption that the optically thin regime for atomic hydrogen

cooling extends up to densities ≃ 1016 cm−3, while in reality gas becomes optically

thick to Ly-α at densities of ≃ 106 cm−3. To improve on that, we have added an arti-

ficial cutoff to Ly-α radiation at such density, and from then on free-free and bound-

free H− continuum cooling dominate. The details and formulae used in the implemen-

tation of H− cooling are described in the appendix of Becerra et al. (2018b).

Additionally, we have included a strong Lyman-Werner (LW) background radiation

field that dissociates H2 via the Solomon process (Abel et al. 1997). Previous stud-
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ies have found that photo-dissociation of molecular hydrogen in the progenitors of an

atomic cooling halo requires a LW flux with J21 ≳ 103 (Omukai 2001; Johnson &

Bromm 2007; Dijkstra et al. 2008; Latif et al. 2013b; Wolcott-Green et al. 2011; Agar-

wal et al. 2016). Here, we assume a constant LW flux of J21 = 105 for a blackbody

spectrum with Trad = 105K. Due to this radiation, H2 cooling does not become im-

portant during the collapse of the halo, and hence its evolution is mainly determined

by H− cooling.

4.2.3 Modeling the central object

Modeling the formation and evolution of a massive protostar from beginning to end

implies reaching extremely high densities, which makes the simulations computa-

tionally expensive. Since our goal is to describe the evolution of such object until it

achieves a mass of ≃ 104 − 106 M⊙, we need a way to bypass this restriction. To ac-

complish this, we represent the central object employing two different approaches com-

monly used in the context of direct collapse BH formation: sink particles (e.g. Latif

et al. 2013d; Shlosman et al. 2016; Regan & Downes 2018) and an artificially-stiffened

equation of state (e.g. Regan & Haehnelt 2009; Latif et al. 2013a). Both involve a

tradeoff: we lose resolution at the center of the object in order to follow its evolution

for a longer period. Here we describe the specific implementation of both methods.
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Sink particles

We pre-set a threshold density, nth, and create a so-called sink particle (e.g. Bate

et al. 1995; Bromm et al. 2002) every time a gas element reaches that value. Once

that occurs, we take out all the gas cells within some prescribed radius (centered on

the densest cell) that are active at that timestep. The mass of the newly-created sink

particle is then the total mass removed, while its position and velocity are determined

by the position and velocity of the center of mass of those cells. With those values,

and using the temperature of the progenitor cell, we then proceed to calculate an ac-

cretion radius, Racc, based on the formulation of Becerra et al. (2018b), and assign it

to the sink particle. This process is repeated and the accretion radius is re-calculated

and updated every time the sink particle becomes active. This occurs quite often

since we force the sink particle to have a timestep that is the minimum between the

one used for the gravity solver and the smallest between gas cells inside the accretion

radius. This procedure effectively results in a variable accretion radius as a function

of the sink mass. In this way, we ensure that, at the beginning, Racc is determined by

the threshold density, but as the object grows in mass the accretion radius transitions

to the Bondi radius.

To avoid problems with the mesh reconstruction algorithm in arepo, sinks are not

allowed to accrete the surrounding gas cells directly. Instead, their growth in mass oc-

curs through mergers with other sink particles. For that purpose, we check if any sink
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particles are inside the accretion radius of a neighboring sink particle. If that is the

case, one of the sink particles is removed and its mass and momentum are transferred

to the other one. As a result, the accretion rate of sink particles is fully determined

by mergers with other sinks and we do not impose any value a priori, in contrast to

previous studies (e.g. Latif et al. 2013d; Shlosman et al. 2016). This also implies that

we can have multiple sink particles for short moments during the evolution of the sys-

tem. Some of them could be ejected due to gravitational slingshot interactions be-

tween them (e.g. Bate et al. 2003), while others may be accreted because of viscous

forces (e.g. Hosokawa et al. 2016). Following this approach we reach a resolution of

M⋆ ≃ 3M⊙ for the initial mass of the sink using nth = 1012 cm−3.

Because all gas elements with densities larger than nth are replaced by sink parti-

cles, this approach allows us to avoid using computational resources on the evolution

of high density regions. As a result, the timesteps associated with high-density cells

does not become prohibitively small, which allows us to evolve the system for a longer

period of time after the formation of the central object. In contrast, the removal of

gas cells implies that this methodology might not properly resolve the inner boundary

conditions and torques around the sink particle, which might influence the redistribu-

tion of gas around the object and hence its accretion rate.
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Stiff equation of state

An alternative approach to model the central object is to artificially introduce an ex-

ponential cut-off in the cooling rate above a pre-set threshold density, nth. This ef-

fectively models the central protostar as an opaque hydrostatic core in which the gas

elements with densities higher than nth evolve adiabatically, thus arresting the dy-

namical collapse. Here, we follow the implementation described in Hirano & Bromm

(2017), where they introduce an artificial opacity, τart, that depends on the local num-

ber density defined by

τart =

(
nH

nth

)2

, (4.1)

and the corresponding escape fraction, βesc.art, as

βesc.art =
1− exp (−τart)

τart
. (4.2)

Then, we proceed to multiply all cooling rates by this escape fraction to suppress

them above nth such that Λ = βesc.art × Λcool. By reducing the cooling rate above

nth, gas cells in dense regions experience compressional heating and form an adiabatic

core. To fully characterize the central object, we need to define its radius. To that ex-

tent, we follow the approach of Greif et al. (2012), in which the photospheric radius of

Pop III stars is determined as the point where the optical depth exceeds unity. Here,

τart = 1 corresponds to the condition where the density reaches the threshold density.
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Hence, the protostellar radius can be computed using radial profiles and choosing the

location where the gas density reaches nth.

On the one hand, this allows us to simplify the hydrodynamics governing the evo-

lution of dense regions, which significantly reduces the computational cost of the sim-

ulations. On the other hand, as the central object collapses, cells keep being refined

and the highest density increases beyond nth, but at a reduced rate, so that the over-

all dynamics can be followed for a much longer duration. Eventually, however, the

corresponding timestep becomes smaller and smaller, rendering the simulation too

expensive to continue.

4.3 Results

We present a suite of six simulations using both approaches to model the central ob-

ject: sink particles and hydrostatic cores. We use threshold densities of nth = 108,

1010, and 1012 cm−3 for each one of them to describe the late, intermediate, and early

stages in the evolution of the growing protostar, respectively. By analyzing the be-

havior of the object at different stages of its life, we can obtain a fuller picture of the

buildup of supermassive black hole seeds.
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4.3.1 Initial collapse

Figure 4.1 shows the hydrogen number density (left) and temperature (right) projec-

tions at the end of the cosmological parent simulations, once the highest density cell

reaches nH ≃ 108 cm−3. From top to bottom, we show box sizes of 20 kpc, 2 kpc, 200

pc, and 20 pc (physical). At large scales we can clearly distinguish the cosmic web

surrounding the central halo, composed of filaments and less massive haloes where

they intersect. At scales ≳ 2 kpc turbulence dominates, which causes the cloud mor-

phology to be highly irregular. During the collapse process, the gas temperature in-

side the virial radius Rvir ≃ 1.4 kpc increases to values around 104 K. As we move

deeper inside the halo, we see that the morphology changes to a nearly spherical ob-

ject at ≃ 20 pc, and that there is a slight decrease in temperature at scales less than

a few pc. The latter is mainly due to the addition of H− cooling, as noted by Inayoshi

et al. (2014).

A different approach to study the initial collapse is by plotting different halo prop-

erties as a function of radius. In Figure 4.2, we present radial profiles for the density

(top left), enclosed mass (top right), temperature (bottom left), and H2 abundance

(bottom right). The spikes in the profiles are an indication of the turbulent morphol-

ogy at scales ≳ 1 kpc. As the gas collapses into the DM halo, the gas temperature

increases to ≃ 8000 K due to shock-heating, slightly below the virial temperature

(dashed line). In the central part of the halo, the collapse is nearly isothermal due to
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Figure 4.1: Overview of the cosmological simulation once the highest density cell reaches 108 cm−3. We show

density (left) and temperature (right) projections weightedwith the square of the density along the line of sight

for box sizes of 20 kpc, 2 kpc, 200 pc, and 20 pc, from top to bottom. At large scales, the central halo is sur-

rounded by smaller haloes and filaments, which are characteristic of the cosmic web. Closer to the center, the

structure of the cloud changes from highly irregular due to turbulence to nearly spherical (bottom panel).
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Figure 4.2: Environment around the initial protostar. Radial profiles for themass-weighted number density

of hydrogen nuclei, enclosed gasmass, temperature, and H2 abundance once the highest density cell reaches

108 cm−3. As the halo collapses, its temperature increase to nearly the virial value, while at the same time yH2

reaches amaximum of≃ 10−10. This quantity remains low thanks to the strong LWbackground radiation,

which results in a nearly isothermal evolution of the gas withT ≃ 8000K, characterized by a density profile
nH ∝ r−2.
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H− cooling. The evolution is then well-described by the Larson-Penston solution for

an isothermal, self-gravitating gas cloud (Larson 1969; Penston 1969), and hence the

density profile follows the relation nH ∝ r−2, as shown by the dashed line in the top

left panel. During this period, the H2 abundance, which had increased from ≃ 10−17

to ≃ 10−10 during the initial collapse, slightly drops to values ≃ 10−11 − 10−10 due to

the strong LW background radiation and collisional dissociation.

4.3.2 Central object formation and evolution

The central object is formed as soon as the highest density cell surpasses the thresh-

old density nth. In the case of the sink particle simulations, this is defined by the

formation and merging of sinks, while in the case of the core simulations the central

object is composed by all the gas cells inside the density contour with nH = nth. Fig-

ures 4.3 and 4.4 show the density and temperature morphologies, respectively, for sink

(top) and core simulations (bottom) at the end of the runs. Columns correspond to

threshold densities of nth = 108 (left), 1010 (middle), and 1012 cm−3 (right), and box

sizes of 3, 0.3, and 0.03 pc, respectively. It is worth noting that, since we are plotting

different times, a direct comparison between the properties of different simulations at

those times is not possible. For a convergence study between simulations with differ-

ent threshold densities and different central object modeling, we refer the reader to

Section 4.6.

The gas morphology around the central object varies for different nth. On the left,
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we can see a disk-like feature of radius ≲ 0.5 pc, while at smaller scales (or, equiva-

lently, higher nth) the gas forms a more elongated structure. In the case of the sink

particle simulations, we can discern low-density voids around the sinks, which are

caused by gas removal due to sink formation and merging inside the accretion radius.

This is not seen in the core simulations, where gas is allowed to keep collapsing, such

that some gas cells reach values larger than nth (yellow pixels in bottom row of Fig-

ure 4.3). In that case, gas undergoes an adiabatic evolution inside the core and its

temperature increases towards the center of the object, visible as a bright dot in the

bottom panels of Figure 4.4. A similar but more extended increase in temperature is

evident in the sink simulations. In contrast to the core cases, this is due to dynamical

interaction between sinks that stir and heat up the surrounding gas, reaching values

of T ≃ 104.4K at scales ≲ 0.01 pc in the top right panel of Figure 4.3. A similar

dynamical effect in the presence of sink particles was seen in simulations of Pop III

protostars (Stacy et al. 2010).

A more quantitative analysis of the evolution of the central object is presented in

Figures 4.5 and 4.6. In the former, we plot the mass (top) and accretion rates (bot-

tom) of the most massive sink particle as a function of the time after sink creation for

nth = 108 (red), 1010 (blue), and 1012 cm−3 (green), while the latter shows the mass

(top) and radius (bottom) of the cores (based on the definitions in Section 4.2.3), as a

function of core age for the same threshold densities. The initial sink masses are ≃ 3,

10, and 80 M⊙ from larger to smaller threshold density. This is expected, since these
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Figure 4.5: Sinkmass (top) and accretion rate (bottom) as a function of time since initial sink creation, for thresh-

old densities ofnth = 108 cm−3 (red),nth = 1010 cm−3 (blue) andnth = 1012 cm−3 (green). The sink

masses grow fromM⋆ ≃ 3, 10, and 80M⊙ toM⋆ ≃ 800, 5000, and 60000M⊙, with an average accretion rate

⟨Ṁ⋆⟩ ≃ 2M⊙ yr−1 for all threshold densities. This evolution is well-described by the relationM⋆ ∝ t1.8sink

(dotted line), which reflects the initial increase in the accretion rate.
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Figure 4.6: Hydrostatic coremass (top) and radius (bottom) as a function of time for threshold densities ofnth =
108 cm−3 (red),nth = 1010 cm−3 (blue) andnth = 1012 cm−3 (green). The early stages are characterized by

a steep increase in bothmass and radius of the cores. After that, both quantities keep getting larger at a slower

pace, finally reachingM⋆ ≃ 102, 103, 104 M⊙ andR⋆ ≃ 100, 1,600, 16,500 au, fornth = 1012, 1010, and
108 cm−3, respectively.
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values are determined by the gas mass of the progenitor cells, which are smaller for

larger nth, and hence higher resolution. We note that our resolution is not sufficient

to capture the formation of protostars at the opacity limit (e.g. Becerra et al. 2018b).

However, the long-term evolution, studied here, will not be affected by our idealized

treatment of the early growth. At the beginning of the runs, all have accretion rates

≃ 2.0M⊙ yr−1, which subsequently increase somewhat, until reaching a maximum of

≃ 2.1, 2.6, and 2.2 M⊙ yr−1 for nth = 108, 1010, and 1012 cm−3, respectively. Eventu-

ally, most of the gas around the sinks is accreted and their Ṁ⋆ decays to values ≃ 1,

2.4, and 1.5 M⊙ yr−1. By the end of the runs, their masses have grown to ≃ 800, 5000,

and 60,000 M⊙, with an average accretion rate of ⟨Ṁ⋆⟩ ≃ 2M⊙ yr−1. Furthermore,

their mass growth is well-described as a function of age by the relation M⋆ ∝ t1.8sink, as

indicated by the dotted line in the top panel of Figure 4.5. This relation is consistent

with the variable accretion rate that we observe in our simulations. More specifically,

the physics behind this is as follows. To first order, the accretion rate scales with tem-

perature according to Ṁ⋆ ∝ T 3/2, and the Larson-Penston rarefaction wave reaches

slightly hotter regions farther out in the envelope towards later times.

In contrast, the mass of the cores quickly grows during the early stages of their evo-

lution to values ≃ 30, 500, and 2000 M⊙ for nth = 1012, 1010, and 108 cm−3, respec-

tively. From then on, they steadily acquire additional mass until reaching M⋆ ≃ 102,

103, and 104 M⊙ at the end of the runs. A similar trend is observed for the radius of

the core, which corresponds to values ≃ 100, 1,600, and 16,500 au, once the simula-
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tions are terminated. The initial rapid evolution of mass and radius corresponds to

a stage right after the highest density cell reaches nth and before the core enters its

adiabatic evolution. This phase occurs between densities 108 − 1010, 1010 − 1012, and

1012 − 1013 cm−3, from smaller to larger threshold density, respectively, and can be

distinguished in the phase space diagram of Figure 4.7. Subsequently, the core en-

ters the adiabatic, slowed contraction phase, characterized by the relation T ∝ n
2/3
H ,

as shown by the dotted lines. The adiabatic evolution coincides with the slower in-

crease in both mass and radius. On average, the cores have accretion rates around

≃ 0.8 − 1.4M⊙ yr−1, which is smaller than the ones reported for sink particles. This

might be due to the definition of the core radius, which is significantly smaller than

the accretion radius employed for the sink particles.

4.3.3 Fragmentation mass scale

In the case of the core simulations, we can estimate the mass of the collapsed object

by calculating the Bonnor-Ebert (BE; Ebert 1955; Bonnor 1956) mass, which is de-

fined as

MBE ≃ 15M⊙

( nH

cm−3

)−1/2
(
T

K

)3/2

µ−3/2γ2, (4.3)

where nH is the hydrogen number density, T the temperature, µ the mean molecular

weight, and γ the polytropic index. To evaluate this quantity as a function of radius,

we calculate the mass-weighted average among cells within a given spherical shell,
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Figure 4.7: Thermodynamics of collapsing gas. Shown is the gas temperature as a function of hydrogen number

density for core simulations with threshold densitiesnth = 108 cm−3 (red),nth = 1010 cm−3 (blue) and

nth = 1012 cm−3 (green). The color-coding indicates mass fractions, from light (lowest) to dark (highest). All

simulations show a nearly isothermal evolution until the threshold density is reached. Afterwards, the collapse

enters an intermediate stage, where the gas experience a slight increase in temperature over≃ 2 orders of

magnitude in density. Finally, for higher densities, the core follows an adiabatic evolution characterized by the

relationT ∝ n
2/3
H (black dotted lines).
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centered on the highest density cell. In Figure 4.8, we show the ratio of enclosed gas

mass to BE mass as a function of enclosed gas mass, for two moments: right after the

highest density cell has reached the density threshold (solid), and at the end of the

runs (dashed), for nth = 108 (red), 1010 (blue), and 1012 cm−3 (green).

After core formation, the enclosed gas mass surpasses the BE value at Menc ≃ 2500,

250, and 30 M⊙, from lower to higher threshold density, which agrees well with the

core mass before entering the adiabatic phase, as illustrated in Figure 4.6. As the gas

keeps collapsing the temperature increases adiabatically, which is translated into an

increase of the BE mass and hence a decrease of the ratio Menc/MBE. As a result, the

point at which this ratio exceeds unity is shifted to Menc ≃ 6, 30, 250 M⊙ at the end

of the runs, respectively. This suggests that the central gas could fragment into mul-

tiple clumps with characteristic masses around those values. Such sub-fragmentation

is indeed seen in our simulations, but any fragments are short-lived, and are quickly

swept up by frictional forces into the central core (see Hirano & Bromm 2017).

4.3.4 Mass infall rate

To further study how gas is fed into the central object, we analyze the mass infall rate

as a function of radius, which can be calculated as

Ṁinfall = −4πr2ρvrad, (4.4)
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Figure 4.8: Enclosed gasmass overmass-weighted average BEmass as a function of enclosedmass for hydro-

static cores, as soon as they reach the threshold density (solid lines) and at the end of the simulations (dashed

lines). Initially, this ratio exceeds unity atMenc ≃ 2500, 250, and 30M⊙ fornth = 108 cm−3 (red),

nth = 1010 cm−3 (blue) andnth = 1012 cm−3 (green), which is consistent with themass of the core before

entering the adiabatic phase. Then, as the temperature of the core increases, the point whereMenc/MBE = 1
moves to smaller values of the enclosed gasmass until it reachesMenc ≃ 6, 30, 250M⊙ at the end of the runs.

Some sub-fragmentation is therefore possible towards the later stages of the simulations.
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where r is the radius, ρ the volume density, and vrad the radial velocity. In Figure 4.9,

we show the radial profiles for this quantity at the end of the runs, for sink (solid)

and core (dashed) simulations and threshold densities of nth = 108 (red), 1010 (blue),

and 1012 cm−3 (green).

In the case of sink simulations (solid lines), the mass infall rate reaches a peak of

≃ 2 − 3M⊙ yr−1 at r ≃ 0.2, 0.02, and 0.003 pc from lower to higher threshold density,

while at smaller scales the infall rate drastically falls to values ≲ 10−3 M⊙ yr−1. This

decrease is due to the drop in density caused by accretion and merging of sink parti-

cles, which constantly removes gas cells inside the accretion radius of the sink particle.

In contrast, the core simulations (dashed lines) do not suffer from this limitation and

we are able to resolve smaller scales. In such case, the value of the infall rate remains

roughly constant around Ṁinfall ≃ 2M⊙ yr−1 for all simulations. These values are

consistent with the average accretion rates calculated for the sink particles in Section

4.3.2.

4.3.5 Angular momentum transport

One of the key effects that determine the mass that is accreted onto the central proto-

star is the redistribution of angular momentum in the system. If angular momentum

were conserved during the initial collapse, we would expect the gas to form a disk that

feeds the object at the center. This disk would be unstable against self-gravity due to

the high accretion rates and might fragment into multiple clumps. Angular momen-
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Figure 4.9:Mass infall rate as a function of radius at the end of the runs for sink (solid) and core (dashed) simula-

tions, and threshold densities ofnth = 108 cm−3 (red),nth = 1010 cm−3 (blue) andnth = 1012 cm−3 (green).

At large scales, themass infall rate remains roughly constant at Ṁinfall ≃ 2M⊙ yr−1, with a significant drop

towards smaller radii to values≲ 10−3 M⊙ yr−1. In the case of sink simulations, this decrease occurs at larger

scales than in the case of core simulations, and it is caused by the removal of gas cells due to accretion onto sinks.
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tum re-distribution induced by these clumps can drive the evolution of the disk and

lead to the formation of a supermassive object (Lodato & Natarajan 2006). If we con-

sider that gas, on the scale of the host halo, has a similar spin parameter (λ ≃ 0.05)

than DM, we can deduce λ ∼ Rdisk/Rvir (Mo et al. 1998), from which the expected

radius for the disk would be Rdisk ≃ 50 pc. Since we do not observe this in our sim-

ulations, we can deduce that angular momentum is being removed by gravitational

(τ grav) and pressure (τ pres) torques on the gas. To quantify the magnitude of the

torques, we start by calculating the total baryonic angular momentum at the virial

radius, Jtot ≃ 7 × 1067 g cm2s−1, for a virial mass of ≃ 1.5 × 108 M⊙. This quan-

tity needs to be removed in the characteristic timescale of collapse, the free-fall time,

tff ≲ 108 yr. Then, we can estimate the torques needed to remove the total angular

momentum as τtot ≃ Jtot/tff ≃ 1052 g cm2s−2, where τ tot = τ grav + τ pres. In terms of

required torque per mass, this corresponds to values ≳ 1012 cm2s−2. Let us now assess

whether torques of such magnitude are realized in our host haloes.

Previous studies have analyzed how re-distribution of angular momentum affects

the evolution of the first stars in the context of minihaloes (e.g. Greif et al. 2012; Hi-

rano & Bromm 2018). In order to analyze this for atomic cooling haloes, we follow a

similar approach, and examine the torques acting on the gas around the supermassive

black hole seed. Specifically, we focus on two qualitatively different kind of torques:
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gravitational and pressure gradient, which are defined as:

τ grav =
1∑
imi

∑
i

ri × (miai), (4.5)

τ pres =
1∑
imi

∑
i

ri ×
(
mi

∇Pi

ρi

)
, (4.6)

where i is the index of the cell, ri its distance to the sink particle or the highest den-

sity cell, mi its mass, ai its gravitational acceleration, ρi its volume density, and ∇Pi

its pressure gradient. Since we are dividing by the factor
∑

imi, these quantities rep-

resent the torques per unit mass.

The top panels of Figure 4.10 show the gravitational (left) and pressure gradient

torque (right), as a function of radius, at the end of the sink (solid) and core (dashed)

simulations, for density thresholds of nth = 108 (red), 1010 (blue), and 1012 cm−3

(green). At large scales, the gravitational torque varies between 1012 and 1013 cm2 s−2

for all simulations. Similar to the behavior of the mass infall rate, torques decline to-

wards smaller scales to values ≲ 1011.5 cm2 s−2. For the sink simulations, this occurs

at larger radii compared to the core case, which is due to the removal of gas cells in-

side the accretion radius. In contrast, the pressure gradient torques remain roughly

constant around ≃ 1012 cm2 s−2 for r ≳ 10−2 pc, and experience a small increase

to ≃ 1012 − 1012.5 cm2 s−2 at smaller scales. For ease of comparison, we plot the ra-
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Figure 4.10: Physics of angular momentum transport. Radial profiles of the gravitational torques (top left), pres-

sure gradient torques (top right), their ratio τ grav/τ pres (middle left), specific angular momentum (middle right),

and the timescales for transport driven by τ grav (bottom left) and τ pres (bottom right). Timescales are normal-

ized to the local free-fall time, tff . The lines represent the values at the end of the runs for sink (solid) and core
simulations (dashed) fornth = 108 cm−3 (red),nth = 1010 cm−3 (blue) andnth = 1012 cm−3 (green). Grav-

itational torques dominate over pressure gradient torques at almost all scales, except in the inner regions of the

sink simulations where gravity is not well-resolved due to accretion of gas cells. These torques are responsible

for the removal of angular momentum, which allows the gas to collapse onto the central object.
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tio τ grav/τ pres as a function of radius (left middle panel of Fig. 4.10). From there,

it is evident that gravitational torques dominate during the collapse of the cloud at

both large and small scales. Sink and core simulations differ most strongly at smaller

scales, where τ grav is not fully resolved because of the constant removal of gas cells

due to accretion.

In order to quantify how these torques might affect the redistribution of material

around the central object, we analyze their influence on the angular momentum distri-

bution of the collapsing gas. The latter can be calculated as

l =
1∑
imi

∑
i

ri × (mivi), (4.7)

where vi represents the velocity of the cell with respect to the sink particle or the

highest density cell’s velocity. We can thus derive the timescales on which each torque

operates:

tgrav =
|l|2

l · τ grav
, tpres =

|l|2

l · τ pres
. (4.8)

The right middle panel of Figure 4.10 shows the specific angular momentum, as a

function of the radius, for the same snapshots and simulations indicated above. The

steady decrease from l ≃ 1025 cm2 s−1 at r ≃ 10 pc to l ≃ 1019 cm2 s−1 at r ≃ 1019

pc shows that gas is losing its angular momentum as it collapses to the center of

the cloud. To explain this, we consider the timescales over which the gravitational
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(left) and pressure gradient torque (right) act, compared to the free-fall time tff =√
3π/32Gρ (bottom panels of Fig. 4.10). In general, tgrav ≃ tff , except between 0.01

and 1 pc where tgrav ≃ 10tff , while in the case of the pressure gradient torques, the

ratio tpres/tff reaches values ≃ 100 in the same region. Gravitational torques, there-

fore, are more efficient in removing angular momentum, which ultimately impedes the

formation of a disk and allows the gas to collapse to the center of the cloud and form

a supermassive star.

4.3.6 Radiation breakout

As the central object grows, emission coming from it ionizes the surrounding hydro-

gen developing an Hii region. The extent of this region is characterized by the loca-

tion of the ionization front (IF), which at earlier times is bounded to the central star.

However, as the central object accretes mass, its emission grows and the Hii region

expands from its initial ultra-compact state. A similar early evolution of the develop-

ing Hii region has been encountered in radiation-hydrodynamic (RHD) simulations

of Pop III protostar formation (Stacy et al. 2016). Eventually, the radiation from the

fully formed SMBH will break out into the intergalactic medium. Once protostellar

radiative feedback becomes important, accretion onto the central object can dramati-

cally change, and the assumptions of our model might not be valid anymore. Here we

aim to predict the time of break-out for a supermassive black hole seed by following a

similar approach to Smith et al. (2017a), where the ionization front is modeled as the

151



radius, rIF, within which the recombination rate is in equilibrium with the ionization

rate.

We begin by writing the recombination rate, as a function of radius r, as follows:

Ṅrec ≃ 4π

∫ r

0
αBn

2
Hr

′2dr′, (4.9)

where nH is the hydrogen number density, αB = 2.59× 10−13T−0.7
4 cm3s−1 the effective

Case B recombination coefficient with T4 = T/104K. In principle the density pro-

file can be obtained from the simulations, but it is not modeled accurately inside the

sink accretion radius, one problem being that sink particle mass only grows through

mergers with other sink particles. Instead, we use the self-similar solution for a cham-

pagne flow (Shu et al. 2002), which assumes a ρ ∝ r−2 density profile outside a nearly

flat inner core. This model has already been used to describe the density evolution in

minihaloes (e.g. Alvarez et al. 2006; Wang et al. 2012), and here we apply the same

reasoning to atomic cooling haloes. In such a case, the density profile for the isother-

mal case with temperature Tiso is given by

n(r) ≃ 7.7× 104
(

Tiso

104K

)(
r

1 pc

)−2

cm−3. (4.10)

This profile gives a good description of the evolution of an atomic cooling halo with

Tiso ≃ Tvir ≃ 104K, as shown in Figure 4.2.
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In contrast, the density profile inside the core is described by

mHn(r)

X
=

α(x)

4πGt2
, (4.11)

where x = r/cst corresponds to the similarity variable, cs to the sound speed of the

ionized gas, t to the time after central object formation, X = 0.76 to the hydrogen

mass fraction, and α(x) to a function that characterizes the shape of the density pro-

file in the champagne flow. Shu et al. (2002) provides a convenient series expansion

for this function, using the boundary condition α = α0 at x = 0:

α = α0 +
α0

6

(
2

3
− α0

)
x2 + . . . . (4.12)

The values for α0 can be extrapolated from table 1 in Shu et al. (2002), based on the

value of ϵ ≡ (cs,i/cs)
2, where cs,i and cs are the initial and ionized isothermal sound

speeds. Here we have used Ti ≃ 104K and T = 3× 104K for the initial and Hii region

temperatures, respectively. The transition between both profiles occurs at the shock

radius, rsh = vst, where the shock velocity vs = xscs can be calculated with the value

for xs extracted from the same table as above.

Figure 4.11 shows the density profile for the case of an atomic cooling halo in gray

lines at times t = 102, 5×102, 103, 5×103, 104, 5×104, 105, and 5×105 yr, from top to

bottom. For reference, we have included the density profiles from the last snapshot of
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Figure 4.11: Density profile as a function of time for the self-similar solution of a champagne flow (Shu et al.

2002). From top to bottom, dark grey lines representnH at times t = 102, 5× 102, 103, 5× 103, 104, 5× 104,
105, and 5 × 105 yr. The profile is characterized by a nearly flat core that transitions to an isothermal density

profile outside the shock radius. The latter is a good approximation for the density profile of our simulations,

sufficiently far from a sink (dashed lines).
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each sink simulation (dashed lines) for the different threshold densities nth = 108 cm−3

(red), 1010 cm−3 (blue), and 1012 cm−3 (green). Our model predicts that in response

to the photo-heating, the density inside the ionized region continuously decreases

as time goes by, reaching values as low as ≃ 102 cm−3 at t = 5 × 105 yr. In con-

trast, the simulations, not taking into account any RHD effects, do not exhibit such

a roughly constant-density inner core. Instead, the density keeps increasing near the

center, reaching values a few orders of magnitude larger than our analytical model.

Next, we need to account for the ionizing radiation originating from the central

object, evaluating the ionizing photon rate according to

Ṅion =
πLEdd

σSBT 4
eff

∫ ∞

νmin

Bν

hν
dν (4.13)

≃ 2.37× 1054s−1

(
M⋆

106 M⊙

)
, (4.14)

where σSB is the Stefan-Boltzmann constant, Bν the Planck function, and hνmin =

13.6 eV. For simplicity, we here assume a blackbody source with an effective temper-

ature of Teff = 105K emitting at the Eddington luminosity, LEdd = 4πGM⋆mHc/σT ,

where M⋆ corresponds to the mass of the sink particle. Such properties are character-

istic for very massive stars (e.g. Bromm et al. 2001). Inside the ionization front, the

recombination (Equation (4.9)) and ionization (Equation (4.14)) rates are in equilib-
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rium, hence

4π

∫ rIF

0
αBn

2
Hr

2dr ≃ 2.37× 1054s−1

(
M⋆

106 M⊙

)
. (4.15)

From this, and using Equations 4.10 and 4.11 to describe the density profile, we can

estimate the radius of the ionization front, rIF, as a function of time and mass of the

star. These results are shown in Figure 4.12 for masses of M⋆ = 102 (red), 103 (blue),

104 (green), 105 (purple), and 106 M⊙ (orange). The ionization front increases from

values ≃ 10−4 − 10−3 pc at t ≃ 100 yr, to ≃ 1 − 10 pc after 5 × 105 yr. As the value

of rIF grows, it might be able to reach the shock radius, defined in the Shu solution

(gray dotted lines). At that point, radiation would be able to escape from the central

core, overrunning the halo and reaching the IGM. This occurs at the breakout time

tB ≃ 5 × 104 yr and 5 × 103 yr for masses M⋆ = 105 M⊙ and 106 M⊙, respectively.

For lower values of M⋆, the ionization front has not reached the shock radius after

5× 105 yr, and radiation is still bottled up, but just barely so.

Now, we apply this model to our simulations. In that regard, we extract the sink

masses and the times after sink creation from the outputs and insert them into Equa-

tion 4.15 to estimate rIF. The results are plotted in the left panel of Figure 4.13 for

threshold densities of nH = 108 (red), 1010 (blue), and 1012 cm−3 (green). The ini-

tial I-front is located at a radius rIF ≃ 7 × 10−5 pc, once the sink is created with

M⋆ ≃ 10M⊙ in the nH = 1012 cm−3 case. As the sink mass grows to M⋆ ≃ 5× 105 M⊙,

rIF increases to ≃ 1 pc but has not yet reached the shock radius (gray dashed lines),
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Figure 4.12: Ionization front radius as a function of time for massesM⋆ = 102 (red), 103 (blue), 104 (green),
105 (purple), and 106 M⊙ (orange). rIF grows from values≃ 10−3 − 10−4 pc to≃ 3 − 10 pc after 5 × 105

yr. For massesM⋆ = 104 and 105 M⊙, the I-front radius eventually exceeds the shock radius (dotted line), and

radiation is able to escape the central core, into the halo and beyond. For smaller masses, radiation break-out has

not occurred yet, and radiation remains bottled up.
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which implies that radiation break-out has not happened at the end of our simula-

tions. For reference, we have included 100R⋆ as a gray dotted line, where R⋆ is the

radius of the growing protostar, as calculated in Becerra et al. (2018b). We use this

radius as an indication of the point at which radiation detaches from the stellar pho-

tosphere, which occurs at M⋆ ≃ 200M⊙ for our models. From that moment radiation

might influence the gas surrounding the central object and affect its growth rate. In

the right-hand panel of the same figure, we use our simulation data to calculate the

ionization rates as a function of time, with threshold density as a parameter. Addi-

tionally, we plot the recombination rates calculated from Equation 4.9, integrated out

to r = Rvir (gray dashed lines). Ṅion grows from ≃ 3 × 1051 s−1 at t ≃ 200 yr to

≃ 1053 s−1 after ≃ 3 × 104 yr. Nevertheless, this is not sufficient to balance the recom-

bination rate, Ṅrec ≃ 1054 s−1. Hence, radiation has not yet broken out from the host

halo.

4.4 Caveats

In this work, we have set out to describe the full picture of how a massive protostar

of ≃ 10M⊙ becomes a supermassive black hole seed of ≃ 105 M⊙. In contrast to our

previous work in Becerra et al. (2015), we have added an improved treatment for H−

continuum cooling up to densities of nH ≃ 1016 cm−3, as detailed in Becerra et al.

(2018b). To be able to follow the evolution of the central object for a longer time, we
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have implemented sink particles. A drawback of this technique is that the density

structure inside the sink particle accretion radius is not accurately captured. For the

same reason, quantities that depend on the density, such as the mass infall rate and

gravitational torques, are not truly resolved within that distance. To account for that

and gain a more complete picture of the processes at small scales, we have run simu-

lations with the same threshold densities, but employing a stiff equation of state to

model the central object. Both implementations are complementary, providing us

with a broader perspective on the evolution of the protostar.

In addition, we have neglected a number of physical processes that might influence

the growth of such an object at some stage during its evolution. In particular, we

have not modeled the radiation emerging from the central source. For example, pre-

vious studies have discussed that Lyα radiation might be trapped on parsec-scales

around the BH seed, which would allow the temperature, and hence the Jeans mass,

to increase by a factor of a few. This would result in a change of the adiabatic index

to γ = 4/3, which might delay the initial collapse of the halo (Ge & Wise 2017). Even-

tually, Lyα radiation might also affect the long-term evolution of the central object

by shaping its surroundings (Smith et al. 2017a). Both of these studies used post-

processing routines in their analysis. In order to understand the full picture of the

formation of SMBH seeds, we will need a fully coupled simulation, where Lyα radia-

tion transport is calculated on-the-fly for self-consistent and higher order description

of the processes involved. In this context, Luo et al. (2018); Ardaneh et al. (2018);
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Chon et al. (2018) have recently presented pioneering RHD simulations of atomic cool-

ing haloes. We plan to address the impact of radiative feedback in a follow-up study,

where we will perform fully-coupled cosmological RHD simulations.

Lastly, we have not included the effects of magnetic fields, which might become

important in the direct collapse scenario. For example, magnetic pressure might pro-

vide additional support against gravity, which delays the formation of a supermassive

star (Latif et al. 2014b). Future work should include a detailed treatment of magneto-

hydrodynamic effects in the context of atomic cooling haloes.

4.5 Summary and conclusions

We have performed a suite of six simulations to study the buildup of SMBH seeds

at high redshifts. We follow the formation and evolution of a supermassive protostar

from M⋆ ≃ 10M⊙ to M⋆ ≃ 105 M⊙. For this purpose, we model the central object

using two methods: sink particles and artificially-stiffened hydrostatic cores, consid-

ering three different threshold densities, nth = 108, 1010, and 1012 cm−3, to address

the late, intermediate, and early stages of the BH seed. The simulations employ a

primordial chemistry network that evolves five species (H, H2, H−, H+, and e−), and

includes H2 line emission, H2 collision-induces emission, Lyα cooling, H− continuum

cooling, as well as inverse Compton cooling. In addition, we have included a uniform

LW background radiation field of strength J21 = 105 to prevent the formation of stars
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in progenitor minihaloes.

During the initial collapse the gas is shock-heated to a sub-virial temperature T ≃

8000 K. The molecular hydrogen abundance remains very small throughout the col-

lapse, due to an external LW background radiation that photo-dissociates H2 within

the halo, and the collisional dissociation at higher density. As a result, atomic hydro-

gen cooling dominates in the form of Lyα emission up to densities nH ≃ 106 cm−3,

where the gas becomes optically thick to that radiation, and H− bound-free and free-

free emission up to nH ≃ 1017 cm−3. Because of this, the gas evolves nearly isother-

mally over many orders of magnitude in density, which is reflected in a profile of the

form nH ∝ r−2. Once the highest-density cell reaches a pre-set threshold density, nth,

we create the central object, which is represented by a sink particle or by a hydro-

static core where cooling has been artificially suppressed.

By analyzing simulations with three threshold densities nth = 108, 1010, and

1012 cm−3, we follow the evolution of the central object from M⋆ ≃ 10M⊙ to M⋆ ≃ 6×

104 M⊙. Its growth is characterized by a relation of the form M⋆ ∝ t1.8sink, where tsink is

the age of the sink particle. Accretion rates are in the narrow range 1 − 2.5M⊙ yr−1,

with an average value of ⟨Ṁ⋆⟩ ≃ 2M⊙ yr−1, consistent with the mass infall rates

for the collapsing gas. This process is mainly driven by strong gravitational torques,

τ grav ≃ 1012.5 cm2 s−2, acting on timescales comparable to the free-fall time. The

initial angular momentum is thus efficiently removed, allowing the gas to feed the cen-

tral object. As the protostar grows, radiation originating from it ionizes the surround-
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ing material, thus creating an initially ultra-compact, but subsequently expanding

Hii region. Towards the end of the lowest-resolution simulation, the rate of ionizing

photons, as estimated with our idealized protostellar evolution sub-grid model, is still

below the recombination rate. This would imply that the ionizing radiation is still

bottled up, and has not yet escaped from the host halo. On the other hand, this emis-

sion detaches from the photosphere of the central object when its mass is ≃ 200M⊙.

From then on, radiative feedback can influence accretion of gas onto the central ob-

ject, thus ultimately affecting its final mass. For realistic modeling, the central den-

sity structure has to be known. With sinks, however, this structure is not properly

resolved at small scales. To approximately assess the situation, we have here used the

self-similar solution for a champagne flow to deduce the location of the I-front, and

estimate the breakout time. A more accurate description of the radiative feedback

from the central source and its effect on the gas requires a fully coupled, on-the-fly

implementation of RHD in a cosmological context. Such simulations define the cur-

rent numerical frontier of the field.

The understanding of how supermassive black holes formed so early in cosmic his-

tory is making remarkable progress, based on advances in numerical technology (e.g.

Johnson & Haardt 2016; Latif & Ferrara 2016; Smith et al. 2017b; Valiante et al.

2017). Tantalizingly, the early Universe may have provided unique conditions for

the accelerated emergence of massive BHs, and it is becoming evident that they have

played an important part in shaping early cosmic history. The first SMBHs also pro-
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vide luminous beacons of the high-redshift Universe, to be probed with the next gen-

eration of observational facilities, such as the JWST and the extremely large tele-

scopes currently being built on the ground. To fully harness the promise of these fa-

cilities, simulations are vital in elucidating the key observational signatures.

4.6 Appendix: Convergence

Following our discussion in Section 4.3.2, we here present evidence that our simula-

tions are converged for different central object models and different threshold densi-

ties. For that purpose, we consider number density and temperature projections for

sink and stiff equation of state (EOS) simulations, and compare the resulting mor-

phologies at similar times in their evolution. Specifically, in Section 4.6.1 we present

a comparison between sink simulations with different nth, while in Section 4.6.2 we

examine different central object modeling using the same nth.

4.6.1 Sink particles simulations

Figure 4.14 shows number density (top) and temperature (bottom) projection for sink

particle simulations using different threshold densities. The left panel compares a box

size of 3 pc for nth = 108 cm−3 (left column) and nth = 1010 cm−3 (right column),

while the right panel shows a comparison between nth = 1010 cm−3 (left column) and

nth = 1012 cm−3 (right column) in a 0.3 pc projection. Additionally, we set the upper
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limit of the color bar to the lowest value of nth in each panel in order to distinguish

all the gas particles that are above the lowest nth as bright yellow dots in the den-

sity projection. In this way, we effectively use bright yellow dots to represent the gas

particles in the highest nth simulation that have been replaced by sink particles and

accreted by the central object in the lowest nth simulation.

In general, we can see that the gas has a similar morphology in both panels, show-

ing a disk-like structure in the left one, while the right one reveals a bar-like pattern

at smaller scales. Similarly, the temperature distribution encloses the same range and

distribution of values for both comparisons. Nevertheless, from the images we can see

that the location of the central sink particle might change slightly when using differ-

ent threshold densities. This, however, is small compared to the accretion radius and

hence should not influence its evolution and growth.

4.6.2 Sink particles and stiff EOS simulations

Figure 4.15 presents a similar comparison between number density (top) and tem-

perature (bottom) projections for different central object modeling and using the

same threshold density. We show a box size of 3 pc and nth = 108 cm−3, 0.3 pc and

nth = 1010 cm−3, and 0.03 pc and nth = 1012 cm−3 in the top left, top right, and

bottom panels, respectively. For each panel we display the sink particle method on

the left column and the stiff EOS approach on the right one. In addition, we set the

upper limit of the color bar to the value of nth, hence representing the gas particles
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Figure 4.15: Number density (top) and temperature (bottom) projections of sink particles and stiff EOS sim-

ulations with the same threshold density. We display snapshots usingnth = 108 cm−3 in a 3 pc box in the

top left panel,nth = 1010 cm−3 in a 0.3 pc box in the top right panel, andnth = 1012 cm−3 in a 0.03 pc in

the bottom panel. The simulations show a similar distribution in both density and temperature, independent of

the central object modeling approach used. Althoughwe can appreciate small differences in temperature for

nth = 1012 cm−3 due to strong gravitational interactions between sink particles, this does not impact the

evolution of the central object.
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above that threshold as bright yellow dots. These gas cells have become sink parti-

cles and been accreted by the central object in the left columns, while in the right one

they have become part of the hydrostatic core as defined in Section 4.2.3.

Analogous to the previous figure, it is evident that the simulations using the same

threshold density display a similar density and energy distribution. We recover the

same disk- and bar-like structures when using the same threshold density, indepen-

dent of the method used to model the central object. The main difference can be seen

in the bottom panel, where multiple sinks have been created. The gravitational in-

teraction between them causes the surrounding gas to heat up, an effect that is not

seen in the case with an adiabatic core. However, this difference does not significantly

affect the evolution and accretion history of the central object.
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“It was a pleasure to burn.”

Ray Bradbury

5
Radiative feedback from

supermassive black hole seeds

5.1 Introduction

The presence of supermassive black holes (SMBHs) with masses ≳ 109 M⊙ when the

Universe was less than one billion years old has been suggested by frontier observa-
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tions of quasars at redshift z ≳ 6 (Fan et al. 2003, 2006; Mortlock et al. 2011; Wu

et al. 2015; Bañados et al. 2018). These SMBHs most likely grew from smaller seed

BHs; however, the origin of these seeds is still unclear (Haiman 2006, 2009; Bromm

& Yoshida 2011; Greene 2012; Volonteri 2012; Volonteri & Bellovary 2012; Greif 2015;

Johnson & Haardt 2016; Latif & Ferrara 2016; Smith et al. 2017b). Although alterna-

tive formation mechanism have been proposed, such as high-velocity mergers of mas-

sive proto-galaxies (e.g. Mayer et al. 2010; Inayoshi et al. 2015), the two most promis-

ing pathways for the formation of BH seeds at high redshift are still the remnants of

massive Population III stars (Madau & Rees 2001; Li et al. 2007; Johnson et al. 2012;

Alexander & Natarajan 2014), and the direct collapse of primordial gas in haloes with

virial temperatures Tvir ≳ 104 K, the so-called atomic cooling haloes (Bromm & Loeb

2003; Begelman et al. 2006; Spaans & Silk 2006).

In the direct collapse scenario, gas falls to the center of haloes with virial temper-

atures Tvir ≃ 104 K, where cooling by molecular hydrogen and metal lines has been

suppressed. The destruction of molecular hydrogen can be achieved by a external soft

ultraviolet (UV) background radiation field in the Lyman-Werner (LW) bands, which

photo-dissociates molecular hydrogen (Omukai 2001; Bromm & Loeb 2003; Volonteri

& Rees 2005; Spaans & Silk 2006; Schleicher et al. 2010; Johnson et al. 2013; Agarwal

et al. 2016; Habouzit et al. 2016; Johnson & Dijkstra 2017). With cooling by molec-

ular hydrogen greatly diminished, atomic hydrogen becomes the dominant coolant

(Omukai 2001; Oh & Haiman 2002), which provokes the gas to follow a nearly isother-
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mal evolution at ≃ 104 K. First, cooling is mainly driven by Lyman-α emission up to

densities nH ≃ 106 cm−3, where the gas becomes optically thick to Lyα radiation, and

then it transitions to H− bound-free and free-free emission (Regan & Haehnelt 2009;

Latif et al. 2013a; Inayoshi et al. 2014; Becerra et al. 2015, 2018b; Chon et al. 2016).

At around nH ≃ 1017 cm−3 the gas becomes optically thick to H− continuum emission

and from then on it evolves adiabatically, forming a massive protostar at the center of

the halo (Inayoshi et al. 2014; Van Borm et al. 2014; Becerra et al. 2015; Latif et al.

2016). Since the accretion rate in a Jeans-unstable cloud scales as Ṁ ∝ T 3/2, the pro-

tostar is characterized by very high accretion rates of the order of ≃ 1M⊙ yr−1. As

a consequence, the protostar can grow to ≃ 105 − 106 M⊙ and become a supermas-

sive star in about a million years (Regan & Haehnelt 2009; Latif et al. 2013b) Becerra

2018.

As the protostar grows in mass, radiation emitted by the central source becomes

important and might influence its evolution. Previous works have investigated the

effect of radiative feedback in the development of Pop III stars in minihalos. In this

context, one way in which radiation plays a key role is by boosting the dissociation of

H2 (and the consequent heating that accompanies the ionization of neutral hydrogen)

due to emission in the LW bands. This molecule-dissociating radiation could become

significant and indirectly shut down accretion (Susa 2013; Susa et al. 2014); however,

other studies have argued that this process is not particularly relevant since the sur-

rounding of the protostar remains optically thick to that radiation (e.g., Hosokawa
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et al. 2011). A more important feedback mechanism is the destruction of neutral hy-

drogen by ionizing photons, accompanied by the corresponding photo-heating process

that increases the temperature to values ≳ 104 K. The ionizing radiation then trig-

gers the formation of Hii regions around the protostars. These Hii regions might not

alter the accretion onto the star if they remain compact due to high inflow velocity

of the gas (Omukai & Inutsuka 2002), but, if the inflow velocity decreases, then ioniz-

ing radiation can escape and photo-evaporate the surrounding gas, halting accretion

and limiting the stellar growth rate (McKee & Tan 2008; Hosokawa et al. 2011; Stacy

et al. 2012).

Recent works have performed radiation hydrodynamic (RHD) simulations of the

collapse of gas in atomic cooling halos to analyze the development of SMBH seeds un-

der those conditions. For instance, Chon et al. (2018) follow the evolution of two gas

clouds taken from a 10 Mpc (comoving) cosmological simulation. One of the clouds

is strongly affected by tidal forces from a nearby galaxy, which produces more than

ten stars with masses of a few ×103 M⊙ due to filamentary fragmentation of the gas.

In contrast, the second cloud is embedded in a relatively weak tidal field, and hence

collapses nearly spherically, forming a single star-disk system. A second example is

given by Luo et al. (2018), who use the flux-limited diffusion (FLD) approximation

to couple the evolution of gas and radiation in isolated halos. They report the forma-

tion of a core of ≃ 1M⊙, whose evolution differs significantly from adiabatic models.

The main difference between them and the FLD models is that in the latter radia-
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tion might escape due to anisotropies in the optical depth. Finally, Ardaneh et al.

(2018) gives a complementary view by analyzing the formation of cosmological halos

using the same procedure to solve RHD. In contrast to their adiabatic counterparts,

the cosmological FLD halos do not present fragmentation, forming a central core that

reaches masses of ≃ 10M⊙ and with a photosphere of ≃ 10 au. Its evolution is charac-

terized by strong outflows driven by radiation force that form dense expanding shells

and transfer momentum outwards.

In this work we study the effect of radiative feedback in SMBH seeds. For that

purpose, we perform three-dimensional radiation hydrodynamical simulations of the

collapse of an atomic cooling halo. We utilize a similar setup to the one employed in

Becerra et al. (2018a) and use those simulations as the non-radiation analog to the

runs presented here. We use the newly-implemented arepo-rt module (Kannan et al.

2018) to solve the radiative transfer equations. In particular, we model photon in-

jection and transport, which are then coupled to the primordial chemistry network

implemented in our previous work (Greif 2014; Becerra et al. 2015, 2018b). Using this

approach we plan to resolve the formation of Hii regions around supermassive proto-

stars and analyze how they affect its growth. These objects will be prime targets of

next-generation observational facilites (Pacucci et al. 2015; Dayal et al. 2017; Natara-

jan et al. 2017), such as the James Webb Space Telescope (JWST), the ATHENA X-

ray mission (e.g. Valiante et al. 2018), and the Laser Interferometer Space Antenna

(LISA) gravitational-wave observatory (e.g. Sesana et al. 2011).
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5.2 Numerical methodology

We investigate the effect of radiative feedback in the formation and evolution of SMBH

seeds by performing three-dimensional, cosmological radiation hydrodynamics (RHD)

simulations. We use the outputs from Becerra et al. (2018a), which employ the moving-

mesh code arepo (Springel 2010) with a primordial chemistry network described in

detail in Greif (2014). Here we briefly summarize the procedure utilized in Becerra

et al. (2015) and Becerra et al. (2018a), and we refer the reader to those works for

more information.

5.2.1 Hydrodynamical simulations

We use the resimulation describing the central parts of the collapse of a 108 M⊙ atomic

cooling halo from Becerra et al. (2018a). This is a 20 pc, zoom-in resimulation ex-

tracted from a 2 Mpc (comoving) cosmological box once the highest density cells has

reached 108 cm−3. To achieve such high densities, we impose a refinement strategy

in which the Jeans length is resolved by at least 64 cells. Such approach allows the

simulation to capture gravitational instabilities (Truelove et al. 1997) and adequately

describe the effects of turbulence (Federrath et al. 2011; Safranek-Shrader et al. 2012;

Turk et al. 2012; Latif et al. 2013a).
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Chemistry

The chemistry network includes a non-equilibrium solver for five species (H, H2, H−,

H+, e−), and reactions such as the formation of H2 via associative detachment as well

as three-body reactions, destruction of H2 via collisions and photodissociation, and

the formation and destruction of H+ by collisional ionizations and recombinations.

Additionally, the module incorporates cooling processes such as H2 line cooling, H2

collision-induced emission, Ly-α cooling, free-free and bound-free H− continuum cool-

ing, and inverse Compton cooling. Details of the rates for chemical reactions and cool-

ing can be found in Greif (2014) and Becerra et al. (2018b). Finally, we have added

a strong Lyman-Werner (LW) background radiation field of J21 = 105 that photo-

dissociates H2 via the Solomon process (Abel et al. 1997)

Sink particles

We model the central object using a sink particle prescription. For that, we pre-set a

threshold density, nth, and replace any elements that reaches that value by a so-called

sink particle (e.g., Bate et al. 1995; Bromm et al. 2002). To model the accretion ra-

dius, Racc, of such particle, we follow the formulation of Becerra et al. (2018b), which

effectively results in a variable Racc that depends on the mass of the sink particle.

The growth in mass of a sink particle occurs through mergers with other sink parti-

cles that are inside its accretion radius. In such case, the least massive one is removed
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and its mass and momentum are transferred to the most massive one.

5.2.2 Radiative transfer

The methodology to solve the radiative transfer equations is based on arepo-rt

(Kannan et al. 2018). Here we present a brief summary of the most important pro-

cesses involved in the modeling of radiation of SMBH seeds. We start by writing the

continuity equations for the propagation of a radiation field:

1

c

∂Iν
∂t

+ n · ∇Iν = jν − κν ρ Iν , (5.1)

where ρ is gas density, jν the emission term, κν the absorption coefficient, and Iν(x, t,n, ν),

at position x and time t, is described as the rate of radiation energy (Eν) flowing per

unit area (dA), in the direction (n), per unit time (dt), per unit frequency interval

(dν) centered on frequency ν and per unit solid angle (dΩ):

dEν = Iν(x, t,n, ν) (n · dA) dtdν dΩ . (5.2)

A fluid description of the radiation field can be obtained in terms of the radiation

energy density (Er), flux (Fr) and pressure (Pr), defined as

{c̃Er, Fr, Pr} =

∫ ν2

ν1

∫
4π
{1,n, (n⊗ n)}Iν dΩ dν . (5.3)
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Taking the zeroth and first moments of Equation 5.1, we get

∂Er

∂t
+∇ · Fr = S − κE ρ c̃ Er , (5.4)

∂Fr

∂t
+ c̃2∇ · Pr = −κF ρ c̃Fr , (5.5)

where S denotes the source term which quantifies the amount of radiation energy

emitted, κE and κF are the radiation energy density and radiation flux weighted mean

opacities within the frequency range defined by [ν1, ν2], and c̃ is the signal speed of

radiation transport, which can be different from the actual speed of light (c).

Photon injection

As the central object evolves and accretes mass, it emits ionizing radiation to the sur-

rounding gas. We can model the ionizing photons rate as

Ṅion =
πLEdd

σSBT 4
eff

∫ ∞

νmin

Bν

hν
dν (5.6)

≃ 2.37× 1054s−1

(
M⋆

106 M⊙

)
, (5.7)
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where σSB is the Stefan-Boltzmann constant, Bν the Planck function, and hνmin =

13.6 eV. For simplicity, here we have assumed a blackbody source with an effective

temperature of Teff = 105K emitting at the Eddington luminosity, LEdd = 4πGM⋆mHc/σT ,

where M⋆ corresponds to the mass of the sink particle. At each timestep dt that the

sink particle becomes active, the total number of photons injected due to emission

from the central object is given by

N tot
γ = Ṅiondt. (5.8)

We then distribute the total number of photons among Nngb neighboring cells, in-

serting a number N i
γ of photons into each cell ‘i’, given by

N i
γ = wiN

tot
γ . (5.9)

Here, we have employed a weight function wi defined as

wi =
ϕiVi∑
k ϕkVk

, (5.10)

where Vi is the volume of the gas cell and ϕi is a softening kernel. We express the

kernel as a function of the variable u = r/h, which depends on the distance r between
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the sink particle and the gas cell ‘i’, and the smoothing length h:

ϕ(r, h) =


1
h3

[
2.55 + 15.28(u− 1)u2

]
ifu < 0.5

1
h3 5.09(1− u)3 ifu ≥ 0.5

(5.11)

We calculate h using an iterative process until the number of neighbors enclosed by h

coincides with Nngb.

Photon transport

Once the photons have been injected by the sink particle into the neighboring cells,

we need to model their propagation. We start by writing the equations modeling the

free transport of photons by setting the RHS of Equations 5.4 and 5.5 to zero:

∂Er

∂t
+∇ · Fr = 0 , (5.12)

∂Fr

∂t
+ c̃2∇ · Pr = 0 , (5.13)

As a closure relation, we estimate Pr using the Eddington tensor formalism by defin-

ing a proportionality tensor called the Eddington tensor (D), such that

Pr = Er D . (5.14)
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To compute the Eddington Tensor D we use the M1 closure, which requires only local

quantities of a given cell:

D =
1− χ

2
I+

3χ− 1

2
n⊗ n , (5.15)

where

n =
Fr

|Fr|
, χ =

3 + 4f2

5 + 2
√
4− 3f2

, and f =
|Fr|
c̃Er

. (5.16)

We solve these equations by using the Gauss theorem and expressing them in terms

of a combination of the flux over a static interface and an advection step owing to the

movement of the interface. We employ the Harte-Lax-van Leer (Harten et al. 1983)

framework to solve the approximate Riemann problem normal to the surface, which

is used in combination with the Heun’s method, a variant of the second order Runge-

Kutta scheme, to perform a conservative time integration of the Gauss theorem. The

primitive variables on both sides of the interface are obtained using a slope-limited

piece-wise linear spatial extrapolation and a first order prediction forward in time, for

which the gradient estimates are calculated with the local least square fit. For a more

detailed discussion of the methods, we refer the reader to Sections 2 and 3 of Kannan

et al. (2018).
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Chemistry coupling

The next step is to calculate the absorption of photons in the surrounding gas. For

that purpose, we use the single scattering regime, in which a particular photon in-

teracts with the surrounding medium only once. In such case, we work with photon

number densities instead of radiation energy density. We define the photon number

density (N i
γ), photon number flux (Fi

γ), and the associated pressure tensor (Pi
γ) in

each frequency bin ‘i’ as

{c̃N i
γ ,F

i
γ ,Pi

γ} =

∫ νi2

νi1

1

hν
dν

∫
4π
{1,n, (n⊗ n)}Iν dΩ , (5.17)

where νi1 ≤ νi < νi2. In this case, we can formulate the equations for the change in

the photon number density and photon number flux as

∂N i
γ

∂t
= −c̃ N i

γnH i σ̄iH i , (5.18)

∂Fi
γ

∂t
= −c̃Fi

γnH i σ̄iH i , (5.19)
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where nH i is the number density of H i, and σ̄iH i is the mean ionization cross section

of H i in the frequency bin ‘i’

σ̄iH i =

∫ νi2

νi1

4πJν
hν

σH iν dν∫ νi2

νi1

4πJν
hν

dν
, (5.20)

and

Jν =
1

4π

∫
4π

Iν dΩ . (5.21)

Once we have calculated the absorption of photons by the gas around the sink par-

ticle, we proceed to couple it with our primordial chemistry network. To model the

creation of Hii regions, we need to add two more reactions: photoionization by radia-

tion coming from sink

H+ γ → H+ + e− , (5.22)

and recombination

H+ + e− → H+ γ . (5.23)

The reaction coefficients for both processes are given by

qion = c̃ nH i
∑
i

σ̄iH i N
i
γ , (5.24)
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and

qrec = αB nH ii ne , (5.25)

respectively. Here we have used αB = 2.59× 10−13T−0.7
4 cm3s−1 as the effective Case B

recombination coefficient with T4 = T/104K.

Furthermore, in addition to ionizing the gas, photons also deposit energy through

photoheating. We model the photoheating rate of H i as

ΓH i =

∫ ∞

νtH i

4πJν
hν

σH iν (hν − hνtH i) dν , (5.26)

where h is the Planck constant and EH i = hνtH i is the ionization potential of H i . The

total amount of energy deposited into the gas through photoheating is then

H = nH iΓH i. (5.27)

5.3 Preliminary results

We use the sink simulations with a threshold density nth ≃ 108 cm−3 from Becerra

et al. (2018a) to implement and test the aforementioned routines. Those simulations

follow the collapse of an atomic cooling halo and include the hydrodynamic treatment

and the primordial chemistry network described in Section 5.2.1. For our RHD runs,

we add the radiative transfer solver step by step: first we turn on photon injection,
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and then transport. By separately adding them to our simulations, we verify that

photons are being injected and advected as expected before moving to the next stage.

Since the evolution of the gas is determined by the radiative transfer timestep, we use

a signal speed c̃ ≃ 3× 108 cm s−1 to avoid reaching prohibitively small values for dt.

We start by analyzing photon injection using Figure 5.1, which shows the number

density of hydrogen nuclei (top) and photon number density (bottom) projections in

a 1 pc box at times t ≃ 360 (left), 2200 (middle), and 4000 yr after the creation of

the central sink particle. The left column represents the early stages of the evolution,

when the sink has a mass M⋆ ≃ 103 M⊙. In those conditions, the photon injection

leaves a pattern of small circles of sizes ≲ 0.01 pc as the sink particle moves around

every timestep it becomes active. After ≃ 2200 yr, the sink particle has gone through

a very active period of accretion and has increased its mass to M⋆ ≃ 1.7 × 104 M⊙,

thus also increasing by about an order of magnitude the ionizing photons rate. At

that point, the morphology of the distribution of photons reveal two main regions of

sizes ≃ 0.1 pc where photons accumulate, separated by an almost vertical strip of low

photon number density where the sink is located. At later times, the sink particle

keeps injecting photons while maintaining its position fixed, in which case photons

assemble at the center of the cloud reaching values of nγ ≃ 1014 cm−3.

Once transport is turned on, photons quickly move outwards and the region in-

jected with them grows. The time evolution of such regions can been seen in the pho-

ton number density projections presented in Figure 5.2 for times t ≃ 360 (top left),
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Figure 5.1: Injection of ionizing photons due to emission from the central object. Number density of hydrogen nu-

clei (top) and photon number density (bottom) projections for a box size of 1 pc at t ≃ 360 (left), 2200 (middle),

and 4000 yr (right) after the creation of the sink particle. A few hundred years after the sink particle is formed,

the photon imprint is characterized by several small circles of radius≲ 0.01 pc that represent the regions where
photons were injected as the sinkmoved around. Due to accretion of gas, both themass and accretion radius of

the sink increase, and, as a consequence, photons are deposited in larger regions. As the sink remains roughly at

the same position and keeps emitting radiation, photons concentrate at the center of the cloud reaching values

nγ ≃ 1014 cm−3.
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Figure 5.2: Time evolution of photon number density for t ≃ 360 (top left), 2200 (top right), 4000 (bottom left),

and 5400 yr (bottom right) after the creation of the sink. The photons initially injected in small regions of r ≲
0.01 pc have advected until covering a region with radius r ≃ 1 pc. The edge of this region keeps expanding
to a size r ≃ 7 pc at t ≃ 2200 yr, until finally reaches the border of the simulation box by t ≃ 4000 yr. In
themeantime, a second injection of photons, which is about an order of magnitude larger than the previous one,

occurs once the sink has accreted≃ 1.7 × 103 M⊙. Similarly to the first injection episode, this region keeps

expanding until it reaches the edge of the simulation box around t ≃ 5400 yr.
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2200 (top right), 4000 (bottom left), and 5400 yr (bottom right) after the sink was

formed. At t ≃ 360 yr, the initially small patches where photons were injected (see

the bottom left panel in Figure 5.1) have grown to an area of radius r ≃ 1 pc, which

subsequently expands to r ≃ 7 pc after ≃ 2200 yr. As seen from Figure 5.1, the sink

particle undergoes a significant accretion episode around that time and, as a result, a

large quantity of photons are injected in the central parts of the cloud. Those photons

from the second injection then form an inner region characterized by a photon num-

ber density roughly one order of magnitude larger than the outer region, which can

be distinguished in the bottom left panel of Figure 5.2. From then on, both the inner

and the outer regions expand independently, reaching the edge of the simulation box

after a few thousand years.

To complement this picture, we present radial profiles of photon number density

at times t ≃ 360 (dark blue solid), 2200 (light blue dashed), 4000 (dark red solid),

and 5400 yr (light red dashed) in Figure 5.3. The initial injection of photons at t ≃

360 yr reaches photon number density values of nγ ≃ 1014 cm−3 in the central parts,

while decreasing to nγ ≃ 106.5 cm−3 at r ≃ 1 pc. This region keeps expanding until

reaching nγ ≃ 105 cm−3 at the border, which, after ≃ 2200 yr, is located at r ≃ 7 pc.

The second photon injection can be distinguished as a bump of almost one order of

magnitude in nγ inside the inner ≃ 7 pc at t ≃ 4000 yr. The expansion of the outer

and inner regions occurs independently, and both of them eventually reach the edge

of the simulation box by t ≃ 4000 yr and t ≃ 5400 yr, respectively. In both regions,
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Figure 5.3: Radial profiles of the photon number density,nγ , for times t ≃ 360 (dark blue solid), 2200 (light blue
dashed), 4000 (dark red solid), and 5400 yr (light red dashed) after the creation of the sink. The first injection
of photons, initially in regions of sizes≲ 0.01 pc, has expanded to r ≃ 1 pc, whilenγ declines from values

≃ 1014 cm−3 at the center to≃ 106.5 cm−3 at the edge. This tendency is maintained≃ 2200 yr after the sink
is formed, in which case the photon number density reaches values≃ 105 cm−3 once the border hasmoved to

r ≃ 7 pc. The dark red solid line shows the second injection of photons, which is about one order of magnitude

larger than the first injection and extends up to r ≃ 7 pc for t ≃ 4000 yr. In both cases the transport of
photons follows a relation of the typenγ ∝ r−2, represented by the black dotted line.
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the transport of photons follows a relation of the kind nγ ∝ r−2 (black dotted line), as

expected for photon advection when it does not interact with the surrounding gas.

5.4 Future directions

The next step is to couple the injection and transport of photons with the primordial

chemistry network. For that we have already added the photo-ionization and recom-

bination reactions (Equations (5.22) and (5.23)) and are in the process of adding the

photo-heating rates (Equation (5.27)). Until this point, we have described how radi-

ation emitted by the central object can ionize hydrogen and form an Hii region, but

other species can be ionized by those photons as well. For instance, utilizing Equation

(5.7) we can also estimate the amount of Hei and Heii ionizing photons produced by a

sink particle of mass M⋆. The modeling of the Heii and Heiii regions resulting of such

interaction would require the addition of the reactions describing photo-ionization

and recombination for those species, accompanied by their respective photo-heating

rates. We plan to implement all these changes in the future to explore how radiative

feedback might affect the growth of SMBH seeds in the early Universe.
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“But it was all right, everything was all right,

the struggle was finished. He had won the

victory over himself. He loved Big Brother.”

George Orwell

6
Conclusions and future directions

Observations of quasars at redshifts z ≳ 6 suggest the existence of SMBHs of masses

≃ 109 M⊙ when the Universe was less than a billion years old. These SMBHs most

likely grew from smaller seeds BHs that formed at redshifts z ≳ 15; however, the ori-

gin of such seeds still remains unclear. One of the most promising pathways of the

formation of massive BH seeds is the direct collapse of metal-free gas in halos of virial
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temperatures Tvir ≳ 104K, so-called atomic cooling halos. In this dissertation we have

investigated the formation of SMBH seeds in the direct collapse scenario. In partic-

ular, we have presented a detailed study of the formation and evolution of a super-

massive protostar at the center of an atomic cooling halo, since its conception with

masses ≃ 0.1M⊙ until it becomes a massive BH seed of ≃ 105 M⊙.

6.1 Summary

In Chapter 2, we describe the formation of a supermassive protostar using high-resolution

hydrodynamical simulations of the collapse of an atomic cooling halo in the early Uni-

verse. At the beginning, during the initial collapse, the gas is shock-heated up to tem-

peratures ≃ 104K, and then it evolves nearly isothermally due to atomic hydrogen

cooling. As the central cloud keeps collapsing and reaches densities nH ≃ 1016 cm−3,

the gas becomes optically thick to H− emission and follows an adiabatic evolution,

which marks the formation of a protostar with mass ≃ 0.1M⊙ and accretion rate

≃ 1M⊙ yr−1. The gas around the protostar settles into a Keplerian disk, which be-

comes gravitationally unstable and fragments into secondary protostars, forming a

protostellar system of 5 - 10 members. Furthermore, the simulation shows the col-

lapse of a second clump a few hundred astronomical units away from the central

clump. The secondary clump is still in the early stages of formation, but if it follows

a similar evolution than the central cloud it might lead to the formation of a wide
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binary system. Regardless of fragmentation and three-body interaction between proto-

stars that momentarily disrupt the central disk, the total accretion rate of the system

remains high at ≃ 1M⊙ yr−1. Based on the high accretion rates reported, we conclude

that fragmentation is not a significant barrier to form at least one massive BH seed.

In Chapter 3, we extend our previous work and analyze the evolution of the proto-

star after the gas has become optically thick to H− radiation. We use two methods

to describe the initial properties of the gas: one based on thermodynamic consider-

ation, and another one using a detailed one-zone model. Both approaches agree on

the characteristic density, nF ≃ 4.6 × 1016 cm−3, mass, MF ≃ 0.045M⊙, and radius,

RF ≃ 0.33AU, of the protostar at that moment. Using the equations for the energy

equilibrium, we derived a mass-radius relation of the type R⋆ ∝ M
1/4
⋆ during the early

stages when accretion dominates, which changes to R⋆ ∝ M
1/2
⋆ once internal sources

of radiation become significant. We then used these relations to derive a physically

motivated sub-grid model to be used in numerical simulations that lack the resolu-

tion to resolve the formation and evolution of the protostar. In particular, we derive

a recipe to calculate the accretion radius of a sink particle inserted at a given thresh-

old density as a function of its mass. For high threshold densities, this prescription

is based on the isothermal profile of the atomic cooling halo, but, as the sink parti-

cle grows in mass, the accretion radius transitions to the Bondi radius. We verify this

model results in an accretion rate ≃ 1M⊙ yr−1, which ensures that the final mass of

the central object is ≃ 105 − 106 M⊙.
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In Chapter 4, we present a suite of six simulations to study the buildup of a SMBH

seed in the early Universe. In order to do that, we limit the resolution of the runs by

setting a threshold density above which the central object is modeled using two tech-

niques: sink particles and an artificially-stiffened equation of state. We then use three

different thresholds to describe the early, intermediate, and late stages in the assem-

bly of the central protostar. All of the simulations present a similar trend during the

initial collapse: the gas is heated up to values below the virial temperature, it follows

a roughly isothermal evolution due to atomic hydrogen cooling, and then a central

object is formed once it reaches the threshold density. We find that the central ob-

ject grows from M⋆ ≃ 10M⊙ to M⋆ ≃ 6 × 104 M⊙, with an average accretion rate

of ⟨Ṁ⋆⟩ ≃ 2M⊙ yr−1 for sink particles, and ≃ 0.8 − 1.4M⊙ yr−1 for the stiff equa-

tion of state. These values are mainly driven by strong gravitational torques acting on

timescales comparable to the free-fall time, which effectively removes angular momen-

tum and feeds gas onto the central object. As the sink accretes mass, it emits ionizing

photons that form an ultra-compact, but subsequently expanding, Hii region around

the protostar. Our estimations suggest that, at the end of the simulations, radiation

has long detached from the stellar photosphere, but has not yet escaped from the host

halo into the intergalactic medium.

Finally, in Chapter 5, we take one further step towards more realistic, self-consistent

simulations by adding radiative transfer to our calculations. We introduce the meth-

ods used to perform radiation-hydrodynamical simulations: photon injection and
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transport, and coupling to the primordial chemistry network. Then, we perform test

runs and show that, as the sink particle accretes mass, the morphology of the region

injected with photons changes from scattered patches of sizes ≲ 0.01 pc to a central-

ized region of size ≳ 0.1 pc. Once we turn advection on, photons expand to the edges

of the simulation box following a relation of the kind nγ ∝ r−2 for the photon number

density. Future simulations with fully-coupled, on-the-fly radiation hydrodynamics

will give a better description of the effects of radiative feedback from SMBH seeds.

6.2 Outlook

This dissertation presents numerical simulations and analytical models that shed light

into the details of the formation of supermassive black hole seeds in the first galax-

ies. Here, we have developed an approach that includes the most important chemical

reactions and cooling processes, but there are many other factors that can influence

the evolution of supermassive protostars. For instance, Glover (2015a,b) has suggested

that the presence of helium might play an important role in the chemical network in

atomic cooling halos. The addition of those reactions might affect the temperature

evolution and impact the accretion rates onto the central object. Future hydrodynam-

ical simulations should include a proper treatment for helium chemistry to get a more

accurate description of the temperature profile of the protostar.

One key factor that can highly influence the development of a massive black hole
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seeds is radiation coming from the central source. In collaboration with Aaron Smith,

we have studied how Ly-α emission can shape the surrounding gas and affect the long-

term evolution (Smith et al. 2017a). Other groups have also explored this kind of ra-

diation and have suggested that it might delay the initial collapse of the halo (Ge &

Wise 2017). Unfortunately, these studies used post-processing routines to analyze and

estimate this effect. Among other effects of radiation emitted by the protostar, we

find the formation of Hii, Heii, and Heiii regions around the central object by ionizing

photons. In Chapter 5 we have outlined the first steps for a full implementation of ra-

diation hydrodynamical simulations that would allow us to study the development of

those regions in detail. Other works have also started to implement radiative transfer

in simulations of the collapse of atomic cooling halos (e.g., Luo et al. 2018; Ardaneh

et al. 2018; Chon et al. 2018). Future fully-coupled, self-consistent simulations includ-

ing an on-the-fly treatment for radiation are needed to improve the current picture of

the formation of SMBH seeds.

Furthermore, we have ignored the effects of magnetic fields so far, which might pro-

vide additional support against gravity and delays the formation of the central proto-

star (Latif et al. 2014b). Hence, besides radiative feedback, more realistic simulations

should also incorporate a treatment for magnetic fields. Ideally, we would like to per-

form such simulations with a resolution high enough to resolve the formation of a

massive protostar and follow its evolution for a few hundred thousand years. In Chap-

ter 2 we showed the limitations of such approach, which forced us to approximate the
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central object using sub-grid recipes in Chapter 4. Therefore, achieving such high res-

olutions in magneto radiation-hydrodynamic simulations will be strongly limited by

the power of computational resources and the speed of the numerical codes used to

model these problems.

Throughout this dissertation we have focused on the direct collapse scenario for the

formation of black hole seeds in the early Universe. Although this seems to be the

most promising pathway, future simulations should also explore other alternatives.

For example, most of the work investigating the collapse of stellar cluster in massive

primordial halos is analytical or using N-body simulations (e.g., Katz et al. 2015).

Similarly, there are theoretical studies that propose the formation of massive black

hole seeds as a consequence of high-velocity mergers (e.g. Mayer et al. 2010; Inayoshi

et al. 2015). Both of these approaches would highly benefit from three-dimensional,

hydrodynamical simulations to confirm or discard their feasibility.

Finally, one fundamental ingredient that is still missing is the direct observation

of signatures from these black hole seeds. Cosmological simulations are an excellent

tool to gain insights on the physical processes governing the formation of these ob-

jects and to make predictions about their observational fingerprints. However, any

result obtained from our numerical experiments will have to be probed with the next-

generation observational facilities, such as the James Webb Space Telescope. Com-

plementarily, a prime target for the Laser Interferometer Space Antenna is the grav-

itational wave signal accompanying the possible merger of binary black holes, which
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would shed light into the process of formation of the first supermassive objects. The

synergy between numerical simulations and observations will ultimately provide a

complete picture of the formation of supermassive black hole seeds in the early Uni-

verse.
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