
Effect of Population III multiplicity on dark star 
formation

Citation
Stacy, Athena, Andreas H. Pawlik, Volker Bromm, and Abraham Loeb. 2012. “Effect of Population 
III Multiplicity on Dark Star Formation.” Monthly Notices of the Royal Astronomical Society, 
January, no-no. https://doi.org/10.1111/j.1365-2966.2011.20373.x.

Permanent link
http://nrs.harvard.edu/urn-3:HUL.InstRepos:41412135

Terms of Use
This article was downloaded from Harvard University’s DASH repository, and is made available 
under the terms and conditions applicable to Other Posted Material, as set forth at http://
nrs.harvard.edu/urn-3:HUL.InstRepos:dash.current.terms-of-use#LAA

Share Your Story
The Harvard community has made this article openly available.
Please share how this access benefits you.  Submit a story .

Accessibility

http://nrs.harvard.edu/urn-3:HUL.InstRepos:41412135
http://nrs.harvard.edu/urn-3:HUL.InstRepos:dash.current.terms-of-use#LAA
http://nrs.harvard.edu/urn-3:HUL.InstRepos:dash.current.terms-of-use#LAA
http://osc.hul.harvard.edu/dash/open-access-feedback?handle=&title=Effect%20of%20Population%20III%20multiplicity%20on%20dark%20star%20formation&community=1/1&collection=1/2&owningCollection1/2&harvardAuthors=d87c12c200c73495b9107254fd12ad88&department
https://dash.harvard.edu/pages/accessibility


Mon. Not. R. Astron. Soc. 421, 894–907 (2012) doi:10.1111/j.1365-2966.2011.20373.x

Effect of Population III multiplicity on dark star formation

Athena Stacy,1,2� Andreas H. Pawlik,2 Volker Bromm2,3 and Abraham Loeb4

1NASA Goddard Space Flight Center, Greenbelt, MD 20771, USA
2Department of Astronomy and Texas Cosmology Center, University of Texas, Austin, TX 78712, USA
3Max-Planck-Institut für Astrophysik, Karl-Schwarzschild-Str. 1, 85741 Garching, Germany
4Department of Astronomy, Harvard University, 60 Garden Street, Cambridge, MA 02138, USA

Accepted 2011 December 9. Received 2011 December 9; in original form 2011 November 7

ABSTRACT
We numerically study the mutual interaction between dark matter (DM) and Population III
(Pop III) stellar systems in order to explore the possibility of Pop III dark stars within this
physical scenario. We perform a cosmological simulation, initialized at z ∼ 100, which follows
the evolution of gas and DM. We analyse the formation of the first minihalo at z ∼ 20 and
the subsequent collapse of the gas to densities of 1012 cm−3. We then use this simulation to
initialize a set of smaller scale ‘cut-out’ simulations in which we further refine the DM to
have spatial resolution similar to that of the gas. We test multiple DM density profiles, and
we employ the sink particle method to represent the accreting star-forming region. We find
that, for a range of DM configurations, the motion of the Pop III star–disc system serves to
separate the positions of the protostars with respect to the DM density peak, such that there
is insufficient DM to influence the formation and evolution of the protostars for more than
∼5000 years. In addition, the star–disc system causes gravitational scattering of the central
DM to lower densities, further decreasing the influence of DM over time. Any DM-powered
phase of Pop III stars will thus be very short-lived for the typical multiple system, and DM
will not serve to significantly prolong the life of Pop III stars.

Key words: stars: formation – stars: Population III – galaxies: formation – cosmology: theory
– dark ages, reionization, first stars – early Universe.

1 IN T RO D U C T I O N

The formation of the first stars was a crucial point in the early Uni-
verse. Believed to have formed at z > 20 within 106 M� minihaloes
(e.g. Haiman, Thoul & Loeb 1996; Tegmark et al. 1997; Yoshida
et al. 2003), these Population III (Pop III) stars began the process of
transforming the Universe from a neutral and metal-free state to the
ionized and metal-enriched state we observe today (e.g. Barkana &
Loeb 2001; Bromm & Larson 2004; Ciardi & Ferrara 2005; Glover
2005; Bromm et al. 2009; Loeb 2010). However, the extent to which
the first stars drove the evolution of the early Universe is highly de-
pendent on their mass, luminosity and effective temperature. While
the eventual mass of the first stars has usually been assumed to be
driven by the cooling and chemistry of the baryons within early
minihaloes, recent work has posed that dark matter (DM) may also
affect the mass and evolution of Pop III stars beyond simply provid-
ing the initial gravitational potential well in which the star-forming
gas first collapses. For instance, Spolyar, Freese & Gondolo (2008)
and Iocco (2008) find that, if DM is composed of weakly interacting
massive particles (WIMPs), energy from DM annihilation may also
play an important role.

�E-mail: athena.stacy@nasa.gov

DM annihilation may first become significant during the initial
collapse of gas within a minihalo. This is due to the growing density
of DM in the centre of the minihalo as it responds to the growing
potential well of the gas, generally termed ‘gravitational contrac-
tion’. Several studies (e.g. Freese et al. 2008a; Spolyar et al. 2008;
Natarajan, Tan & O’Shea 2009) find that gravitational contraction
leads to sufficient DM annihilation to halt the collapse of the primor-
dial cloud before a hydrostatic object has formed, leading instead to
the formation of what has been termed a ‘dark star’, a giant (∼1 au)
star powered by DM annihilation instead of nuclear burning.

Because of the extended nature of these objects, their effective
temperatures are too low to emit ionizing radiation. Depending on
how long gravitational accretion of DM continues, this may allow
for a much longer gas accretion period before the dark star phase
ends, after which the star begins contraction to the main sequence,
and radiative feedback shuts off mass inflow on to the star (e.g.
Spolyar et al. 2009). Iocco et al. (2008) find that the dark star phase
is short-lived, though they did not follow the gradual accretion of
gas on to the stars over time. More detailed work (Ripamonti et al.
2010) even finds that such ‘gravitational accretion’ of DM during
the initial cloud contraction will not halt the gas collapse, so a dark
star of this type does not form. Thus, the initial mass of the first
stars will not be significantly affected. However, other work reaches
different conclusions (e.g. Freese et al. 2008a).
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At later stages, Pop III protostars may continue gathering DM
through continued gravitational accretion as the protostar’s mass
and potential well grows. They may also gain DM through ‘scat-
tering accretion’, a process in which WIMPs scatter off the gas of
the star and become gravitationally bound to it. If the scattering
cross-section between WIMPs and baryons were large enough, and
the resulting capture rate of DM by Pop III stars sufficiently high,
this would prolong the lifetimes of Pop III stars. This is because
hydrogen will burn at a reduced rate while DM annihilation helps
to support the star. Recent work by Sivertsson & Gondolo (2011),
however, finds that this phase of scattering accretion will be very
short-lived, �105 yr, much smaller than the lifetime of the star.

However, the extent to which DM will alter the nature of Pop
III stars depends highly on the DM density profile and the location
of the DM density cusp with respect to the Pop III star. Previous
work has found that a single Pop III star will form at the centre
of a minihalo (e.g. Abel, Bryan & Norman 2002; Bromm, Coppi
& Larson 2002; Yoshida et al. 2006). This is the picture that has
been used by the previous studies of dark stars, and DM effects
are likely to be strongest in this scenario. However, recent work
has found that Pop III stars do not necessarily form in isolation.
Instead of a single stellar peak at the centre of a minihalo, a stellar
multiple system is likely to form (e.g. Clark, Glover & Klessen
2008; Turk, Abel & O’Shea 2009; Stacy, Greif & Bromm 2010,
2011b; Clark et al. 2011a,b; Greif et al. 2011; Smith et al. 2011).
In particular, the calculation by Stacy et al. (2010), which was
started using cosmological initial conditions, found the formation
of a Pop III multiple system within a rotating disc structure of the
order of 1000 au in radius. Recent calculations have furthermore
found disc fragmentation and multiplicity to be robust against both
photodissociating and ionizing feedback from the protostars (e.g.
Smith et al. 2011; Stacy et al. 2011b). Even when allowing for
stellar mergers on unresolved scales, Stacy et al. (2011b) find that
a massive binary remains at the end of their 5000-yr calculation.
This modified picture of Pop III star formation is also robust against
statistical variation of the host minihaloes (Greif et al. 2011).

Only one-dimensional simulations have been used thus far to
study the possible effects of DM annihilation on the first stars.
Three-dimensional effects, in particular stellar multiplicity and mo-
tion of the disc gas, may have important consequences for how
DM and Pop III stars interact in the centre of minihaloes (see dis-
cussion in e.g. Iocco 2011). One may initially guess that a DM
profile could not remain peaked under the gravitational scattering
effects of a star–disc system, and would thus be less prone to scat-
tering accretion on to the stars. As discussed in e.g. Sivertsson &
Gondolo (2011), however, the motion of a star through a DM halo
may enhance its overall accretion rate, particularly for a lower mass
star that would need less DM to be powered as a dark star.

To address these open issues, we perform a three-dimensional
simulation which follows the evolution of a range of peaked DM
density profiles in a minihalo that hosts a Pop III multiple system,
yielding more accurate constraints on the influence of DM anni-
hilation on the nature of the first stars, as well as the influence of
a Pop III star-forming disc on the inner DM profile. Representing
each Pop III star that forms with a sink particle, we follow the gas
and DM evolution for 2 × 104 yr (∼500 free-fall times for our sink
density n = 1012 cm−3), and we record the density of DM within
the sinks as the evolution of the gas and DM profile is followed.
We initialize our simulation such that the maximum DM density is
in the region of the most massive sink, giving an upper limit to the
WIMP annihilation heating rate in this region as the star grows, as

well as the potential for DM capture to prolong the life of the Pop
III star.

In Section 2 we describe the initialization of our simulations. In
Section 3 we present our results, including descriptions of the DM
evolution, the Pop III growth rates and the expected effects of DM
on primordial gas and stellar evolution. We conclude in Section 4.

2 N U M E R I C A L S E T-U P

The numerical simulations were run with GADGET2, a widely tested
three-dimensional N-body and smoothed particle hydrodynamics
(SPH) code (Springel, Yoshida & White 2001; Springel 2005). We
used adaptive gravitational softening for both gas and DM particles,
but with an imposed minimum softening length (see Section 2.2).
The gravitational softening length was thus assigned to each particle
based upon its current density, such that the softening length was
adapted both throughout the simulation box and over time.

A scale over which gravitational forces are ‘softened’ is necessary
when representing a smooth mass distribution with a finite number
of simulation particles. The ideal softening length ε to use in N-
body and SPH simulations has been studied by a number of authors
(e.g. Merritt 1996; Bate & Burkert 1997; Athanassoula et al. 2000).
If ε is too small, the gravitational force between discrete N-body
particles can become arbitrarily large, and computational time-steps
prohibitively small. Unphysically large fluctuations in force among
the finite number of N-body particles will result. If ε is too large,
real features on scales smaller than ε will not be resolved (Merritt
1996). For SPH particles, collapse of Jeans-unstable clumps will be
inhibited if ε is greater than the smoothing length. On the other hand,
setting ε to be less than the smoothing length may result in artificial
fragmentation. In a simulation with a large range of densities, the
ideal ε will not be the same in both dense and diffuse regions.
Varying ε with the smoothing length of each particle provides a way
to avoid the problems of ε values which are too large or small (e.g.
Price & Monaghan 2007; Iannuzzi & Dolag 2011). This does lead
to some extra computational cost in our simulations, however, as
full adaptive softening requires smoothing kernels to be calculated
not only for the SPH particles but also the DM.

Our simulations evolve the central regions of the first minihalo
that formed in a previous, larger scale cosmological simulation. We
furthermore replace the DM from the minihalo with more highly
refined particles, assuming a range of density profiles. The gas from
this region is already resolved down to scales of 50 au. As found
in e.g. Spolyar et al. (2008), Natarajan et al. (2009) and Ripamonti
et al. (2010), our resolution length is the approximate scale at which
the DM annihilation heating rate may first surpass the gas cooling
rate and prevent gas collapse to stellar densities, given a sufficiently
peaked DM profile that is aligned with a single stationary star. Our
simulations thus have sufficient gas and DM resolution to determine
whether this may still be the case within a Pop III star–disc system.
In the following sections, we describe in further detail our numerical
initialization.

2.1 Gas initialization

The gas distribution and its thermal and chemical states were taken
from a snapshot from a previous simulation of Pop III star formation
(Stacy et al. 2010). This earlier simulation was initialized at z =
99 in a 100 h−1 kpc (comoving) periodic box. This was done in
accordance with a � cold dark matter (�CDM) cosmology with
�� = 0.7, �M = 0.3, �B = 0.04 and h = 0.7. To accelerate
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896 A. Stacy et al.

Figure 1. Density of gas and DM as a function of distance from the most
massive sink, as measured from the initial cosmological simulation. Recall
that 1 GeV cm−3 corresponds to 1.7 × 10−24 g cm−3. Blue dots represent
individual gas particles, which roughly follow an r−2 density profile (dashed
line). The solid line denotes the radially averaged DM profile to which the
more refined small-scale simulations were normalized.

structure formation, we used an artificially enhanced normalization
of the power spectrum, σ 8 = 1.4.

This previous simulation employed a standard hierarchical zoom-
in procedure to increase the resolution of the central 20 comoving
kpc (see Stacy et al. 2010 for further details). The most highly re-
solved DM particles had masses of mDM = 0.096 M�. Thus, scales
of �104 au which enclosed �1 M� of DM (∼10 DM particles)
were not well resolved (see Fig. 1). The most highly resolved gas
particles had a mass of mSPH = 0.015 M�, giving a mass resolution
of Mres � 1.5NneighmSPH � 1 M�, where Nneigh � 32 is the typi-
cal number of particles in the SPH-smoothing kernel (e.g. Bate &
Burkert 1997). The gas evolution was then followed until it reached
a maximum density of 1012 cm−3, at which point we implemented
the ‘sink particle’ method. This is a computational technique in
which a small, high-density, gravitationally collapsing region is re-
placed with a single sink particle that will grow in mass as gas
particles continue to fall on to this region. This circumvents the
need to continue following the evolution of the star-forming region
to yet higher densities, which is very computationally expensive,
and allows for a numerical representation of a growing Pop III star.
Our particular implementation of the sink particle method is iden-
tical to that in Stacy, Bromm & Loeb (2011a). In short, we check
each gas particle to determine if it satisfies the criteria d < racc and
jSPH < jcent, where d is the distance of the particle relative to the
sink, racc � 50 au is the accretion radius, jSPH = vrotd is the angular
momentum of the gas particle, vrot is the gas particle’s rotational
velocity, jcent = √

GMsinkracc is the angular momentum required
for centrifugal support, and Msink is the mass of the sink particle.
If these criteria are satisfied, the gas particle is removed from the
simulation, and the mass of the accreted particle is added to that of
the sink. Our sink accretion algorithm also allows for the merging
of two sink particles if the smaller sink satisfies the criteria listed
above.

The gas of the central star-forming region is taken from this pre-
vious simulation at the point immediately after the first sink has
formed. The gas density profile at this point can be seen in Fig. 1.
Depending on the particular DM density profile, we cut out a cen-
tral cube that is either 1 or 20 pc on a side, equivalent to a total
of 3.6 × 104 gas particles (540 M�) and 2.5 × 105 gas particles
(4000 M�), respectively. Note that our cut-out regions contain only
the most highly resolved gas particles from the original cosmolog-
ical simulation, so every gas particle has a mass of 0.015 M�. We
then re-simulate only the cut-out region, excluding the outer less re-
solved regions that were in the full-scale cosmological simulation.
The new cut-out simulations have the same mass resolution as for
the gas (�1 M�) and use the same sink particle technique, but now
include the addition of a peaked DM profile that is resolved on sink
scales and centred on the most massive sink.

Note that the gas in the outer parts of the cosmological simulation
can be safely ignored for our purposes due to the long dynamical
times. The gas at the edge of the cut-out has typical densities of 102–
104 cm−3, corresponding to free-fall times of ∼5 × 105 to ∼5 ×
107 yr. This is over 10 times longer than the length of time over
which we evolve the gas in the cut-outs (20 000 yr). Furthermore, a
rarefaction wave at the cut-out edge could possibly develop due to
the vacuum boundary conditions. However, such a wave will only
travel a distance of cs t ∼ 8500 au, where cs is the gas sound speed
(∼2 km s−1), and the time t is 20 000 yr. This is less than one-tenth
of the half-length of our smallest cut-out.

By adding the highly resolved DM only after the first sink has
formed, we are assuming that DM annihilation did not have a sig-
nificant effect on the gas evolution at low densities and was unable
to halt the gas collapse before it reached densities of 1012 cm−3.
This is consistent with the results of Ripamonti et al. (2010), who
find that up to n ∼ 1014 cm−3 the evolution of temperature with
density will not vary significantly for a range of DM parameters.
They furthermore find that heating through DM annihilation sur-
passes cooling at critical densities of ncrit ∼ 109–1013 cm−3, similar
to the critical densities found by Spolyar et al. (2008) and Natarajan
et al. (2009). However, Ripamonti et al. (2010) find that this will
not halt the continued collapse of the gas, with the exception of a
very brief (∼3 yr) stall in collapse for their most extreme combina-
tion of DM parameters. Instead, the excess heat goes mainly into
dissociating H2, and the continuum-dominated cooling regime be-
gins earlier. Nevertheless, their work was a one-dimensional model,
and future work should confirm that their results would hold in a
three-dimensional study. For our current study, however, we do not
directly follow the gas and protostellar evolution on these sub-sink
scales, and instead aim to constrain the total DM reservoir available
within the sink region of 50 au over the initial accretion phases of
the Pop III protostars. With these uncertainties in mind, our set-up
also allows us to find an upper limit to the mass reached by the
Pop III stars under various DM conditions, since we do not include
the feedback effects of protostellar radiation on the surrounding gas
(e.g. Smith et al. 2011; Stacy et al. 2011b).

2.2 DM initialization

2.2.1 Density initialization

The DM, which was unresolved on sink particle or stellar disc
scales in Stacy et al. (2010), was initialized with two different
density power laws, ρDM ∝ r−2 (‘simulation A’) and ρDM ∝ r−1

(‘simulation B’), with the normalization determined by the total
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Figure 2. Left: enclosed mass Menc versus radius after refinement for simulation A (ρDM ∝ r−2). Right: enclosed mass versus radius for simulation B (ρDM

∝ r−1). Red lines show the Menc profile to which the DM was initialized.

mass of DM found in the corresponding region of the original
simulation. The corresponding profiles of enclosed mass Menc can
be seen in Fig. 2.

The density profiles were generated starting from an initial uni-
form density field. This field was generated by placing particles
at glass-like positions, which was achieved by allowing randomly
placed particles to evolve under an artificial negative gravitational
force until a quasi-equilibrium configuration is reached (White
1996). Note that this method avoids small-scale fluctuations in the
relative distances between particles. This is an improvement upon a
Monte Carlo sampling of the density field, which would be subject
to such Poisson noise.

The particles of uniform density ρ0 can then be transformed to a
power law density ρ̂ ∝ r̂−n through the coordinate transformation
(r, θ, φ) → (r̂ , θ, φ). The new coordinates will satisfy

ρ̂(r̂)r̂2sin θ dr̂ dθ dφ = ρ0r
2sin θ dr dθ dφ, (1)

from which we can derive the relation

r̂ ∝ r3/(3−n), for 0 ≤ n < 3. (2)

We initially align the DM density peak with the gas density peak,
represented by the first sink particle. Fig. 1 shows the initial DM
density profile, taken from the original full-scale simulation, used to
normalize the DM mass in our current calculations. We use density
units of 1 GeV cm−3, which corresponds to 1.7 × 10−24 g cm−3.

We note that our DM initialization also accounts for gravitational
contraction on scales greater than ∼104 au (0.05 pc) during earlier
phases of the central gas and DM evolution. This is because we
normalize the DM mass based on the central DM content built up
in the full-scale simulation only after the gas has collapsed to its
maximum resolvable density. Further gravitational contraction on
scales less than 104 au is not resolved, however, so simulations A and
B are initialized to cover a range of possible DM configurations on
small scales in order to follow the continued gravitational accretion
of DM on to the protostellar regions.

For simulation A, we use 1283 DM particles, and the mass of each
DM particle is slightly smaller than the gas, mDM = 0.01 M�. We
thus normalized the DM density profile to provide a total of ∼2 ×
104 M� of DM enclosed within a 20-pc cube, the same DM mass
found in the corresponding region of the original cosmological sim-

ulation. On these scales, the DM thus dominates over the 4000 M�
of gas enclosed within the same region. We also impose a minimum
softening length of 10 au. For simulation B, we used 2563 DM par-
ticles, each having a mass of mDM = 1 × 10−5 M�. This yielded a
total DM mass of ∼200 M� inside a 1-pc cubical region, the same
DM mass that resided in the central 1 pc of the original cosmologi-
cal simulation. On scales of 1 pc it is the total mass of gas, 540 M�,
that dominates over the DM. However, were the simulation B profile
extended to encompass a larger 10-pc cube, the total enclosed mass
would be a factor of 100 greater, ∼2 × 104 M�, and DM would
dominate the gas on larger scales. In comparison, the same volume
in simulation A holds a similar mass of DM, ∼1 × 104 M�. For
simulation B we use a minimum softening length of 25 au.

A larger particle number was required for this shallower profile
so that the DM could be resolved on scales less than 50 au while
still extending out to distances greater than the stellar disc, which
has a radius of the order of 1000 au. Note that for simulation B,
where ρDM ∝ r−1, the enclosed mass increases as Menc = mDMNpart

∝ r2, where Npart is the total number of DM particles used in the
simulation. We place approximately 15 particles within the central
100 au of simulation B (Fig. 2). Since Npart ∝ r2, this means that a
box size that is 1000 times larger, 105 au, will require a factor of
106 more particles, Npart ∼ 1.5 × 107. This is already close to the
2563 particles available for simulation B, so the half-length of the
box in this case does not extend beyond 105 au (= 0.5 pc), or a total
length of 2 × 105 au (= 1 pc). For this reason, simulation B uses a
box size of 1 pc.

For the ρDM ∝ r−2 profile of simulation A, however, we have
Npart ∝ r. In this case, the inner region is better resolved because
we now have ∼30 particles within only 20 au. To resolve scales 105

times larger than this now requires a factor of 105 more particles
or 3 × 106 particles within 2 × 106 au (= 10 pc). A box with this
half-length will then use all of the available 1283 particles, and for
simulation A the full length of the box is thus 4 × 106 au (= 20 pc).

We test multiple DM profiles since, on these very small scales
(�1 pc), the DM density is still a matter of uncertainty. Many nu-
merical studies have predicted that an inner r−1 DM cusp will form
within galactic haloes (e.g. Navarro, Frenk & White 1996), and that
the total star+DM mass within the central regions will remain sta-
ble to subsequent star formation and mergers (e.g. Loeb & Peebles
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898 A. Stacy et al.

Figure 3. Velocity distribution of DM at the end of simulation A. The solid line is for particles inside 104 au from the central DM peak. The dashed line is
for particles greater than 104 au from the peak. For comparison, the corresponding red lines show the velocity distribution to which the DM was initialized.
Left: ‘no-gas’ case. Right: ‘with-gas’ case. While the velocity distribution is stable for greater than 5 × 104 yr (∼1000 free-fall times for a typical peak DM
density of ρDM = 1012 GeV cm−3) in the ‘no-gas’ case, the interaction between the central DM and the stellar disc in the ‘with-gas’ case has greatly flattened
the velocity distribution within 104 au, while little change occurs beyond the disc at distances greater than 104 au.

2003; Gao et al. 2004). However, analytic and numerical models
of DM evolution during the cooling and infall of baryons find that
adiabatic contraction will further increase the central DM densities
(e.g. Blumenthal et al. 1986; Gnedin et al. 2004). This is in contrast
to observations of galaxies that point to central DM concentrations
that are flat instead of peaked (the widely known ‘cusp-versus-core’
problem, e.g. Moore 1994; Burkert 1995; de Blok, McGaugh & Ru-
bin 2001; Gentile et al. 2005; Spekkens, Giovanelli & Haynes 2005;
Battaglia et al. 2008). The innermost resolved DM of our initial
cosmological simulation in fact shows a profile of approximately
ρDM ∝ r−1.5 (see Fig. 1). Our simulations therefore cover a range
of these possibilities.

2.2.2 Velocity initialization

For a given spherically symmetric density profile, an isotropic dis-
tribution function (DF) for the DM particles can be generated using
Eddington’s formula (Binney & Tremaine 2008, equation 4.46):

f (E) = 1√
8π2

[∫ E

0

d
 ′
√E − 
 ′

d2ρ

d
 ′2 + 1√E

(
dρ

d
 ′

)

 ′=0

]
, (3)

where f (E) is the distribution function in units of mass per phase
space volume, e.g. g cm−3 (cm s−1)−3, and 
 is the relative potential,
which can be set to the negative of the gravitational potential as
measured from the edge of the system. ρ is the mass density of the
system at the given 
, and E is the relative energy of DM per unit
mass. If 
 and the relative energy E are known for a particle, then
its velocity v can be calculated using

v =
√

2(
 − E). (4)

For the input density we assumed the DM profile is cut off at an
outer radius of 10 pc for simulation A and 0.5 pc for simulation B.
We further assume that the profile flattens to a uniform-density core
in the central 5 au, well inside the extent of the sink particles. To
assign velocities to each particle, we first divided the DM profile
into 3000 radial bins, centred upon the densest particle. We then
calculated the relative potential 
 at each bin. Each particle was
assigned the value for 
 corresponding to its bin, and a value for its
relative energy E was randomly drawn from the DF. The amplitude

of the velocity v was then found using equation (4). In Appendix
A, we provide more details about randomly drawing a value of E
from the distribution function f (E).

To determine the velocity component along each Cartesian axis
(vx, vy and vz), we next picked two angles at random, θ and φ

(e.g. Widrow 2000). Given two random numbers p and q ranging
between 0 and 1, we set θ = cos−1(1 − 2p) and φ = 2πq. We used
these angles to map each particle in velocity space, where vx =
v sin θ cos φ, vy = v sin θ sin φ and vz = v cos θ . The resulting
radial velocity distribution can be seen in Figs 3 and 4.

3 R ESULTS

3.1 DM evolution

We describe results for two sets of simulations: ‘simulation A’, in
which the DM was initialized with ρDM ∝ r−2, and ‘simulation B’,
which was initialized with ρDM ∝ r−1.

We first describe simulation A. We initially evolve simulation A
with only DM for ∼50 000 yr (∼1000 free-fall times for a typical
peak DM density of ρDM = 1012 GeV cm−3). The resulting DM
configuration is then used as the initial conditions for the ‘with-gas’
case, in which the gas and the initial sink are placed in the centre
of the DM minihalo and evolved for a total sink accretion time of
tacc ∼ 20 000 yr. In the ‘with-gas’ case, several more sinks form and
a disc of ∼1000 au develops. For comparison, we also evolve the
same halo for another 20 000 yr without gas (the ‘no-gas’ case).

Fig. 3 shows how the distribution of the magnitude of DM radial
velocity evolves for the ‘no-gas’ case compared to the ‘with-gas’
case for simulation A, while the corresponding density evolution
can be seen in Fig. 5. In the ‘no-gas’ case, the velocity distribution
remains stable, as shown by the overlap of the final velocity distri-
bution (black lines in Fig. 3) with the initial velocity distribution
(red lines in Fig. 3). While the velocity distribution is very mildly
dependent upon radius, the inner and outer velocity distributions
are still very similar to each other since the density is nearly an
isothermal profile. The density structure is correspondingly stable,
remaining in an ∝ r−2 profile while forming a small ∼5 M� core
corresponding to the size of the minimum softening length.
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Pop III multiplicity and dark star formation 899

Figure 4. Velocity distribution of DM at the end of simulation B. Notation is the same as in Fig. 3. Left: ‘no-gas’ case. Right: ‘with-gas’ case. The velocity
distribution is stable for greater than 5 × 105 yr (∼100 free-fall times for a typical peak DM density of ρDM = 108 GeV cm−3) in the ‘no-gas’ case. Similar to
simulation A, the interaction between the DM and the stellar disc in the ‘with-gas’ case has greatly flattened the inner velocity distribution.

Figure 5. Evolution of the density structure of DM as measured from the densest DM particle. Red lines are analytic fits to the density profile to which the
DM was initialized. Black lines represent ‘no-gas’ cases, while blue lines represent ‘with-gas’ cases. Dotted lines represent typical density threshold for DM
scattering accretion to support a star, given mwimp = 100 GeV (Freese et al. 2008b; Iocco 2008; Iocco et al. 2008; Yoon et al. 2008; Spolyar et al 2009). Left:
simulation A. The ‘no-gas’ case is shown at 50 000 yr (black dotted line) and after a further 20 000 yr (black dashed line). Also shown is the DM density for
the ‘with-gas’ case after tacc = 10 000 yr (blue dashed triple-dot line) and tacc = 20 000 yr (blue long-dashed line). Right: simulation B at 5 × 105 yr (black
dotted line) and after a further 20 000 yr (black dashed line). The ‘with-gas’ case is shown at tacc = 10 000 yr (blue dashed triple-dot line) and tacc = 20 000 yr
(blue long-dashed line). The central regions are stable in each ‘no-gas’ case. However, the corresponding regions in the ‘with-gas’ case of simulation A has a
lower mass and density due to scattering by the star–disc system over 20 000 yr. In contrast, the ‘with-gas’ case of simulation B sees a temporary increase in
central DM density, but this increase is insufficient to affect the evolution of the primordial gas and by 20 000 yr ρDM has decreased again.

This stability of the density distribution is also shown in Fig. 6,
which displays the mass enclosed within a range of radii at var-
ious times in the simulation. While the ‘no-gas’ case has some
initial mass increase in the innermost regions as the core forms,
it remains stable thereafter. This outcome is expected, since the
minihalo in the ‘no-gas’ case was initialized to be in a stable con-
figuration. In contrast, the ‘with-gas’ case of simulation A shows
significant evolution due to scattering of the central DM by the
star–disc system. The velocity distribution flattens (Fig. 3) and the
central core has slightly less mass than the corresponding region
of the ‘no-gas’ case, though the interaction with the gas is insuffi-
cient to entirely erase the small DM core. Fig. 6 displays how this
decrease of enclosed DM mass also occurs on larger scales of a
few thousand au after several thousand years of interaction with the
central gas.

To determine how the DM evolution in simulation A varies with
resolution, we also performed the same calculation but with a
smaller minimum gravitational softening length of 5 au (simula-
tion A2), and a larger softening length of 50 au (simulation A3). We
find that the DM evolution remains largely unchanged, particularly
for simulation A2 (Fig. 7). In the ‘no-gas’ cases, a small central core
still forms while the density and velocity structures are otherwise
stable for over 50 000 yr. The size of the core scales with the size
of the softening length, and thus was largest for simulation A3. In
each case, scattering by the star–disc system lowers the DM den-
sity and enclosed mass. However, this effect is somewhat different
for simulation A3, in which the large softening length allowed the
small ∼10-M� core to be completely wiped out by the star–disc
system. In contrast, the corresponding core in simulations A and
A2 remained intact but unaligned with any of the sinks.
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900 A. Stacy et al.

Figure 6. Enclosed DM mass versus radius as measured from the densest DM particle. Red lines show the analytic fits to which the DM was initialized. Left:
the ‘no-gas’ case of simulation A at 50 000 yr (black dotted line) and after a further 20 000 yr (black dashed line). Note that these lines overlap. Also shown
is the enclosed DM mass for the ‘with-gas’ case after tacc = 10 000 yr (blue dashed triple-dot line) and tacc = 20 000 yr (blue long-dashed line). While the
enclosed mass within the inner regions slightly increases and stabilizes for the ‘no-gas’ case, the action of the stellar disc in the ‘with-gas’ case causes the
enclosed mass to actually decrease in the inner regions with respect to the evolved ‘no-gas’ case (black), instead becoming relatively more concentrated at
farther distances. Right: the ‘no-gas’ case of simulation B at 5 × 105 yr (black dotted line) and after a further 20 000 yr (black dashed line). Note that these
lines overlap. Also shown in the enclosed DM mass for the ‘with-gas’ case at tacc = 10 000 yr (blue dashed triple-dot line) and 20 000 yr (blue long-dashed
line). Some gravitational contraction of gas can be seen in the inner 104 au at 10 000 yr, but this is insufficient to increase the DM concentration within any of
the sinks, and the DM concentration decreases again by 20 000 yr.

Figure 7. Radial distribution of DM at the end of simulations A2 and A3, which have softening lengths of 5 au (dotted lines) and 50 au (dashed lines). Black
lines are the states of the DM at the end of the ‘no-gas’ cases, after a total of 70 000 yr. Blue lines show the DM at the end of the ‘with-gas’ cases, which
were each run for 50 000 yr with DM only, and another 20 000 yr after addition of the gas. Red lines show the analytical radial profiles to which the DM was
initialized. The left-hand panel shows the density profile, while the right-hand panel shows the profile of the enclosed mass. The initial DM core is largest for
the 50 au case. Regardless of softening length, however, scattering by the star–disc system shifts most of the central DM to lower densities.

On larger scales between 103 and 104 au, the density and enclosed
mass in simulations A and A2 are actually lower than those in
simulation A3. Of particular interest is the higher ambient DM
density of 109 GeV cm−3 within 103 au at the end of simulation
A3. This is largely because the accretion history of the main sink in
simulation A3 is distinct in that, for the latter half of the simulation,
only a single ∼30-M� sink persisted while the other sinks were
lost to mergers. The lack of multiple sinks weakened the rate at
which the surrounding DM was scattered (see Fig. 7), though the
disc gas alone managed to significantly lower the surrounding DM
density. Nevertheless, we find that our results converge for softening
lengths of 10 au or smaller, and even with a larger softening length
the qualitative effects of DM on the gas and protostellar evolution

will still remain unchanged, as will be discussed in Sections 3.3 and
3.4.

The maximum DM density in simulation B is much lower, so
we initially evolve the DM-only set-up for a longer time of 5 ×
105 yr (∼100 free-fall times for a typical peak DM density of
ρDM = 108 GeV cm−3) so that the central DM may still evolve
for many free-fall times. We then add the gas to the resulting DM
configuration and again evolve the simulation for tacc ∼ 20 000 yr
(‘with-gas’ case), and also evolve the DM-only case for another
20 000 yr for comparison (‘no-gas’ case). As shown in Fig. 4, the
DM velocity configuration remains stable for over 5 × 105 yr in
the ‘no-gas’ case, while the inner velocity distribution significantly
flattens for the ‘with-gas’ case. We can also see that, for this DM

C© 2012 The Authors, MNRAS 421, 894–907
Monthly Notices of the Royal Astronomical Society C© 2012 RAS

D
ow

nloaded from
 https://academ

ic.oup.com
/m

nras/article-abstract/421/1/894/991783 by guest on 26 Septem
ber 2019



Pop III multiplicity and dark star formation 901

density profile, the initial velocity distribution differs significantly
depending upon radius. We find that gravitational contraction in
fact leads to an increase in DM density within the central 104 au
over the first ∼10 000 yr, and the power law of the central profile
correspondingly steepens. However, as shown in Fig. 6 and later in
Section 3.3, this gravitational contraction is not sufficient to lead to
significant amounts of DM within the sinks themselves. Scattering
by the motion of the star–disc system prevents the central DM from
maintaining these enhanced densities, and by 20 000 yr it in fact
leads to a decrease again in the central DM densities (Fig. 5). The
enclosed DM mass within the central 1000 au has decreased as well
(Fig. 6).

3.2 Protostellar mass growth

We also compare the growth of the sinks without DM refinement
(‘unrefined’) to that found in simulations A and B (Fig. 8). The
largest sink was from the ‘unrefined’ simulation, which grew to
34 M�. This was still similar to the largest sink masses attained
in simulations A and B, 28 M�. Furthermore, a total of four sinks
remained at the end of simulation A, as compared to three sinks
in simulation B and two sinks in the ‘unrefined’ simulation. In
all three cases, the protostellar system is dominated by a massive
binary where each member has a mass of ∼20–30 M�, and each
case furthermore has a total sink mass of ∼50 M�. The presence of
refined DM thus had minimal effect on the overall gas accretion rate
of the protostars, particularly for the first 5000 yr (∼100 free-fall
times for a sink density of n = 1012 cm−3). Instead, in all cases the
sink accretion rate at early times was similar to that found in e.g.
Stacy et al. (2010, 2011a).

The accretion histories are not all perfectly identical, however.
The early mass growth of the largest sink in each simulation is
largely driven by mergers with other sinks, as is evident by the
steps in mass growth visible in Fig. 8. Thus, even though each
simulation began with identical initializations of the central gas,
the slight changes in the gravitational potential due to the different
DM set-ups were sufficient to cause deviations in the sink merging

Figure 8. Growth of the main sink over time in the various simulations.
The solid line represents the simulation in which the DM was not refined.
The dashed line is taken from simulation A and the dotted line is the result
for simulation B. The final masses reached by the largest sink is similar in
each of the cases, though a merger at 8000 yr causes a somewhat larger final
mass for the ‘unrefined’ case.

Table 1. Formation times, final masses, distances from
the main sink upon initial formation and distances from the
main sink at the final simulation output in simulation A. We
include the sinks still present at the end of the simulation
(20 000 yr).

Sink tform (yr) Mfinal (M�) rinit (au) rfinal (au)

1 0 28 0 0
2 740 17 130 260
3 5540 1.0 850 170
4 9430 0.5 660 5800

Table 2. Same as Table 1, but for sinks remaining at the
end of simulation B at 20 000 yr.

Sink tform (yr) Mfinal (M�) rinit (au) rfinal (au)

1 0 28 0 0
2 330 25 66 600
3 6200 1.0 64 1500

Table 3. Same as Table 1, but for sinks remaining at the
end of the ‘unrefined’ case at 20 000 yr.

Sink tform (yr) Mfinal (M�) rinit (au) rfinal (au)

1 0 34 0 0
2 1160 16 140 840

and growth history. In particular, a merger at around 8000 yr causes
the ‘unrefined’ case to diverge from simulations A and B. The
sink characteristics are summarized in Table 1 for simulation A,
Table 2 for simulation B, and Table 3 for the ‘unrefined’ simulation.
An example of the asymmetric, disc-like structure from which the
sinks accrete is shown for simulation A in Fig. 9.

Figure 9. Gas density structure of the central 10 000 au of simulation A after
tacc = 20 000 yr. The main sink is denoted by the asterisk. Other sinks are
denoted by diamonds. This star–disc system gradually scatters the central
DM to progressively lower densities.
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3.3 DM annihilation heating on sink scales

3.3.1 Methodology of heating rate measurement

We now discuss how we determined the effect of DM annihilation
on the central gas. We record the number of DM particles within
each sink at every time-step, and from this we can estimate the DM
heating rate. This rate approximately is �DM ∝ ρ2

DM〈σav〉/mWIMP,
where 〈σav〉 is the product of the WIMP annihilation cross-section
and relative velocity, averaged over the WIMP momentum distri-
bution, and mWIMP is the mass of a single dark matter WIMP. �DM

has further dependencies upon the energy spectrum of the photons
produced by WIMP annihilation, the scattering of photons within
the gas, etc. (see e.g. Natarajan et al. 2009).

We express the evolution of the DM annihilation heating rate
�DM(t) within the sinks in terms of a reference heating rate �DM0,

�DM(t)

�DM0
= 〈ρ(t)2〉sink

〈ρ(t0)2〉sink
= c(t)

c(t0)

〈ρ(t)〉2
sink

〈ρ(t0)〉2
sink

, (5)

where the brackets indicate a spatial average on the scale of the
sink radius. We choose the reference time t0 to be the time at which
the average DM density within the main sink reaches its maximum,
i.e. 〈ρ(t0)〉sink = max (〈ρ(t)〉sink). The DM clumping factors c(t) ≡
〈ρ(t)2〉sink/〈ρ(t)〉2

sink and c(t0) ≡ 〈ρ(t0)2〉sink/〈ρ(t0)〉2
sink describe the

variance of DM density fluctuations, both resolved and unresolved,
on scales below the sink particle radius at the respective times.

In our simulations we only track the evolution of the average DM
densities within the sinks, 〈ρ(t)〉sink, at high time resolution. On the
other hand, the DM clumping factors are only known for the few
time-steps at which a full output of the simulation data is performed.
We therefore estimate the ratio of DM heating rates using the ratio
of the average DM densities 〈ρ(t)〉2

sink/〈ρ(t0)〉2
sink. This means that

we implicitly ignore that DM clumps on sub-sink scales.
However, even if DM clumps significantly on sub-sink scales,

computing the ratio of DM heating rates using only the average
DM densities is a good approximation if, as one can reasonably
expect, the DM clumpiness on sub-sink scales is largest when the
average DM density within the sink is largest. In this case, i.e. for

c(t) ≤ c(t0), any decrease in the ratio of the squared average DM
densities conservatively underestimates the decrease in the ratio of
DM heating rates, because �DM(t)/�DM0 ≤ 〈ρ(t)〉2

sink/〈ρ(t0)〉2
sink.

Computations of the DM clumping factors on sub-sink scales at
times where a full data output is available confirm the validity of
this assumption.

3.3.2 Evolution of the heating rate

From Natarajan et al. (2009), we find that �DM0 is of the or-
der of 10−8 erg cm−3 s−1. This is the heating rate they found at
20 au (10−4 pc) from the central peak, given the typical inner den-
sity profiles of their ‘fit #2’ where ρDM � 1012 GeV cm−3 at this
distance, and assuming a WIMP mass of mWIMP = 100 GeV. These
inner density profiles are similar to the initial density profile used in
our simulation A, and we can thus assume a similar heating rate at
20 au from the DM peak, which initially lies within our main sink.
Natarajan et al. (2009) find that the DM heating rate will exceed the
gas cooling rate within these inner regions, and due to the similar
DM construction the same applies to sub-sink gas in simulation A.

As the DM density profile evolves, however, the heating rate
evolves as well. As can be seen in Fig. 10, while the heating
rate �DM0 of Natarajan et al. (2009) may apply at early times
for our simulation A, �DM within racc of the two largest sinks
shows a steady decline over their accretion time as the DM cen-
tral peak is scattered away. For the largest sink of simulation A we
see a four order of magnitude drop in heating rate, from 10−8 to
10−12 erg cm−3 s−1 by 5000 yr (∼1000 free-fall times for a typi-
cal peak DM density of ρDM = 1012 GeV cm−3), and to zero by
20 000 yr. This same zero heating rate was measured at the end of
simulations A2 and A3.

More precisely, a measured heating rate of zero is simply a lower
limit, as the sinks could lie within regions of DM with densities
as high as ∼1010 GeV cm−3 without the discrete DM particles
of the simulation falling within the sink radius, thus yielding a
zero measurement when the physical heating is small but non-zero.
Even at 1010 GeV cm−3, however, the annihilation heating rate

Figure 10. The relative DM heating rate, approximated to be 〈ρ(t)〉2
sink/〈ρ(t0)〉2

sink (black lines), within the two largest sinks over the 20 000 yr of accretion
followed in the simulation. The DM capture rate, taken as 〈ρ(t)〉sink/〈ρ(t0)〉sink (blue dotted lines), is also shown for the largest sink. Relative heating and
capture rates are measured with respect to the highest rate attained within the largest sink. Left: simulation A (�DM0 ∼ 10−8 erg cm−3 s−1). Right: simulation
B (�DM0 � 10−14 erg cm−3 s−1). Solid lines denote the heating rate for the most massive sink, the dashed lines denote the second-most massive sink and the
dash–dotted line shows a representative small (∼1 M�) sink. While there is some oscillation of the DM density and heating rate within the main sink, there
is a steady decline as the star–disc system evolves and disrupts the initial high DM concentration. �DM within the second largest sink stays steadily small in
simulation A.
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Pop III multiplicity and dark star formation 903

Figure 11. Evolution of the time-averaged relative heating rate within the sinks, 〈ρ(tacc)〉2
sink/〈ρ(t0)〉2

sink, where 〈ρ(t0)〉2
sink is the square of the maximum

average density attained by the largest sink of the simulation. Left: simulation A. Right: simulation B. Solid lines denote the most massive sink, the dashed lines
denote the second-most massive sink and the dash–dotted line is for a representative small (∼1 M�) sink. The sink and DM density peak are initially aligned.
At early times in simulation B, gravitational contraction causes a further increase in peak DM density by a factor of ∼10. This increase is later reversed through

gravitational scattering. As the amount of sub-sink DM particles declines towards zero in both simulations, 〈ρ(tacc)〉2
sink declines to an order of magnitude

below 〈ρ(t0)〉2
sink.

becomes negligible. Furthermore, the distance between the densest
DM particle and the main sink has grown to ∼104 au by the end of
simulation A. Fig. 5 shows that at these distances the DM densities
are much lower than 1010 GeV cm−3 at 20 000 yr, and were in
fact lower than this even at the beginning of the simulation. Even
without any change of the DM profile from its initial configuration,
the motion of the sinks from the DM peak was sufficient to severely
mitigate DM heating within the sinks. With the flattening of the DM
profile, however, DM heating would not become significant unless
the sinks again moved to within ∼100 au of the DM peak. Such
realignment is not seen in the simulation, however, due to the orbital
motion of the star–disc system.

We note that for a smaller WIMP mass, e.g. mWIMP = 10 GeV,
�DM will be a factor of 10 greater. In this case, the DM heat-
ing rate over the first 5000 yr evolves from approximately 10−7 to
10−11 erg cm−3 s−1 at 20 au from the sink’s centre (see a discussion
in Natarajan et al. 2009). This roughly corresponds to �DM falling
from 10 times the gas cooling rate to 1000 times smaller, given a
gas density of 1012 cm−3. The cooling rate is even greater for denser
gas closer to the centre of the sink, while the ambient DM density
and heating rate within the sink will continue to decline over time.

Along with the instantaneous relative heating rate shown in
Fig. 10, we also compare the time-averaged heating rate �DM,avg

in Fig. 11, which for each time-step was calculated as the average
of the relative heating rate up to the given time in the simulation,
〈ρ(tacc)〉2

sink/〈ρ(t0)〉2
sink, where

〈ρ(tacc)〉2
sink = 1

tacc

∫ tacc

0
〈ρ(t)〉2

sink dt . (6)

Because the presence of DM within the sinks declines until no DM
is left in these regions by the end of the simulation, the average
heating rate over the first 20 000 yr is an order of magnitude less
than its value at the beginning of the simulation. A very similar
trend of DM heating rates which rapidly decline to a measured
zero value is also seen for both smaller and larger resolution scales
(simulations A2 and A3).

We also note that a few of the sinks formed later in simulation
A initially developed within the persistent ∼5 M� DM core. This
can be attributed to the gravitational enhancement in this region.
A typical example of the evolution of the DM heating rate within
such a sink is shown as the dash–dotted line in Fig. 10. The motion
of the sink through the disc causes a separation between the sink
and the DM peak after less than 5000 yr, and the DM heating rate
correspondingly declines. Thus, even when a sink is formed in the
location most conducive to DM heating and accretion, large DM
heating rates powered by gravitational accretion will be very short-
lived compared to the lifetime of the star.

Even when the softening length was varied in simulations A2
and A3, the results were quite similar. The DM heating rate within
the main sink dropped three to four orders of magnitude after
∼10 000 yr, and no DM particles were present within the sink radius
by ∼20 000 yr. However, the phenomenon of small sinks forming
within the small DM core did not occur for the large softening length
of simulation A3, so this may simply be a numerical effect. It is
furthermore interesting that in simulation A3, which had only one
sink in the latter 10 000 yr, the motion of the disc gas and the single
sink alone was sufficient to significantly decrease the influence of
DM. Though there may still have been multiplicity in simulation A3
on unresolved sub-sink scales, this result shows that disc formation
and subsequent gas rotation can minimize DM effects even without
stellar multiplicity. However, Figs 5 and 7 show that the reduction
in DM densities between distances of 103 and 104 au from the DM
peak is strongest in the case of a multiple system.

For the largest sink of simulation A, we thus find that DM heat-
ing may be important for ∼5000 yr, and gravitational accretion of
DM will end prior to 20 000 yr. After this point the DM peak is
well over 50 au away from the protostar, beyond the edge of the
sink. Note that in determining this time estimate we did not ac-
count for loss of DM from the simulation after it entered the sink
region and possibly underwent annihilation. The total mass of DM
within the whole simulation box thus never decreased, keeping the
central DM potential at a maximum. We estimate the mass-loss
of DM through annihilation using the above-quoted heating rate,
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10−8 erg cm−3 s−1, which was found assuming 〈σav〉 = 3 ×
10−26 cm3 s−1 (Natarajan et al. 2009). If DM within a sphere of
radius 20 au were lost at this rate over a period of 20 000 yr, this
would correspond to a total DM mass-loss of �10−7 M�. This is
a negligible effect, even considering that the true mass-loss may be
several times higher than this since annihilation does not heat the
gas with perfect efficiency. The WIMP annihilation cross-section is
thus unimportant compared to gravitational scattering in determin-
ing the evolution of the DM density and heating rate.

For the lower DM densities of simulation B, typical heating rates
within the main sink should be much lower, and we find the heating
rates should never become significant to the thermal evolution of
the gas. The initial DM density profile of simulation B most re-
sembles the shallowest profile of ‘fit #1’ in Natarajan et al. (2009),
where ρDM � 108 GeV cm−3 at 20 au from the peak. In this case,
�DM(t)/�DM0 does not start at a value of one because the maximum
heating rate �DM0 is not reached until tacc ∼ 1000 yr. The sink and
DM density peak are initially aligned, and gravitational contrac-
tion causes the DM peak to increase in density by another factor
of ∼10 for the first 1000 yr. Given the highest attained density of
∼109 GeV cm−3 at 20 au from the peak, this corresponds to �DM0 �
10−14 erg cm−3 s−1 (Natarajan et al. 2009). Even when the similar
DM profile is extrapolated to nearly protostellar scales in Natarajan
et al. (2009), the heating is still not great enough to influence the
gas collapse. Increasing �DM0 a factor of 10 by assuming a smaller
WIMP mass of mWIMP = 10 GeV still yields a heating rate several
orders of magnitude lower than the cooling rate of gas within the
sink.

As the gas and DM evolve in simulation B, this remains the
case. The right-hand panel of Fig. 10 shows that the heating rate
within the two largest sinks does not grow after tacc ∼ 1000 yr.
There is no further increase through e.g. gravitational contraction.
The growth of 〈ρ(t)〉sink instead halts, and is later reversed. By
5000 yr, �DM,avg/�DM0 begins a steady decline (Fig. 11). Similar to
simulation A, the distance between the densest DM particle and the
main sink has grown to ∼104 au by the end of the simulation. Thus,
for this particular DM configuration, we find that DM annihilation
heating will not play a significant early role in the formation of
massive Pop III stars. We next discuss the possible longer term
effects of DM scattering accretion.

3.4 DM scattering accretion on stellar scales

The rate at which DM will be captured by the star through scattering
is roughly proportional to the DM density in the vicinity of the star
(e.g. Iocco 2008; Iocco et al. 2008). Thus, the DM scattering rate
and the capture rate will evolve with ρDM, so we roughly calculate
the evolution of the capture rate C as C ∝ 〈ρ(t)〉sink/〈ρ(t0)〉sink (blue
lines in Fig. 10). After 5000–10 000 yr, the capture rate drops to
10−2–10−3 of the maximum value, and for both cases the measured
value for C drops to zero by 20 000 yr. We again note that this is a
lower limit and that C may simply be small but non-zero. We give
further estimates for the true physical values of C below.

While the capture rate will be greatly reduced as the stars move
to lower density regions of DM, we also note that this rate depends
on the velocity v∗ of the stars themselves with respect to the DM
halo. This dependence on velocity has been calculated by Gould
(1987) and also discussed in Iocco et al. (2008), though we note
a separate study of scattering accretion by Sivertsson & Gondolo
(2011) which accounts for the fact that the concentrated DM is
gravitationally bound to the star and assumes that the star does not
move through the DM halo. The equation as determined by Gould

(1987) is

C = 4π

∫ R∗

0
dR R2 dC(R)

dV
, (7)

where

dC(R)

dV
=

(
6

π

)1/2

σ0v̄A4
n

ρ∗
Mn

ρDM

mWIMP
,
v2(R)

v̄2
F (8)

and F is defined as

F = 1

2ηA2

{(
A+A− − 1

2

)
[χ (−η, η) − χ (A−, A+)]

+ 1

2
A+e−A2− − 1

2
A−e−A2+ − ηe−η2

}
, (9)

and

A2 = 3v2(R)μ

2v2μ2−
, A± = A ± η, η =

√
3v2∗
2v̄2

,

χ (a, b) =
∫ b

a

dy e−y2 =
√

π

2
[erf(b) − erf(a)]. (10)

R∗ is the stellar radius, σ 0 is the WIMP–proton elastic scattering
cross-section, An is the atomic number of stellar nuclei, Mn is the
atomic mass of stellar nuclei, v̄ is the WIMP velocity dispersion,
v(R) is the escape velocity at a given radius R inside the star, μ =
mWIMP/Mn and μ− = (μ− 1)/2. As discussed in e.g. Freese, Spolyar
& Aguirre (2008b), for v∗ = 10 km s−1, mWIMP = 100 GeV and v̄ =
10 km s−1, the stellar velocity-dependent part of the capture rate
(the factor F) amounts to a value of the order of one. For example,
given a 30 M� star that has contracted to 5 R�, if the star’s motion
through the disc leads to a change in v∗ from 1 to 10 km s−1, then
F increases from 0.24 to 1.6. This corresponds to an increase in the
capture rate by a factor of ∼7 due to increased velocity of the star
through the DM halo. Iocco et al. (2008) provide a simple estimate
for the above capture rate given flat central DM and stellar density
profiles, and also assuming that v∗ = v̄ = 10 km s−1, values which
apply well to simulation A. This leads to their simplified expression:

C = 9.2 × 1047 s−1

(
M2

∗
R∗

) (
ρDM

1011 GeV cm−3

)

×
( σ0

10−38 cm2

) ( mWIMP

100 GeV

)−1
. (11)

An initial estimate for the scattering accretion rate can be made
with the above equation, in which M∗ is the protostellar mass in
solar masses, and R∗ is the protostellar radius in cm. We estimate
M∗ = 30 M�, R∗ = 7 × 1012 cm (100 R�), ρDM = 1014 GeV cm−3

and mWIMP = 100 GeV. For σ 0 we use the spin-dependent cross-
section of 10−38 cm2, consistent with experimental upper limits for
100 GeV WIMPS as found by e.g. Desai et al. (2004) and Angle
et al. (2008), though we note that more recent results from Behnke
et al. (2011) find slightly higher upper limits of ∼7 × 10−38 cm2.
From this we find a capture rate of 1041 s−1. For 100 GeV DM
particles, this corresponds to a total captured DM mass of 10−3

M� over 5000 yr, and a luminosity from DM annihilation of LDM

∼ 2 × 1040 erg s−1 (=5 × 106 L�). A large but brief luminosity,
similar to that described in Sivertsson & Gondolo (2011) despite
their different method of calculation, may then be possible. We
again point out, however, that the initial DM capture rate drops to
�10−2 of the initial value by ∼10 000 yr. This estimate also shows
that, because DM is expected to account for only a small fraction
of the protostellar mass itself, this effect was safely neglected when
following the mass growth of the sinks.
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Over longer periods of time, the stars may continue accreting
DM at very reduced rates throughout their main sequence. This
includes the small, ∼1 M�, stars that would need less DM to be
supported by DM annihilation. There is a ∼104 au DM core of
107 GeV cm−3 at the end of simulation A, and a similar core at
the end of simulation B. If this core is stable, this would yield a
long-term scattering accretion rate of 1033 s−1 for main-sequence
stars with M∗ = 1 M� and R∗ = 1 R�, or a luminosity from DM
annihilation of LDM ∼ 2 × 1032 erg s−1 (=5 × 10−2 L�), insufficient
to power the star. Larger stars with M∗ = 30 M� and R∗ = 5 R�
will have a long-term scattering accretion rate of 2 × 1035 s−1, and a
luminosity of LDM ∼ 4 × 1034 erg s−1 (= 10 L�), again insufficient
to power a massive star. For the higher ambient DM density of
109 GeV cm−3 at the end of simulation A3, which had a larger
50 au softening length, this would lead to a luminosity of 103 L� for
the single 30-M� star in this simulation, still a negligible fraction
of the typical main-sequence luminosity of such a star (∼5 × 105

L�; e.g. Hosokawa, Yorke & Omukai 2010).
Though the precise protostellar evolution is unresolved, and

though the contraction of the protostar may indeed be temporar-
ily delayed through DM heating, simulation A shows that the initial
influence of DM on the protostar will end once the star has grown
to ∼30 M�. Any DM that may have been incorporated on to the
protostar early on will be quickly used up as an energy source
for the protostar, while later scattering accretion will be minimal.
Natarajan et al. (2009) estimate that the initial DM supply will be
exhausted by ∼105 yr, after which the protostar will subsequently
undergo Kelvin–Helmholtz contraction on to the main sequence as
usual. More precisely, they estimate the depletion of tdep of DM to
be

tdep = ρDM

ρ̇DM
� mWIMP

ρDM〈σav〉

= 102 Myr
( mWIMP

100 GeV

) (
ρDM

1012 GeV cm−3

)−1

. (12)

Compressing the total accreted DM mass calculated above,
10−3 M�, to the size of the protostar (100 R�) would yield a
slightly higher DM density of ρDM = 1015 GeV cm−3. This would
indeed correspond to a depletion time-scale of ∼105 yr, significantly
shorter than the expected Pop III lifetime of several Myr. If we de-
termine a power-law fit to the latter 10 000 yr of mass growth of
simulation A’s largest sink, we find M∗ ∝ t0.071. Extrapolating to
∼105 yr, we find that the star will have only grown to 32 M� by the
time the DM is depleted and the protostar can contract to the main
sequence. Even if this depletion time were increased by a factor
of 10 such that t � 106 yr, the star will only grow to ∼40 M� in
this time, given the same extrapolation. With so little late-time DM
scattering accretion, DM annihilation of the small amount of mass
gathered early on is therefore unlikely to extend the gas accretion
time of the typical Pop III star long enough to significantly alter the
final stellar mass.

While the stars should spend most of their time in the large low-
density DM core, we have thus far neglected the possibility that
the sinks will realign with the smaller, high-density DM core (see
Fig. 5) at some points during their orbit through the disc. Were a
∼100 au region of 1010 GeV cm−3 to persist, a star going at an
average relative speed of 10 km s−1 would pass through the dense
region in 50 yr, very briefly enhancing the luminosity up to 50 and
104 L� for a 1 and 30 M� star, respectively. This is less than
one-tenth of the main-sequence luminosity of the most massive
stars in our simulations, but is much more significant for stars of
∼1 M�. However, considering that the stellar orbits through the

disc typically cover a radius of 1000 au, the area covered by >1010

GeV cm−3 DM relative to the stellar orbital area is a factor of 10−2,
so periods of high DM luminosity should not represent a significant
portion of the stellar lifetime.

4 D I S C U S S I O N A N D C O N C L U S I O N

We performed multiple N-body and SPH simulations with GADGET2
to examine the mutual interaction between Pop III stellar discs
and central DM cores. Our results are highlighted in Fig. 10. We
find that the motion of the Pop III star–disc system will cause a
flattening of the central DM peak. This also causes a separation
between the location of the sinks and the DM peak of ∼104 au,
so that after a few thousand years DM will not be dense enough
to have an effect on the evolution of the gas and protostars within
the sinks (Figs 5 and 10). For the steeper profile of simulation A,
we find that even if the DM density profile were unaltered from its
initial set-up, the relative distance between the sinks and the DM
peak is large enough that the DM will be too diffuse to affect the
sub-sink gas and stellar evolution. The observed flattening of the
profile, however, allows the sinks to be as close as �100 au from
the DM peak while still avoiding significant DM influence, though
such close distances are not seen in the latter part of the simulation.
DM is even less influential in the shallower profile of simulation
B. Our results show that Pop III stars will grow and contract to
the main sequence largely unaffected by DM, and the final stellar
masses will most likely reach only a few tens of solar masses.

Previous studies of Pop III dark stars have not considered their
formation in the context of a disc and stellar multiple system, and
none of these studies has utilized three-dimensional calculations.
Other one-dimensional studies by e.g. Freese et al. (2008a) and
Spolyar et al. (2009) found that, given a stationary star in the cen-
tre of a minihalo, gravitational accretion of DM will be prolonged,
providing a sufficient power source to delay protostellar collapse
for ∼106 yr. This is in contrast to the abbreviated period of DM in-
fluence found in our scenario of a stellar multiple system (�104 yr).
Iocco et al. (2008), on the other hand, find that collapse will be de-
layed by gravitational accretion of DM only for ∼103–104 yr, more
consistent with the time-scales found in our work, though their
calculation did not account for continued gas infall on to the star.

Perhaps even more crucial, however, is the rate and prolongation
of scattering accretion of DM after the protostar has begun con-
traction to the main sequence. Previous studies (e.g. Freese et al.
2008b; Iocco et al. 2008; Yoon, Iocco & Akiyama 2008; Spolyar
et al. 2009) have suggested that dark stars may survive indefi-
nitely through scattering accretion if the surrounding DM medium
remains sufficiently dense, usually ρDM > 1010–1011 GeV cm−3.
These studies were unable to address how long such high densities
could survive, however, as they could not address the evolution of
the DM structure under halo mergers, further star formation, etc. We
find, however, that within a Pop III multiple star–disc system, the
ambient DM density will rapidly decline, such that ρDM becomes
too low to sustain Pop III stars after only a few thousand years
(Fig. 5).

We note that we did not include a DM heating term in our sim-
ulations, and we initialized the simulations only after the gas had
already collapsed to high density. Thus, we did not address how DM
heating affects the initial baryon collapse before reaching sink den-
sities. However, this has also been addressed with one-dimensional
calculations (e.g. Spolyar et al. 2008; Natarajan et al. 2009;
Ripamonti et al. 2010). These studies all found that DM annihi-
lation heating will eventually dominate cooling at high densities
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(n ∼ 1012 cm−3), scales unresolved in our study. Earlier work as-
sumed that this would halt the protostellar contraction and extend
the protostellar accretion time. However, the most recent and de-
tailed study by Ripamonti et al. (2010) finds that the collapse and
thermal history of the gas will be relatively unaffected even under
the dominance of DM heating. Nevertheless, performing similar
calculations in three dimensions is an important task for future
work. It will furthermore be important to self-consistently follow
the contraction of DM to small, nearly protostellar scales, particu-
larly to better constrain the inner DM density profile. We could only
parametrize this in the current calculation. The results we present
here, however, demonstrate that even if Ripamonti et al. (2010) have
underestimated the typical effect of DM on the collapse of gas to
high densities, the multiplicity of Pop III stars leads to yet another
way that the influence of DM will be rapidly mitigated.

Our results are also consistent with constraints to the reioniza-
tion history provided by the Wilkinson Microwave Anisotropy Probe
(WMAP) and observations of the Gunn–Peterson trough, since a
population of highly massive dark stars (∼1000 M�) only fits
these constraints under a particular scenario of double reionization
(Schleicher, Banerjee & Klessen 2009). On the other hand, Scott
et al. (2011) find that highly massive dark stars can be made con-
sistent with our knowledge of reionization history by modifying
other parameters of reionization models such as the star formation
efficiency within haloes and the escape fraction of ionizing radia-
tion. As discussed in e.g. Schleicher et al. (2009) and Yuan et al.
(2011), a lack of such a dark star population also relaxes constraints
on models and rates of DM annihilation set by the X-ray, γ -ray
and neutrino observations in the cosmic background and the Milky
Way (e.g. Ullio et al. 2002; Knödlseder et al. 2003; Beacom, Bell
& Mack 2007; Yüksel et al. 2007; Mack et al. 2008).

In addition, our results easily fall in line with further constraints
discussed in Zackrisson et al. (2010a), who find that current survey
data, including those from the Hubble Space Telescope, already
reveal that 107-M� dark stars at z ∼ 10 must be exceedingly rare
and also unlikely to be observed by the James Webb Space Telescope
(JWST). However, lower mass dark stars are still not ruled out by
observations, and JWST may be able to detect these through the aid
of gravitational lensing by foreground galaxy clusters (Zackrisson
et al. 2010b).

The disruption of central DM cusps on larger scales by bary-
onic motion and stellar feedback has been studied extensively
(e.g. El-Zant, Shlosman & Hoffman 2001; Gnedin & Zhao 2002;
Mashchenko, Couchman & Wadsley 2006; Governato et al. 2010;
Cole, Dehnen & Wilkinson 2011). Earlier work has found that the
transfer of energy from the baryons to DM through gravitational in-
teraction can indeed flatten the central DM density profile, and our
work shows similar results on stellar disc scales. In short, we expect
that previous studies of Pop III star formation lost little accuracy
due to exclusion of DM annihilation effects at high densities. We
furthermore do not expect to detect either low-redshift Pop III stars
whose lifetimes have been extended through accretion of DM or
Pop III stars that have grown to extremely large masses due to a gas
accretion phase that was extended through DM annihilation effects.
This is because the influence of DM on Pop III stars will already
end well before the stars have reached more than a few tens of solar
masses.
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A P P E N D I X A : D R AW I N G F RO M T H E
D I S T R I BU T I O N F U N C T I O N

We here describe in more detail how we randomly draw a value
of relative energy E from the distribution function f (E). For a
given density profile ρ(r) we generate a function 
(r), where r
is the distance from the centre of the spherically symmetric DM
structure. We set


(r) = −�(r) + �0, (A1)

where � is the gravitational potential and �0 is a normalizing
constant. We determine �(r) over the range 0 < r < R, where R is
the radius of the entire DM structure, and

�(r) = −4πG
1

r

∫ r

0
ρ(r ′)r ′2 dr ′. (A2)

We also set

�0 = −4πG
1

R

∫ R

0
ρ(r ′)r ′2 dr ′, (A3)

so that 
(r = R) is zero. Once 
 is known for the relevant range
of radii and densities, this can be plugged into the expression for
f (E). We compute f (E) over 3000 logarithmically spaced values
of E , from 0 ≤ E ≤ 
max, where 
max = −�0.

When assigning velocities to each particle, we first determine
the value for 
 based upon the particle’s radial distance r from the
centre of the DM structure. For the range of E values we furthermore
determine the probability P (E ≤ E0) that the DM particle will have
a relative energy E ≤ E0 for the given 
.

Recall from Binney & Tremaine (2008) that we are defining the
distribution function such that

ρ(r) =
∫

f (r, v) d3v. (A4)

Because we have a spherically symmetric system, and given that
v = √

2(
 − E), we can also write

ρ(
) = 4π

∫
f (
, v) v2 dv

= 4π

∫ 


0
f (E ′)

√
2(
 − E ′) dE ′.

(A5)

From this, we derive the following expression for determining
P (E ≤ E0):

P (E ≤ E0) = 4π

ρ(
)

∫ E0

0
f (E ′)

√
2(
 − E ′) dE ′. (A6)

P (E ≤ E0) is only considered over the range 0 ≤ E ≤ 
, such that
P (E > 
) = 0.

We furthermore normalize P (E ≤ E0) according to Pnorm(E ≤
E0) = P (E ≤ E0)/N (
), where

N (
) = 4π

ρ(
)

∫ 


0
f (E ′)

√
2(
 − E ′) dE ′. (A7)

The N(
) normalization factor ensures that the total probability
over 0 ≤ E ≤ 
 will sum to one.

With Pnorm determined, we next generate a random number pE
between 0 and 1. Finally, we find the value of relative energy E0 such
that Pnorm(E ≤ E0) = pE . The particle is set to this E0, and velocity
of the particle is then determined as described in Section 2.2.
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